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Resumen

Uno de los principales mecanismos de formación de discos es la acreción de
gas desde el medio intergaláctico (IGM; también llamada cold-flow). El gas
acretado alimenta y es responsable de la formación estelar en las galaxias. La
necesidad de este suministro de gas externo es evidente en las simulaciones
numéricas, sin embargo, ha sido bastante dif́ıcil de confirmar observacional-
mente. Esta tesis se centra en el estudio de galaxias extremadamente pobres
en metales (XMP), en las que el gas que forma las estrellas tiene una metalici-
dad inferior a una décima parte de la metalicidad solar. Son relevantes en este
contexto porque las XMPs parecen estar atravesando actualmente un evento
de acreción de gas. El objetivo de esta tesis es investigar objetos que puedan
indagar en este proceso de acreción de gas en el Universo local, y explorar varias
posibilidades para restringir sus propiedades a través de observaciones.

Estudio las propiedades cinemáticas de 9 XMPs para saber si sugieren un
evento reciente de acreción de gas. Derivo curvas de rotación y dispersión de
velocidad a partir de los parámetros de la ĺınea principal de Hα, obteniendo
que las XMPs presentan movimientos turbulentos mayores que las velocidades
de rotación, y que las regiones HII parecen moverse de manera coherente. Las
alas de la ĺınea de Hα presentan unas débiles componentes en emisión que
parecen ser producidas por la expansión de estructuras en forma de concha.
Del análisis de estas componentes, obtengo masas de gas, tasas de pérdida
de masa y fracciones de masa arrastrada. Resulta que las XMPs son muy
ineficientes en el uso del gas para formar estrellas, esto se demuestra por las
grandes fracciones de masa arrastrada que mido. Los flujos de salida de gas
deben compensarse con flujos de entrada de gas.

Busco candidatos de galaxias locales para detectar a su alrededor el medio
circumgaláctico (CGM) y el IGM. Para ello, busco galaxias con estructuras
no simétricas respecto al eje mayor de la galaxia en las imágenes profundas
del proyecto IAC Stripe 82 Legacy Project. Las más interesantes primero se
seleccionaron y luego se clasificaron según criterios morfológicos. Una de ellas
fue seleccionada para una observación como prueba de concepto utilizando el
Gran Telescopio Canarias (GTC). La observación se basó en la obtención de
imágenes profundas para detectar la emisión débil y difusa de Hα en el CGM
de la galaxia. La estrategia de observación y el proceso de reducción estuvieron
orientados a reducir el ruido producido por la emisión del cielo, que es nuestro
principal obstáculo. Detecto objetos con ĺıneas de emisión alrededor de la XMP.
La distribución de estos objetos no es uniforme al tener direcciones preferidas.
También detecto un halo de emisión de bajo brillo superficial alrededor de la
XMP. Analizo estas detecciones en términos del gas en el CGM y el IGM.
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Como hay galaxias que están atravesando eventos de acreción de gas, de-
beŕıa haber galaxias entre esos eventos. Galaxias que comparten las propiedades
de un anfitrión de XMP pero sin un estallido de formación estelar pobre en me-
tales. Estas galaxias eran desconocidas hasta ahora. Analizo los espectros de
GTC de la galaxia ultra-difusa UGC2162 que muestra todas las propiedades
para ser una de esas galaxias.
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Summary

One of the main mechanisms of disk formation is accretion of gas from the
intergalactic medium (IGM; the so-called cold-flow accretion). The accreted
gas fuels and is responsible for the star formation in galaxies. The need for
this external gas supply is clear in numerical simulations, however it has been
quite difficult to confirm observationally. This thesis is focused on the study
of Extremely Metal-Poor (XMP) galaxies, where the star-forming gas has a
metallicity smaller than a tenth of the solar metallicity. They are relevant in
this context because XMPs seem to be undergoing a gas accretion event at
present. The aim of this thesis is to investigate objects that could shed light
into the process of cold-flow accretion in the local Universe, and to explore
various possibilities to constrain it observationally.

I study the kinematic properties of 9 XMPs in order to know if they suggest
a recent gas accretion event. I derive rotation curves and velocity dispersion
from the parameters of the main Hα line, obtaining that XMPs present tur-
bulent motions larger than the rotational velocities and that the HII regions
appear to move coherently. The wings of Hα present faint emission features
that seem to be produced by expanding shell-like structures. From the analysis
of these components, I derive gas masses, mass loss rates, and mass loading
factors. It turns out that XMPs are very inefficient at using the gas to form
stars, this is evidenced by the large mass loading factors that I measure. Large
outflow rates have to be balanced by large inflow rates.

I look for local galaxy candidates to detect around them the circumgalac-
tic medium (CGM) and the IGM. I search for galaxies with non-axisymmetric
structures in the deep images of the IAC Stripe 82 Legacy Project. The most
interesting ones were first selected and then classified according to morpholog-
ical criteria. One of them was selected for a proof-of-concept observation using
GTC (Gran Telescopio Canarias). The observation consisted in deep imaging
to detect faint diffuse Hα emission in the CGM of the galaxy. The observing
strategy and the reduction process were aimed at reducing the noise produced
by the sky emission, which is our limiting factor. I detect line emission clumps
around the target galaxy. The distribution of the clumps is not uniform hav-
ing preferred directions. I also detect a low surface brightness emission halo
surrounding the target galaxy. I analyse these detections in terms of the gas in
the CGM and the IGM.

As there are galaxies undergoing gas accretion events, there should be galax-
ies in between those events. Galaxies that share the properties of an XMP host
but lacking a metal-poor starburst. These galaxies were so-far unknown. I
analyse the GTC spectra of the ultra-diffuse galaxy UGC2162 that shows all
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the properties to be one such galaxy.
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1
Introduction and rationale

1.1 Introduction

According to cosmological numerical simulations, the accretion of cold pristine
gas streams seems to be the preferred mode of galaxy disk assembly. This gas is
the fuel for the star formation inside the galaxy and has to be replenished at the
rate it is consumed into stars. Most galaxies have being forming stars from the
early universe in a time span much larger than the timescale in which the gas is
transformed into stars, therefore, galaxies have to keep accreting gas in order to
sustain star formation. Although the need for external gas accretion is clear in
numerical simulations, it has been quite difficult to confirm it observationally.
This thesis explores new observational venues to confirm this key ingredient of
the theory of galaxy formation.

This introductory chapter is organized as follows: in Section 1.1.1, I intro-
duce the components of the circumgalactic medium (CGM) and the intergalac-
tic medium (IGM) of galaxies, the importance of gas accretion process in the
formation of galaxies, as well as the observational evidences of gas accretion
reported in the literature. In Section 1.1.2, I present the targets of our study,
namely, the Extremely Metal-Poor (XMP) galaxies of the local Universe, as
they seem to be undergoing a gas accretion event at present. Finally, Sect. 1.2
lists the specific objetives of this thesis.

1



2 Chapter 1. Introduction and rationale

1.1.1 Gas accretion feeding the star formation process in galaxy
disks

Gas in the CGM and IGM

The CGM is usually defined as the gas that surrounds galaxies, confined
between their disks or interstellar medium (ISM) and their virial radii (e.g.
Tumlinson et al. 2017). The gas beyond the virial radii is part of the IGM.

Observations of the IGM have been used to test the models of structure
formation in cosmology (Viel et al. 2005; Seljak et al. 2005) and can be used
to constrain the cosmogical initial conditions. Not only is important for the
field of cosmology, but also for galaxy formation. The gas in the IGM feeds the
galaxies (Kereš et al. 2005) and sets the minimum mass of galaxies (Rees 1986;
Efstathiou 1992; Thoul & Weinberg 1996).

Most of the observations of the IGM come from the redshift range 2 < z < 5,
mainly because the Lyα can be observed in the optical range and there are a
high number of bright quasars with good signal to noise in the spectra. The
IGM is probed by the Lyα forest, which is produced by Lyα absorption of
intergalactic neutral hydrogen clouds in the sightline of quasars (Bahcall &
Salpeter 1965; Gunn & Peterson 1965). Also with cosmological hydrodynamics
simulations, one can produce a mock Lyα forest spectrum to compare with the
observations (Zhang et al. 1995; Hernquist et al. 1996). From the study of the
Lyα forest we can measure the HI column density distribution, the thermal
history of the IGM and the metal enrichment of intergalactic gas. Not only
galaxies feed from the IGM, but the winds generated in supernova explosions
can reach the IGM (depending on the velocity and the depth of the potential
well) and enrich it. The fraction of metals retained in a galaxy ISM is around
20%, for stellar masses in the range 9.5 ≤ log(M∗/M�) ≤ 11.5 (Peeples et al.
2014). If we go to the local universe, the IGM is harder to study for two reasons.
First, the cosmological expansion of the universe makes the Lyα forest more
transmissive and, second, the Lyα lines are now observed in the UV which
requires space-borne telescopes. Shull et al. (2012) found that only 30 ± 10%
of the z ∼ 0 gas is seen in Lyα absorption and that ∼10% of the baryons
can be found on galaxies, galaxy groups, and clusters. There is a missing
fraction of baryons that we can not observe, also known as the missing baryon
problem (Bregman 2007). Also, the amount of dark matter that belongs to
the intergalactic medium has changed over cosmic time, while at present ∼50%
of dark matter is in intergalactic structures, at larger redshifts (z = 3), the
fraction increases to 80% (McQuinn 2016).

The CGM was firstly studied by the observation of absorption lines of heavy
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elements in the spectra of background objects like quasars (e.g., Spitzer 1956;
Münch & Zirin 1961; Bahcall & Spitzer 1969). This method provides infor-
mation even in low column densities (N ' 1012 cm−2) but depends on the
availability of quasars. Since then, new methods have been added to study the
CGM, for example the staking of spectra of galaxies. This method consists
on averaging the spectra after correcting for redshift and normalization of the
continuum, which increases the signal to noise of weak lines, but loses infor-
mation from individual sources. Another method is studying the line emission
directly. Observations have been done in the UV and X-rays, for example the
Lyα extended emission found by Arrigoni Battaia et al. (2019). Apart from
observations, the CGM can be studied in hydrodynamic simulations, where the
physical details are known and controlled.

Figure 1.1: A cartoon view of the CGM. The galaxy gaseous disk is fed by filamentary
accretion from the IGM (blue). Outflows emerge from the disk in pink and orange,
while gas that was previously ejected is recycling. The “diffuse gas” halo in varying
tones of purple includes gas that is likely contributed by all these sources and mixed
together over time. From Tumlinson et al. (2017)
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The key elements of the CGM are the inflows, outflows and the recycled
materials (see Fig. 1.1). Inflows are fundamental in the formation of galaxies
as they provide gas to form stars. This gas can come from interaction with
other galaxies or from the IGM. More details about gas accretion from the
IGM will be given in the following sections. Outflows are built up mainly from
supernovae explosions, stellar winds and the ejecta of supermassive blackholes.
They swept up the gas in the ISM towards the CGM and the IGM, depending
on their velocity and the potential well of the galaxy. So, they reduce the
metallicity of the galaxy and pollute the CGM and the IGM with the metals
present in the ISM. The gas expelled by the galactic winds could be reaccreted
onto the galaxy if the cooling time is short; this process is known as recycling.
Although the timescales are not clear, simulations confirm the accretion of gas
that has been previously in the ISM (Ford et al. 2014). However, most of the
gas used to form stars is locked in low mass stars and stellar remnants, and
never returns to the ISM.

With all this information, we know that the role of the CGM is fundamental
in a galaxy as it provides them with fuel to maintain the star formation, coming
both from the IGM and from the galaxies as recycled material. The interplay
between these processes determines the evolution of galaxies (Kereš et al. 2005;
Dekel & Birnboim 2006; Putman et al. 2012) Therefore, observations of the
CGM are needed to confirm the models of galaxy evolution.

What is gas accretion?

As I explain in the previous subsection, one of the main mechanisms of disk
formation is the accretion of gas from the IGM and the cosmic web, specially in
the early Universe (Dekel et al. 2009; Silk & Mamon 2012; Fox & Davé 2017).
The cosmic web refers to the large-scale distribution of galaxies in the Universe
and, depending on its mass density, it is named as clusters, filaments, sheets
and voids (Bond et al. 1996).

The gas from the cosmic web is accreted by the galaxy, through a process
whose efficiency depends on the mass of the galaxy halo (Birnboim & Dekel
2003; Kereš et al. 2005). In galaxies with massive halos (> 1012M�), the ac-
creted gas is heated to the virial temperature by shocks and needs long time
to cool down and fall on to the galaxy disk. In galaxies with small halo, the
accreted gas barely interacts with the halo. The gas can reach the protodisk
in clumps and filaments and begins to form stars. This mode of cosmic web
gas accretion is also known as cold-flow (Dekel et al. 2009). At high redshift
(early universe) most of the galaxies are low mass, so cold-flow accretion is the
main process of galaxy build up. In the local universe, cold-flow accretion is
important in isolated dwarf galaxies (merger interaction is more important in
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clusters, for example). These inflows are comparable in mass rate to the out-
flows produced by SN explosions and stellar feedback, so only a small fraction
of the accreted gas is used to form stars (Davé et al. 2012; Shen et al. 2012).

The cold flows are expected to be partly ionized, low temperature (104 ≤
T ≤ 105 K), and low-metallicity (van de Voort & Schaye 2012). One source of
ionization is fluorescence of UV photons from the galaxy or the UV background.
The inflow of gas is driven by gravity, so the velocity is similar to the Keplerian
velocity of the outer parts of the disk (50− 100 km s−1 depending on the halo
mass). Also, the spatial scale of the gas in the IGM is several times the size
of the galaxies. The effect of the gas accretion depends on the size of the gas
stream; it could impact in a small portion of the galaxy or the whole disk.
Although simulations predict rather broad cosmic gas streams, larger than the
virial radius of a dwarf galaxy, the streams could develop small scale structures
of the size of a galaxy or even smaller (e.g., Ceverino et al. 2010). See Fig. 1.1
for a cartoon.

Bathtub model
There is an interplay between the elements of the CGM and gas in the ISM

of a galaxy. A simple model, known as bathtub model (Bouché et al. 2010;
Dekel & Mandelker 2014; Sánchez Almeida et al. 2014a), has been used to gain
physical insight into the fundamental processes. It assumes the galaxies to be
1-D objects characterized by a gas mass Mg. Then the conservation of mass
grants,

dMg

dt
≡ Ṁg = −(1−R)SFR + Ṁin − Ṁout, (1.1)

where Mg is the gas mass available to form stars, R represents the fraction of
the mass in stars that returns to the ISM through stellar winds and SN eyecta,
SFR gives the star formation rate, Ṁin stands for the gas inflow rate, and Ṁout

is the gas outflow rate. It is also assumed that the SFR is proportional to the
gas mass, and the outflow rate to the SFR, with scaling factors being the time
consumption timescale (τg) and the mass-loading factor (w) respectively,

SFR =
Mg

τg
; Ṁout(t) = w SFR(t). (1.2)

In this situation more gas mass means more star formation which reduces the
gas mass available, producing self regulation of the system in a timescale given
by τg. Assuming that the scaling factors are constant and that τg is much
shorter than the other relevant timescales, a stationary-state is reached where
the solution to Eq. (1.1) becomes,

SFR(t) ' (1−R+ w)−1 Ṁin(t). (1.3)
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It shows that the SFR in the stationary state is set by the gas infall rate (cor-
rected for returned fraction R and outflows w). The value of R is provided by
stellar evolution models, and varies in the range 0.2−0.3 depending on the IMF
(Initial Mass Function). The mass loading factor w varies with stellar mass,
reaching large values in low mass galaxies (Veilleux et al. (2005); Christensen
et al. (2016); we measure it in Chapter 2). When w � 1, the SFR is smaller
than the accretion rate and most of the gas returns to the CGM and IGM
without being used to form stars.

In addition, the mass of gas is also controlled by the infall rate to be the
amount needed to sustain the SFR forced by the infall rate, i.e.,

Mg(t) ' τg SFR(t) ' τg

1−R+ w
Ṁin(t). (1.4)

We know from observations that τg goes from 0.5 to 2 Gyr for galaxies in
the redshift range between 2 and 0 (Genzel et al. 2010; Gnedin et al. 2014).
Equations (1.3) and (1.4) tell us that galaxies self-regulate to maintain the gas
needed to produce a SFR set by the balance between inflows and outflows.

Observational evidences of gas accretion

Besides numerical simulations, there is no direct or clear observational evi-
dence of cold-flow accretion. There is an ongoing quest for this cosmic gas, with
only partial and/or indirect success (see Sancisi et al. 2008; Sánchez Almeida
et al. 2014a; Sánchez Almeida 2017, and references therein). Lyα and metallic
line absorptions on quasar spectra seem to be created by gas in the IGM (see,
e.g., Fumagalli et al. 2011a). Gallego et al. (2018) found that the gas density
in the CGM of galaxies increases in the direction towards its neighbours, on
cosmological scales. Metallicity inhomogeneities in disk galaxies appear to be
the result of pristine gas accretion (Cresci et al. 2010; Sánchez Almeida et al.
2013, 2015, 2018a; Hwang & et al. 2018; Sánchez-Menguiano et al. 2019). Cos-
mic web gas may explain some of the HI filaments found in blind HI surveys
(Popping & Braun 2011), as well as some of the high velocity clouds detected
around our galaxy (e.g., Sancisi et al. 2008). Also, the infall of metal poor
gas could fix the mismatch between the observed stellar metallicity distribu-
tion in the solar neighbourhood with the values predicted by closed-box models
of chemical evolution (the so-called G-dwarf problem; for the models see, e.g.,
Tinsley 1981; Matteucci 2004). Estimations of current accretion rates (0.2 M�
yr−1) are insufficient to sustain the star formation rate (≈ 1 M� yr−1) in galax-
ies as massive as the Milky Way for long periods of time (Sancisi et al. 2008),
needing extra accretion of gas. An anticorrelation has been found between the
star formation rate (SFR) and the ionized gas metallicity (Cresci et al. 2010;
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Lara-López et al. 2010; Pérez-Montero et al. 2013; Andrews & Martini 2013)
for galaxies of the same mass. This can be explained as the infall of metal-poor
gas that simultaneously enhances the star formation in these galaxies and drop
their metallicity (Brisbin & Harwit 2012; Davé et al. 2012). Finally, Lyα emis-
sion has been detected in cosmic web filaments (Martin et al. 2014; Cantalupo
et al. 2014; Wisotzki et al. 2016), and such emission becomes pervasive when
going faint enough, so that any line-of-sight intercepts emitting gas between
redshift 6 and 3 (Wisotzki et al. 2018). These findings are rather indirect, in
the sense that connecting them with the numerical simulations still requires a
significant dose of interpretation.

1.1.2 XMP galaxies

As we explained in the previous section, cold-flow accretion is an important
process for the formation of galaxies, so it is fundamental to understand it.
There is little observational evidence of it, even less in the local universe. In
order to analyse how the cold-flow accretion works, we have chosen to study
XMP galaxies which, as we will explain in detail later, seem to have star for-
mation supported by gas accretion. They are local galaxies, so that they can
be studied in much detail compared to other studies of gas accretion in high
redshift.

What are XMPs?

XMP galaxies are, by definition, galaxies in which the star-forming gas has
a metallicity smaller than a tenth of the solar metallicity (e.g., Kunth & Östlin
2000). They are also the least metallic galaxies in the local Universe. With
the exception of primordial nucleosynthesis, the formation of elements heavier
that He primarily occurs in stars and supernova explosions. It means that the
star-forming gas in XMPs is chemically primitive compared with the rest of the
galaxies.

In terms of their absolute magnitude, XMPs can be separated in two types.
The first type is ultra-faint late-type galaxies, with MB ≥ −12.5. From the
luminosity-metallicity relation (e.g., Skillman et al. 1989) we can expect than
the most faint galaxies (MB ≥ −12.5) should be XMPs (Berg et al. 2012;
Sánchez Almeida et al. 2017). These type of XMPs are particularly rare in
surveys (e.g., James et al. 2015; Sánchez Almeida et al. 2017) due to several
factors: the Malmquist bias, their low surface brightness, and the fact that the
low luminosity range of their luminosity function is shallower than expected.
The second type, with MB < −12.5, are galaxies with lower metallicity than the
expected from the luminosity-metallicity relation. As they have high surface
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brightness, they dominate the catalogs of XMPs (Morales-Luis et al. 2011;
Izotov et al. 2012; Sánchez Almeida et al. 2016), and they are the subject of
our study. The evolutionary pathways of the two types probably differ. In this
thesis the term XMP refers exclusively to the second type. XMPs represent
less than 0.1 % of the objects in galaxy catalogs (e.g., Sánchez Almeida et al.
2016), they tend to appear in low-density environments with ∼75% of them
residing in voids and sheets (Filho et al. 2015).

Measured properties

XMPs are local dwarf galaxies with one or several metal poor star-forming
knots, while the host galaxy is between 5 and 10 times more metal-rich (Sánchez
Almeida et al. 2013, 2015). The position of the main starburst does not usu-
ally match the photometric center of the galaxy, making the galaxy to have
a cometary or tadpole morphology (Papaderos et al. 2008; Morales-Luis et al.
2011). This can be interpreted as a sign that XMPs are disks in early stages
of assembly. They are very gas rich, with a gas to stellar mass ratio in excess
of 10 (MHI/M? ∼> 10, Filho et al. 2013). XMP galaxies present low rotational
motion compared with the velocity dispersion (e.g., Sánchez Almeida et al.
2013; Olmo-Garćıa et al. 2017). Under these conditions, gas mixes rapidly, in
a rotation period (e.g., de Avillez & Mac Low 2002; Yang & Krumholz 2012),
which suggests the recent arrival of the gas fuelling the present star-formation
episode.

Origin of the metal poor gas

Several explanations have been proposed for the presence of metal-poor gas
in XMPs; we summarise some of them here. One possibility is that the galaxy
is forming its first generation of stars, however this is not consistent with the
presence of higher metallicity gas in the same galaxy (Sánchez Almeida et al.
2014b) neither the presence of old stellar populations (Elmegreen et al. 2012b,
2016a). The inhomogeneities could be explained by the model of propagating
star formation (Papaderos et al. 2008), where the surface brightness decreases
and the age and metallicity increases as we move from the position of the cur-
rent starburst. Sánchez Almeida et al. (2014b) discuss whether the metallicity
inhomogeneities are real or can be caused by other things apart from cold flow
accretion, like temperature or density fluctuations, not considering higher ion-
ization states of oxygen, and escape of metals. As XMPs have very low mass,
they can easily blow away the metals produced and ejected during SNa explo-
sions (Mac Low & Ferrara 1999). This could produce a deficit of metals in
the gas around the starburst, compared to the rest of gas in the galaxy. As I
discuss in Sect. 1.1.1, this situation can not be maintained for long, since more
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metal poor gas would be needed to feed the star formation, which cannot mix
with the gas in the rest of the galaxy.

The most promising explanation for the origin of the metal-poor gas is
accretion from an external near metal-free cloud, as expected from cold-flows
in numerical simulations. The key is the presence of chemical inhomogeneities
in XMPs, for two reasons. First, the timescale for mixing in disk galaxies
is short, so the metal-poor gas must have been recently accreted. Second,
the secular evolution produces disks with a metallicity decreasing inside-out
(e.g., Vilchez et al. 1988; van der Kruit & Freeman 2011; Moran et al. 2012),
which do not match the chemical behaviour of XMPs. It appears to be a
lower limit in the observed metallicity of XMP galaxies. None of them have
measured metallicity value below ∼1/50 of the solar metallicity, which roughly
corresponds to the metallicity of the prototypical XMP galaxy IZw18 (Izotov
& Thuan 1999). This threshold can be explained as the metallicity of the IGM
gas at the present time, which is predicted to be around the observed limit
(Fumagalli et al. 2011b).

Sample of XMP galaxies used in the thesis

In this thesis, I work with two lists of XMP galaxies; the first one was
collected by Morales-Luis et al. (2011) and the second one was selected by
Sánchez Almeida et al. (2016).

Morales-Luis et al. (2011) carried out an automated search for XMP galaxies
in the Sloan Digital Sky Survey (SDSS) DR7. For the search, they use the fact
that the ratio between the emission lines [NII]λ6584 and Hα is a proxy for the
metallicity of the galaxy. They use the machine learning algorithm k-means to
classify the spectrum around these lines. This algorithm classifies the spectra
according to the shape of the spectrum, with no supervision. From the output
of the algorithm, they selected the galaxies in the classes with minimum ratio
between [NII] and Hα. They apply the algorithm several times rejecting some
classes to improve the classification. Through this method they found 32 XMPs.
They also perform a search of XMPs in the literature which, together with the
previous objects, make a list of 141 XMPs.

Sánchez Almeida et al. (2016) search for XMP galaxies in the SDSS using
the fact that the ratio of the lines [O III]λ4363 to [O III]λ5007 is a proxy for the
electron temperature. As the gas in XMP galaxies have very little metals, it can
not cool efficiently, so the gas must have a relatively high electron temperature.
Again, they use k-means to classify the spectra. They select the two classes
with the largest [O III]λ4363 emission and apply k-means again. They remove
classes with noisy spectra and classes in which the source of excitation is the
radiation from an active galactic nuclei (AGN) instead of HII regions. For the
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selected candidates (1281), they measure the metallicity with the code H ii-CHI-
mistry (Pérez-Montero 2014) (which is consistent with the direct method when
[O III]λ4363 is available) and select those with an oxygen abundance below
7.69. This correspond to 1/10 of the solar oxygen abundance as measured
by Asplund et al. (2009). The selection leads to 196 XMPs, or 332 XMPs
depending on whether a rejection threshold of 3 times the noise or 2 times the
noise is used to accept the measured fluxes (see Sánchez Almeida et al. (2016)
for further details).

1.2 Rationale

The aim of this thesis is to investigate objects that could shed light into the
process of cold-flow accretion in the local Universe, and to explore various
possibilities to constrain it observationally. Explicitly, I will

(a) search for potential local galaxy candidates to detect the CGM and IGM
around them. I looked for XMPs present in the deep images of the
IAC Stripe 82 Legacy Project. I selected galaxies with non-axisymmetric
structures and classified them according to morphological criteria. This
search is described in appendix A. The target of the observations in Chap-
ter 3 was chosen from the list of potential candidates included in the
appendix.

(b) Characterize the kinematics of galaxies going through a gas accretion
event at present. I want to know if their kinematic properties suggest a
recent gas accretion event. I explore this question in Chapter 2, where
I analyse the kinematics along the mayor axis of 9 XMPs. I study the
parameters of the main Hα line to derive rotation curves and velocity
dispersion. I also study the faint emission features in the wings of Hα
that seem to be produced by expanding shell-like structures. I derive gas
mass, mass loss rates, and mass loading factors.

(c) Detect and characterize the gas around galaxies that may be going through
a gas accretion event at present. This gas is expected to emit recombina-
tion lines through fluorescence of UV photons or gravity-driven cooling,
with surface brightness in the range of 25.6 − 36.8 mag/arcsec2. In a
proof-of-concept observation to detect it, we took deep Hα imaging with
the GTC telescope, targeting an XMP galaxy and its environment. The
observations are described in detail in Chapter 3. The observing strategy
and the reduction process were aimed at minimising the noise of the sky
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residual, which is the main limiting factor in the detection of such faint
sources.

(d) Find and characterize galaxies between gas accretion events. There should
be galaxies with the properties of an XMP host but without metal-poor
starbursts. In Chapter 4 I analyse the ultra-diffuse galaxy UGC2162,
which has low surface brightness and relatively high metallicity, making
it a candidate of being an XMP host.

The various chapters are uneven in length and scope. Each one is self-
contained, so that eventually, all of them will end up as individual papers. The
work presented in Chapter 2 and Chapter 4 are already published (Olmo-Garćıa
et al. 2017; Sánchez Almeida et al. 2018b), whereas the contents of Chapter 3
are about to be submitted.





2
Kinematic properties of Extremely

Metal-poor Galaxies1

2.1 Introduction

There is evidence pointing out that XMP galaxies are growing through cold-
flow accretion. In particular, the presence of chemical inhomogeneities in most
XMPs, since they show that star formation in XMPs is fed by external metal-
poor gas (see Sect. 1.1.2). In order to put the presence of these inhomogeneities
on a firm observational basis, Sánchez Almeida et al. (2015) (SA+15) measured
the oxygen abundance along the major axes of ten XMPs, using a method based
on models consistent with the direct method (Pérez-Montero 2014). In nine
out of ten cases, sharp metallicity drops were found, leaving little doubt as to
the existence and ubiquity of the drops.

In this chapter we follow up on the work of SA+15, and measure the kine-
matic properties of these XMPs. The spectra used to infer metallicities in
SA+15 do not possess enough spectral resolution to carry out kinematic stud-
ies. Therefore, a new set of observations was obtained. For this reason, the
overlap with the original XMP sample is not complete. However, most of the
original galaxies are examined here and show evidence for the star-forming re-
gions having coherent motions, which also hints at the external origin of the
galaxy gas. In addition, the Hα line presents multiple side lobes that seem to
trace feedback processes of the star formation on the ISM (interstellar medium)

1Based on the work of Olmo-Garćıa et al. (2017)
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of the galaxies. Since we use Hα, our measurements characterize the properties
of the ionized gas near the sites of star formation.

The chapter is organized as follows: Sect. 2.2 describes the observations
and data reduction, emphasizing the aspects required to obtain the spectral
resolution needed for the kinematic analysis. Sect. 2.3 describes how physical
parameters are obtained from the calibrated spectra. It is divided into various
parts; one for the main Hα signal (Sect. 2.3.1), and three for the secondary
lobes (Sects. 2.3.2, 2.3.3, and 2.3.4). The overall properties, such as rotation,
turbulent motions, and global expansion, are presented in Sect. 2.4. In this
section, I also study the change of the N/O ratio along the major axis of the
galaxies. The properties of the multiple secondary components bracketing the
main Hα component are presented and interpreted in Sect. 2.5. They appear
to trace gas swept by the star formation process, and in Sect. 2.6 we predict
the properties when this gas reaches the CGM (circumgalactic medium). Our
results are summarized and discussed in Sect. 2.7. The emission expected from
an expanding dusty shell of gas is formulated in Appendix 2.8.

2.2 Observations and data reduction

2.2.1 Observations

For the study of the kinematics of XMPs, we selected a sample of 9 galaxies,
8 of which were previously studied in SA+15 (see Table 2.1), and thus have
spatially resolved measurements of oxygen abundance. This time the galaxies
were observed with the ISIS2 instrument on the 4.2 m William Herschel Tele-
scope (WHT), using high resolution gratings3 (R1200R and R1200B). The slit
of the spectrograph was positioned along the major axis of the galaxies (see
Fig. 2.1), overlaying the slit used in SA+15. The slit width was selected to be 1
arcsec, according to the seeing at the telescope and also matching the value of
our previous observation of these galaxies in SA+15. The spectrograph has two
arms, the red and the blue arm, each one with its own detector. All galaxies
were observed in both arms, except for HS0822, where we only had the red
spectrum. A 2 × 2 binning of the original images was performed to reduce
oversampling. After binning, the dispersion turns out to be 0.52

◦
A pix−1 for

the red arm and 0.46
◦
A pix−1 for the blue arm. Similarly, the spatial scale is

0.44 arcsec pix−1 for the red arm and 0.40 arcsec pix−1 for the blue arm. The
wavelength coverage for the blue arm is 940

◦
A centered at Hβ (from 4390

◦
A to

2Intermediate dispersion Spectrograph and Imaging System.
http://www.ing.iac.es/Astronomy/instruments/isis/

3http://www.ing.iac.es/astronomy/telescopes/wht/
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Figure 2.1: SDSS color images of the galaxies observed in this work, with the red
bar indicating the position of the spectrograph slit. It will be the spatial axis in the
following figures, and the arrow points in the direction in which the distance increases.
The green bar provides the scale on the sky. The circles enclose the main star-forming
region in each galaxy. These images had been tweaked to appear brighter and be seen
clearly in the printed version.
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5330
◦
A), whereas the red arm covers 1055

◦
A around Hα (from 6035

◦
A to 7090

◦
A).

The total exposure time per target was approximately two hours (Table 2.1),
divided in snapshots of 20 minutes as a compromise to simultaneously minimize
cosmic-ray contamination and readout noise.

The spectral resolution was measured from the FWHM (full width at half
maximum) of several telluric lines, using the calibrated data described in the
next section. They yield a value of approximately 40 km s−1 (Table 2.1), which
renders a spectral resolution close to 7500 at Hα. This resolution is in good
agreement with the value expected for the 1 arcsec slit, once the anamorphic
magnification of ISIS is taken into account (Schweizer 1979).

The angular resolution during observations ranges from fair (1.3 arcsec)
to good (0.5 arcsec), as measured by the seeing monitor at the telescope (Ta-
ble 2.1). Additional information on the galaxies and the observations is included
in Table 2.1.

2.2.2 Data reduction

The spectra were reduced using standard routines included in the IRAF4 pack-
age. The process comprises bias subtraction, flat-field correction using both
dome and sky flat-fields, removal of cosmic-rays (van Dokkum 2001), and wave-
length calibration using spectral lamps. In order to evaluate the precision of the
wavelength calibration, we measured the variation of the centroids of several
sky emission lines along the spatial direction (if the calibration were error-free,
the telluric line wavelength should not vary). For different galaxies and emis-
sion lines, the root mean square (RMS) variation of the centroids ranges from

0.036
◦
A to 0.072

◦
A, which corresponds to 1.6 km s−1 and 3.3 km s−1, respec-

tively. It drops even further if only strong telluric lines are considered.

The sky subtraction, the geometrical distortion correction, and the com-
bination of the spectra of each single source were carried out using Python
custom-made routines. For the sky subtraction, we performed a linear fit, sam-
pling the sky on both sides of the galaxy spectrum. This model sky emission
was then subtracted from each wavelength pixel. The effect of the geometrical
distortion is that the spatial and wavelength direction are not exactly perpen-
dicular to each other on the detector. We determine the angle between the two
directions as the angle between the continuum emission of the brightest point in
the galaxy and the telluric lines. A linear fit allowed us to model the geometric
transformation needed to make the spatial and wavelength axes perpendicular.

4http://iraf.noao.edu/ IRAF is distributed by the National Optical Astronomy Ob-
servatory, which is operated by the Association of Universities for Research in Astronomy
(AURA) under cooperative agreement with the National Science Foundation.
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Figure 2.2: Reduced spectrum of the galaxy N241, shown as an example. Top left:
2D representation of the spectrum with the observed wavelength in the vertical axis
and the spatial position in the horizontal axis. The three emission lines that appear
in the image are Hα and the [NII] doublet. Top right: wavelength-integrated flux
normalized to the maximum value. The peak emission traces the the brightest clump
in the galaxy, and it defines the origin of the spatial scale. Bottom: spectrum at the
brightest clump, in logarithmic units and normalized to the peak Hα emission. The
main spectral lines used in this work are labeled.
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The spectra from different exposures of the same galaxy were re-aligned before
combining them. The left panel in Fig. 2.2 illustrates the final result of the
reduction procedure. It contains the spectrum around Hα of the galaxy N241.
The signal-to-noise ratio (S/N) in continuum pixels has an average value of
approximately 5 in the inner 10 arcsec around the brightest Hii region of the
galaxy. The S/N in Hα ranges from 200 to 900 at the brightest point in the
galaxy, decreasing toward the outskirts. Because our main goal is the kine-
matic analysis, we only performed a rough flux calibration by comparison with
the calibrated Sloan Digital Sky Survey spectra of the galaxies (SDSS DR-12;
Alam et al. 2015), re-scaling the flux by accounting for the difference between
our 1 arcsec slit and the 3 arcsec diameter of the SDSS fiber. Specifically, the
flux integrated over the central 3 arcsec of the galaxies is scaled to be equal
to 0.42 times the SDSS flux, where 0.42 is the ratio between the areas covered
by the slit and the fiber. SDSS spectra of SBS1 and UM461 are not avail-
able. Therefore, we use for calibration the spectra of these galaxies analyzed
in SA+15.

Since the photometric calibration is only approximate, we have preferred not
to correct the spectra for internal reddening in the HII region. This correction is
based on comparing the observed Balmer decrement with its theoretical value
(e.g., Emerson 1996), which in practice implies comparing fluxes of spectra
taken with the red arm (Hα) and the blue arm (Hβ) of the spectrograph.
Rather than carrying out an uncertain correction, we have preferred to neglect
the small expected reddening (e.g., Sánchez Almeida et al. 2016). If one uses
the SDSS spectra of our targets to estimate the Balmer decrement, the ensuing
reddening correction implies increasing Hα by 50 % or less. Neglecting this
correction does not modify any of the conclusions drawn in this work.

2.3 Equations used to determine physical parameters

2.3.1 Parameters from the main Hα emission

Mean velocities, velocity dispersions, and rotation curves of the emitting gas are
estimated following Sánchez Almeida et al. (2013, Sect. 3), and we refer to this
work for details. For the sake of completeness, however, the main assumptions
and the resulting equations are provided in the following.

The velocity, U , was calculated from the global wavelength displacement of
the Hα emission. It was derived from the centroid of the line, and also from
the central wavelength of a Gaussian fitted to the emission line. Both values
generally agree with differences < 1 km s−1 in the regions of interest. The error
in velocity was estimated assuming the RMS of the continuum variations to be



20 Chapter 2. Kinematic properties of Extremely Metal-poor Galaxies

given by noise, and then propagating this noise into the estimated parameter
(e.g., Martin 1971). In the case of the centroid, the expression is analytic. For
the Gaussian fit, it is the standard error given by the covariance matrix of
the fit (e.g., Press et al. 1986, chapter 14). The spatially unresolved velocity
dispersion, WU , was calculated from the width of the Gaussian model fitted to
the line, but also directly from the line profile. We correct the observed FWHM,
WU0, for the instrumental spectral resolution, WUi (' 40 km s−1; see Sect. 2.2.1
and Table 2.1), for thermal motions, WUt (' 25 km s−1, corresponding to H
atoms at 1.5× 104 K, a temperature typical of the HII regions in our galaxies;
see Table 2.2), and for the natural width of Hα, WUn (' 7 km s−1), so that

W 2
U = W 2

U0 −W 2
Ui −W 2

Ut −W 2
Un. (2.1)

The velocity at each spatial pixel along the major axis of the galaxy was
fitted with the universal rotation curve by Salucci et al. (2007), i.e.,

U(d) = U0 + U1
d− d0√

∆2 + (d− d0)2
, (2.2)

where U(d) stands for the observed velocity at a distance d, U0 represents
the systemic velocity, i.e., the velocity at the dynamic center d = d0, ∆ gives
a spatial scale for the central gradient of the rotation curve and, finally, U1

provides the amplitude of the rotational velocity.

The dynamical mass enclosed within a distance d, M(d), follows from the
balance between the centrifugal force and the gravitational pull, and it is given
by,

M(d) sin2 i = (2.33× 105 M�) (d− d0)U2(d), (2.3)

where i stands for the inclination of the disk along the line-of-sight, and where
distances are in kpc, and velocities in km s−1. The velocity U in Eq. (2.3)
should be the component along the line-of-sight of the circular velocity, vc sin i.
In the case of a purely stellar system, U/ sin i and vc differ because the stellar
orbits are not circular, with the difference given by the so-called asymmetric
drift (e.g., Hinz et al. 2001; Binney & Tremaine 2008). In our case, where the
velocity of the gas is measured, they also differ because gas pressure gradients
partly balance the gravitational force, and this hydro-dynamical force has to
be taken into account in the mechanical balance (e.g., Dalcanton & Stilp 2010).
In a first approximation (e.g., Dalcanton & Stilp 2010; Read et al. 2016),

v2
c ' U2/ sin2 i+ 0.06W 2

U (d− d0)/R?, (2.4)
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where the coefficient that gives the correction has been inferred assuming the
gas density to drop exponentially with the distance to the center (|d − d0|),
with a length scale around three times the length scale of the stellar disks R?.
This difference between the gaseous and the stellar disk is typical of XMPs
(Filho et al. 2013). Since |d− d0| ∼ R?, Eq. (2.4) predicts that even for a large
turbulent velocity (WU ' U/ sin i), the difference between vc and U/ sin i is
small. Since we do not know the inclination angle of the galaxies, we cannot
apply the correction for pressure gradients in Eq. (2.4). Thus, we employ U in
Eq. (2.3), knowing that the resulting dynamical masses slightly underestimate
the true masses in an amount given by WU/ sin i and Eq. (2.4).

Our targets have distinct star-forming regions (see Fig. 2.1), also denoted
here as star-forming clumps or starbursts. I refer to the brightest clump in each
galaxy as the main star-forming region, to be distinguished from other fainter
clumps that appear in some galaxies. They have been highlighted in Fig. 2.1.
The dynamical masses of the individual star-forming clumps are calculated
from the velocity dispersion, assuming virial equilibrium,

Mdyn,turb = (1.20× 105 M�) ReWU
2. (2.5)

The half-light radius, Re, is calculated as in SA+15, from the FWHM of a 1D
Gaussian fitted to the Hα flux of the star-forming clump, which is subsequently
corrected for seeing (Table 2.1). WU in Eq. (2.5) is calculated from the Hα line
resulting from integrating all the spectra along the spatial axis, from −Re to
+Re, with the interval centered at the clump. Re in Eq. (2.5) is given in
kpc, and WU in km s−1. The use of WU to estimate dynamical masses implies
excluding thermal motions in the virial equilibrium equation (Eq. [2.1]). This
approximation may be more or less appropriate depending on the structure of
the velocity field in the emitting gas. In practice, however, thermal motions are
always smaller than WU , so that including them does not significantly modify
the masses estimated through Eq. (2.5).

Our long-slit spectra only provide cuts across the star-forming regions. In
order to obtain the total luminosity, £Hα, we assume the region to be circular,
with a radius Re. Then the flux obtained by integrating the observed spectra
from −Re to +Re, FHα, is corrected according to the ratio between the observed
area, 2Re × 1 arcsec, and the circular area, π R2

e, which renders

£Hα = 2π2D2 Re
1 arcsec

FHα, (2.6)

with D the distance to the source. We take D from NED, as listed in Table 2.1.
SFRs are inferred from £Hα using the prescription by Kennicutt & Evans (2012)
to be given in Eq. (2.20).
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2.3.2 Characterization of the secondary components in the wings
of Hα

When the S/N is sufficiently good, the observed Hα profiles show faint broad
emission, often in the form of multiple pairs of separate emission-line com-
ponents (see Fig. 2.3). The existence of pairs of components is particularly
interesting from a physical standpoint, since they may reveal the feedback of
star formation on the surrounding medium, or the presence of a black hole (BH;
to be discussed in Sect. 2.5.2).

In order to determine the properties of the secondary lobes (number, wave-
length shifts, relative fluxes, etc.), we performed a multi-Gaussian fit to Hα
using the Python package LMFIT (Newville et al. 2014). The fitting is not
unique unless the free parameters are constrained, which we do by attempting
to reproduce Hα in the brightest pixel of the galaxy as a collection of discrete
components, with widths similar to that of the central component. The pro-
cedure is detailed below. Several examples of the fit in various S/N conditions
are given in Fig. 2.3. We initialize the fit in the spatial pixel with highest S/N
in continuum, where the secondary components clearly stand out. This pixel
corresponds to the brightest star-forming region of the galaxy (the bright blue
knots in Fig. 2.1). Then the rest of the pixels are fitted, using as starting val-
ues the free parameters obtained in the fit to the adjacent pixel. The number
of secondary components is set at the central brightest pixel, where the S/N
needed to detect them is highest, and we fix this number for each galaxy. In
order to follow each component across the spatial direction, we put two con-
straints on their spatial variation, namely, (1) the center does not deviate from

the previous value by more than twice the wavelength sampling (∼1
◦
A), and

(2) the velocity dispersion is bound between a minimum set by the spectral
resolution, and twice the value in the previous pixel. These constraints imple-
ment the fact that neighbouring pixels are not independent, since our sampling
grants at least two pixels per spatial resolution element. As a sanity check, we
verified that the constraint on the center of the components does not affect the
inferred velocities. The maximum wavelength displacement between two adja-
cent pixels for all secondary components in the clumps is approximately half
the wavelength sampling. Although the S/N decreases with the distance to the
brightest pixel, we checked that each detected secondary component has signal
at least twice the noise in continuum in all the spectra used to characterize the
star-forming regions.

The uncertainties in each parameter can be derived from the covariance
matrix of the fit (e.g., Press et al. 1986). However, when the fitted parameters
are near the values set by the constraints, the covariance matrix cannot be
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Figure 2.3: Hα line with the central component saturated to be able to distinguish
the secondary components. (a) Hα line at the bright core of the galaxy UM461. The
observed spectrum (the green solid line) clearly shows seven components: the central
one plus three pairs. Our fit reproduces the observation very well (the red solid line)
as a superposition of Gaussian functions of various amplitudes, widths, and shifts (the
blue dotted lines). The residuals of the fit are also included as the green dotted line.
(b) Hα at the bright core of the galaxy SBS1, where the components are not very
well separated in wavelength. (c) Hα at a bright spot of N241, which portrays a case
where the S/N is poor compared to the previous cases. The wavelengths are referred
to the centroid of the main component, and the fluxes are given in % relative to the
maximum flux of the Hα profile. Each spectrum corresponds to a single spatial pixel.
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computed and the uncertainties provided by the Python routine turn out to be
unreliable. Therefore, errors are estimated running a MonteCarlo simulation.
The best fit profile is contaminated with random noise having the observed
S/N. This simulated observation is processed as a true observation, and the
exercise is repeated 80 times with independent realizations of the noise. The
RMS fluctuations of the parameters thus derived are quoted as 1-sigma errors.

2.3.3 Mass loss rates

In order to estimate the mass, the mass loss rate, and the kinetic energy corre-
sponding to the secondary components observed in the wings of Hα (Fig. 2.3),
we follow a procedure similar to that described in Carniani et al. (2015). It is
detailed here both for completeness, and to tune the approach to our specific
needs.

We assume that the small emission-line components in the wings of the
main Hα profile are produced by the recombination of H. Then the luminosity
in Hα, LHα, is given by,

LHα =

∫
f ne np jHα dV, (2.7)

where the integral extends to all the emitting volume, and ne, np, and jHα
represent the number density of electrons and protons, and the emission coeffi-
cient, respectively. The symbol f stands for a local filling factor that accounts
for a clumpy medium, so that only a fraction f is contributing to the emission.
In a tenuous plasma, the emission coefficient is given by (Osterbrock 1974; Lang
1999),

jHα ' 3.56× 10−25 t−1
4 erg cm3 s−1, (2.8)

where t4 is the temperature in units of 104 K. The mass of emitting gas turns
out to be,

Mg =

∫
f mH nHX

−1 dV, (2.9)

where nH is number density of H (neutral and ionized), mH stands for the
atomic mass unit, and X is the fraction of gas mass in H. If the gas is fully
ionized5 (nH = np), and the electron temperature and the H mass fraction are
constant, then Eqs. (2.7), (2.8) and (2.9) render,

Mg =
mH LHα

X jHα 〈ne〉1
, (2.10)

5 If it is not, then Mg and the other parameters inferred from this mass refer to the mass
of ionized gas.
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with the mean electron density defined as,

〈ne〉1 =

∫
f np ne dV∫
f np dV

. (2.11)

Using astronomical units, and assuming X = 0.75 (which corresponds to the
solar composition; e.g., Asplund et al. 2009), Eq. (2.10) can be written as

Mg = 3.15× 103 M� t4
LHα/1038 erg s−1

〈ne〉1/102 cm−3
. (2.12)

Assume that the motions associated with the weak emission-line compo-
nents in the wings of the main profile trace some sort of expansion. The mass
loss rate, Ṁg, is defined as the total mass carried away per unit time by these
motions. It can be computed as the flux of mass across a closed surface around
the center of expansion,

Ṁg =

∫
f ρg v · dΣ, (2.13)

where ρg is the gas density at the surface and v represents the velocity of the
flow. Assuming that motions are radial, and that the density and filling factor
are constant at the surface, the previous integral can be simplified considering
a spherical surface of radius R,

Ṁg = 4π R2 f ρgvout, (2.14)

with the radial speed vout = |v|. If the moving mass forms a shell of width ∆R
(Fig. 2.4), then Mg = 4π R2 fρg ∆R, so that the mass loss rate turns out to be

Ṁg 'Mg vout ∆R−1. (2.15)

If the moving mass is distributed on a sphere, then Mg = 4π R3 fρg/3, and
the mass loss rate is still given by Eq. (2.15) provided that ∆R/R ' 1/3. In
other words, by using ∆R/R ' 0.3 in Eq. (2.15) one approximately considers
the full range of geometries between shells and spheres (for further discussion
on the assumptions made to estimate Ṁg see, e.g., Maiolino et al. 2012; Keller
et al. 2014; or Carniani et al. 2015).

Once the expanding shell geometry has been assumed, the radius of the
shell is set by the gas mass and the electron density, since Eq. (2.9) can be
written as,

Mg '
8πmH

1 +X
〈ne〉2 〈f〉3R2 ∆R, (2.16)
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Figure 2.4: Schematic of the geometry used to estimate mass loss rates. The gas is
represented in red as clumps which do not fill the full space. The schematic includes the
characteristic length-scales, size (R) and width (∆R), and expansion velocity (vout).
The blue dot points out the center of expansion.

with the mean values given by

〈ne〉2 =

∫
f ne dV∫
f dV

,

〈f〉3 =

∫
f dV∫
dV

.

Equation (2.16) assumes the gas to be composed of fully ionized H and He, so
that

ne ' nH + 2nHe ' nH
1 +X

2X
, (2.17)

which is a reasonable estimate considering that we are dealing with metal-poor
gas, such that the metals do not contribute to the electron density. Equa-
tion (2.16) provides a way to estimate the size of the emitting region in terms
of the electron density, the filling factor, and the relative width of the shell,
explicitly, [ R

14.7 pc

]3
=
[ Mg

104 M�

][ 〈ne〉2
102 cm−3

〈f〉3
0.3

∆R/R

0.3

]−1
. (2.18)

The expansion velocity and the radius allow us to estimate the age of the
expanding shell, or the time-lag from blowout,

Age = R/vout, (2.19)
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where vout is assumed to be constant in time. Since the expansion decelerates,
Age in Eq. (2.19) represents an upper limit to the true age.

A convenient (and intuitive) way of expressing the mass loss rate in Eq. (2.15)
is re-writing the expression in terms of the Star Formation Rate (SFR) esti-
mated using the prescription by Kennicutt & Evans (2012)6,

SFR

1M�yr−1
' £Hα

1.86× 1041 erg s−1
, (2.20)

which depends only on the total Hα flux of the region, £Hα. We parameterize
the Hα flux in a weak emission-line component, LHα, in terms of total Hα flux,

LHα = ε£Hα, (2.21)

with ε the scaling factor inferred from the fits described in Sect. 2.3.2. We do
not correct £Hα for extinction in Eq. (2.20) because the photometric calibration
needed to infer it from the Balmer decrement is uncertain (Sect. 2.2.2), because
the main Hα lobe and the weak emission components do not necessarily have the
same extinction, and because the expected extinction is very low (reddening
coefficient around 0.1; Sánchez Almeida et al. 2016). Using Eqs. (2.20) and
(2.21), Eq. (2.15) can be expressed as

Ṁg

SFR
' 0.20

ε

10−3

vout

102 km s−1
t4

[∆R

3 pc

〈ne〉1
102 cm−3

]−1
. (2.22)

Another important parameter derived from the gas mass and velocity is the
kinetic energy involved in the outflow,

Ek =
1

2
Mg v

2
out ' 1051 erg

Mg

104 M�

[ vout

102 km s−1

]2
. (2.23)

The equation has been written in units of 1051 erg, which is the typical kinetic
energy released in a core-collapse supernova (SN; e.g., Leitherer et al. 1999;
Kasen & Woosley 2009), corresponding to the explosion of a massive star.

This energy range is also within reach of accreting BH of intermediate
mass, like the direct collapse 105 M� BH seeds needed to explain the existence
of super-massive BHs in the early Universe (e.g., Volonteri 2010; Ferrara et al.
2014; Pacucci et al. 2016). Assuming that the BH releases kinetic energy at a
fraction of the Eddington limit, ψ, and that the accretion event has a duration,
Υ, then

EBH ' 1051 erg
ψ

0.1

Υ

25 yr

MBH

105 M�
, (2.24)

with MBH the BH mass (e.g., Frank et al. 2002).

6This SFR is 30% smaller than the classical value in Kennicutt (1998).
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2.3.4 Mass of the central object

In principle, the observed faint emission-line pairs in the wings of Hα might also
be generated in a rotating disk around a massive object (e.g., Epstein 1964).
Then the approximation used to estimate the radius of the shell in Eq. (2.18)
still holds, except that[ R

27.6 pc

]3
=
[ Mg

104 M�

][ 〈ne〉2
102 cm−3

〈f〉3
0.3

∆R/R

0.3

∆z/R

0.3

]−1
, (2.25)

where ∆R represents the difference between the inner and outer radii, and
∆z stands for the thickness of the disk. This size, together with the circular
velocity, vc, directly inferred from the spectra, allow us to estimate the mass of
the central object, M•, from the balance between gravity and centrifugal force,

M• ' 7.0× 107 M�
R

30 pc

( vc
102 km s−1

)2
. (2.26)

2.4 Rotation, turbulent motions, and chemical properties

Figure 2.5 shows the rotation curve of all the galaxies analyzed in this study.
It represents the velocities inferred from the Gaussian fit, but the results are
similar when using centroids (Sect. 2.3.1). Most galaxies seem to rotate, al-
though HS0822 and SBS0 do not. The rotation curve of UM461 may suggest
some rotation, but it may also be compatible with the absence of rotation.
The difficulty in detecting rotation in UM461 could be due to projection ef-
fects; UM461 appears face-on in the SDSS image, with the galaxy showing a
rounded faint envelope enclosing its two bright knots (Fig. 2.1). All rotation
curves present small-scale velocity irregularities, often with an amplitude com-
parable to the velocity gradient across the whole galaxy. The rotation of the
galaxies ML4, SBS1, N241 is clear, whereas other galaxies are more affected
by these small-scale irregularities. Galaxies SBS2104 and ML32 could host
counter-rotating components, like those found in tadpole galaxies by Sánchez
Almeida et al. (2013), although, in this case, the center of the counter-rotating
structure does not match the main star-forming region. Figure 2.6 shows the
FWHM velocity dispersion inferred from Hα. Typical values at the position of
the main starburst are between 20 and 60 km s−1 (Table 2.2). We note that
the regions with possible counter-rotating components also show an increase in
the velocity dispersion: c.f., Figs. 2.5 and 2.6 for SBS2104 (d ' 4 arcsec) and
ML32 (d ' 2 arcsec).

We fitted the universal rotation curve by Salucci et al. (2007), given in
Eq. (2.2), to the observed velocities. The four free parameters of the non-linear
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Figure 2.5: Rotation curves for the XMPs, i.e., velocity versus position along the slit.
The velocities were derived using a Gaussian fit to the Hα line profile. The actual
observed points show error bars joined by a continuous line, which is either green or
red, depending on whether the S/N of the spectra in the continuum is smaller (green)
or larger (red) than one. Only the points in red have been used to fit the universal
rotation curve, shown as the black dashed line, with the vertical blue line identifying
the position of the dynamical center inferred from the fit. The zero of the velocity
scale is set by the fit at the dynamical center. The red dotted line represents the Hα
flux scaled from zero to the maximum value. Distances are referred to the point with
largest Hα flux. The horizontal solid black line gives the galaxy diameter, inferred from
the 25 mag arcsec−2 isophote, and provided by NED. It is centered in the photometric
midpoint marked by the vertical dotted-dashed line.
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Figure 2.6: Similar to Fig. 2.5 with the FWHM velocity dispersion. The range in
abscissas is the same as in Fig. 2.5.
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fit (U0, U1, d0, and ∆) were derived using the Python package LMFIT (Newville
et al. 2014). The fits are shown as black dashed lines in Fig. 2.5. The fits are
not particularly good, but they allow us to have an idea of the amplitude of the
rotation curve and the dynamical center of the galaxies. These properties are
summarized in Table 2.3. Even though the position of the dynamical center is
very uncertain (see Fig. 2.5), they do not seem to overlap with the position of
the main star-forming region.

Independently of the properties of the rotation, we do find a recurrent be-
havior for the velocity and velocity dispersion at the star-forming region. The
velocity tends to be constant within the spatial extent of the clump. This is
clear in, e.g., SBS2104 and ML16 (see the velocity curves in Fig. 2.5 at the
point where the Hα emission peaks). If the spatial resolution of the observa-
tions were insufficient to resolve the individual clumps, then one would expect
that the velocity, and all the other properties inferred from the shape of the
Hα line, would be constant within the spatially unresolved clump. However,
insufficient spatial resolution is not responsible for the observed behavior for
two reasons: (1) many clumps are well resolved; e.g., ML16 has a FWHM
of 3 arcsec (Fig. 2.5) when the seeing was only 1 arcsec FWHM (Table 2.1),
and (2) the velocity dispersion is not constant within the starburst clump (see
Fig. 2.6).

These two properties, i.e., constant velocity with varying velocity dispersion,
are clearer in Fig. 2.7. It shows the Hα flux across all the clumps of the
individual galaxies (the dotted lines in all the panels). They have been re-scaled
in abscissa and ordinate so that all of the Hα flux profiles look approximately
the same in this representation (we normalize each profile to its maximum flux
and to its size). The figure also includes the rotation curve around the star-
forming region (bullet symbols and solid lines), once the average velocity in
the region has been removed. Note that all rotation curves tend to flatten at
the location of the star-forming clump. The velocity is uniform, as if the star-
forming region were a kinematically distinct entity. Note also how the velocity
dispersion (shown as asterisks joined by solid lines in Fig. 2.7) varies across
the clump. Three patterns for the variation of the velocity dispersion can be
distinguished, namely, the velocity dispersion has a local maximum coinciding
with the center of the star-forming clump (Fig. 2.7, top panel; Type 1), the
velocity dispersion increases across the clump (Fig. 2.7, middle panel; Type
2), and the velocity dispersion presents a minimum at the center of the clump
(Fig. 2.7, bottom panel; Type 3).

The first case may be qualitatively understood if the star-forming region
is undergoing a global expansion. The velocity dispersion peaks in the central
part, where the Doppler signal of the approaching and receding parts is largest.
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Figure 2.7: Variation of the velocity (bullet symbols) and velocity dispersion (aster-
isks) across the star-forming regions of the XMPs. Distances, in the abscissa axis, are
referenced to the position of the star-forming region and normalized to its size. For this
reason, the variation of the Hα flux across the region, shown as dotted lines, is always
centered at distance zero, and always has the same width. The velocity turns out to be
constant within the star-forming clump, whereas the velocity dispersion follows three
distinct patterns, labelled as Type 1 (shown in the top panel), Type 2 (middle panel),
and Type 3 (bottom panel). In Type 1, the dispersion presents a local maximum at the
center of the starburst. In Type 2, however, the dispersion increases across the region
towards the position that is closest to the galaxy photometric center. The Type 3 pat-
tern presents a minimum at the center of the star-forming region. Different colors refer
to different galaxies, as indicated by the insets. The monikers used for the XMPs are
in Table 2.1. The average velocity and velocity dispersion in each star-forming clump
have been subtracted from the plots, so that the velocity and velocity dispersion are
zero at the clump.
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In this instance, the velocity remains constant, tracing the rotational velocity
at the origin of expansion7. The difference between the velocity dispersion
at the center and at the sides of the starburst can be used to estimate the
expansion velocity of the region. If the difference is of the order of 20 %, and
WU is around 40 km s−1 (see HS0822, UM461, and ML16 in Table 2.2), then
an expansion able to create the observed excess of central velocity dispersion
has to be of the order of 13 km s−1. We have assumed that the turbulent and
expansion velocity add up quadratically in their contribution to WU . The mass
loss rate resulting from the possible global expansion is worked out in Sect. 2.6.

In the second case (Type 2; Fig. 2.7), the dispersion always increases to-
wards positive distances which, by construction, point to the photometric cen-
ter of the galaxies. In other words, it is largest in the part of the star-forming
clump that is closest to the galaxy center. As we discussed above, this is not
an observational bias due to insufficient spatial resolution. Although we can
only speculate at this point, the result is very suggestive. The excess velocity
dispersion in the center-side of Types 2 may indicate an intensification of the
turbulence of the gas in that particular part of the starburst. Such an increase
may indicate the collision of the starburst gas with the ISM of the host galaxy,
as if the star-forming regions were inspiraling towards the galaxy center. This
migration to the galaxy center is expected from tidal forces acting upon massive
gas clumps (see, e.g., Elmegreen et al. 2008; Ceverino et al. 2016; Hinojosa-Goñi
et al. 2016); the large starbursts in our XMPs may be going through such a
process at this moment.

The Type 3 pattern presents a minimum velocity dispersion, coinciding with
the starburst (Fig. 2.7); it may reflect the past expansion of the region. As an
adiabatic contraction increases the turbulence in a contracting medium (e.g.,
Murray & Chang 2015), an expansion leads to adiabatic cooling and to a drop
of the turbulence (e.g., Robertson & Goldreich 2012). A past expansion phase
may have produced the observed decrease in velocity dispersion, even if the
phase is already over and it does not appear in the form of a Type 1 pattern.
The same kind of local minima in velocity dispersion has been observed in
young star cluster complexes of nearby galaxies (e.g., Bastian et al. 2006).

We have calculated the dynamical mass that accounts for the velocity dis-
persion if the clump was in virial equilibrium, as described by Eq. (2.5). The
results are in Table 2.2. They are similar to the total stellar mass of the galaxy
and thus, very large. They are also comparable to the dynamical mass of the
galaxy inferred from the rotation curve (Table 2.3), even though these masses

7Even if the original region had some rotation, it would have been washed out by the
expansion, due to angular momentum conservation.
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are lower limits because of the (unknown) inclination of the galaxies, and be-
cause of the existence of pressure gradients (see the discussion in Sect. 2.3).

The fact that the star-forming regions have well defined kinematical prop-
erties, suggests that they are distinct entities within the host galaxy.

Table 2.3: Properties of the rotation curve.

ID U1
a d0

b log(M sin2 i) c |dl − d0| c
[km s−1] [arcsec] [M�] [arcsec]

ML4 −70 ± 200 2 ± 2 8.4 3.7
HS0822 −1.3 ± 0.2 0.8 ± 80 5.2 7.5
SBS0 15 ± 1.2 13.8 ± 0.5 8.1 21.7
SBS1 36 ± 4 10.1 ± 0.08 9.0 31.7
ML16 −11.7 ± 0.7 1.53 ± 0.09 7.4 7.6
UM461 −8.6 ± 0.7 −1.85 ± 0.08 7.2 13.4
N241 −90 ± 50 16 ± 10 9.0 40.8
SBS2104 27 ± 8 −1 ± 0.9 8.2 10.2
ML32 −14 ± 7 −1.2 ± 0.4 8.3 6.6

a Amplitude resulting from fitting Eq. (2.2) to the observed
rotation curve.

b Dynamical center resulting from fitting Eq. (2.2) to the
observed rotation curve.

c Dynamical mass of the galaxy. Based on Eq. (2.3), considering
up to the largest distance from d0 with sensible velocity
measurements, dl.

2.4.1 Chemical properties

A separate, but important, result from the analysis of the spectra deals with
the metallicity. Most of the XMPs that we study are characterized by having
a drop in gas-phase metallicity associated with the main starburst (SA+15).
We searched for possible relationships between such metallicity inhomogeneities
and the kinematic properties described above but found no correlation. What
we found, however, is a notable lack of correlation between the metallicity (as
traced by O/H) and the ratio N/O. It appears in Fig. 2.8, where the variation
of the metallicity, SFR and N/O ratio is displayed. The N/O ratio was esti-
mated from [NII]λ5583 and [SII]λ6716,6731 following the calibration by Pérez-
Montero & Contini (2009), which is almost independent of dust reddening (it
could not be estimated in SA+15 because of the difficulty in separating [NII]
from Hα, given the limited wavelength resolution of those spectra). Figure 2.8
shows that the N/O ratio remains fairly constant along the galaxy, even at the
position of the main starbursts, where the Hα flux peaks and the metallicity
drops. The lack of correlation between the ratios N/O and O/H is the general
behavior. This observational fact is consistent with the gas accretion scenario.
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Figure 2.8: Variation of the metallicity (12 + log[O/H]), N/O ratio, and SFR along
the major axis of the XMPs. The red solid line is the metallicity of the galaxy from
SA+15, except for N241, where a mean value for the clump was obtained from Sánchez
Almeida et al. (2016). The green solid line is the variation of the N/O ratio. The red
dotted line represents the Hα flux scaled to the maximum value at the clump, which
is a proxy for SFR.
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If the accretion of metal-poor gas is triggering the observed starburst, then the
fresh gas would locally reduce the O/H ratio in the star-forming region relative
to the rest of the galaxy. However, mixing with external gas cannot modify the
pre-existing ratio between metals, leaving the N/O ratio unchanged. This argu-
ment has been put forward before to support the gas accretion scenario (Amoŕın
et al. 2010, 2012; Sánchez Almeida et al. 2014a). The value for log(N/O) that
we infer, around −1.5, is also consistent with the N/O ratio found in metal-
poor α−enhanced stars in the solar neighborhood (e.g., Israelian et al. 2004;
Spite et al. 2005). Since the star formation is enhanced where the O/H ratio
drops, the lack of correlation between the ratios N/O and O/H reveals a lack
of correlation between N/O and the SFR. This property seems to be common
among star-forming galaxies at all redshifts (e.g., Pérez-Montero et al. 2013),
and supports the metal-poor nature of the gas that forms stars.

2.5 Properties of the multiple components

2.5.1 Expanding shell interpretation

The first significant result is the mere existence of multiple components in the
wings of Hα, which are often paired, so that for each red component there
is a blue component with a similar wavelength shift and amplitude (see the
example in Fig. 2.3a). This fact discards spatially-unresolved, optically-thin,
uniform expanding shells as the source of emission in the line wings, since
they produce a top-hat line profile without individual emission peaks (e.g.,
Zuckerman 1987; Cid Fernandes & Terlevich 1994; Tenorio-Tagle et al. 1996,
and also Appendix 2.8). However, the two-hump emission can be caused by
a non-spherically-symmetric shell, or a shell having internal absorption (the
other alternatives are analyzed and discarded in Sect. 2.5.2). Even though the
observed amplitudes are similar, the blue component of each pair tends to be
larger than the red component. Figure 2.9 shows the ratio between the area of
the red and the blue components, and in all but one case, this ratio is one or
smaller, considering error bars. Moreover, if one of the components is missing,
it tends to be the red one. These two facts suggest a dusty expanding shell
model, where the receding cap of the shell is obscured by the approaching cap
(see Appendix and Fig. 2.17). These issues are discussed in detail in Sect. 2.5.2.
The color code employed in Figs. 2.9 — 2.15 assigns a color to each galaxy, and
then the different symbols of the same color correspond to the various pairs of
secondary components in that galaxy.

Using the equations in Sect. 2.3.3, we have estimated the mass, mass loss
rate, and kinetic energy associated with all the weak components in the Hα
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Figure 2.9: Area ratio between the blue and red emission of paired components
versus mean strength of the secondary components relative to the central component,
i.e., area ratio versus ε. Each point corresponds to one pair in one of the galaxies, as
indicated in the inset – each galaxy has a color, and the different symbols with same
color correspond to different weak components of the same galaxy. When only one
component exists, it tends to be the blue one (they are marked with an asterisk in the
inset). We show unpaired components as having an area ratio equal to zero. Except
for ML32, the ratio is consistent with one or smaller. There is no obvious trend in the
observed scatter plot.

wings (Sect. 2.3.2; Fig. 2.3). The mean values, as well as the errors, are given
in Table 2.4.

The velocities and the ratio between the secondary components and the
central component, ε, are provided directly by the multi-Gaussian fit described
in Sect. 2.3.2. In the case of paired components, the velocity is the mean of
the absolute value of the two velocities, and ε is the total ε of the pair. The
estimates also depend on the temperature and electron density of the emitting
plasma, as well as on the relative thickness of the shell, ∆R/R, and the filling
factor, f .

The electron temperature is taken from the data used to determine oxygen
abundance in SA+15. Specifically, we use the mean over the main star-forming
region of the galaxy. The electron density has been inferred from the ratio of the
emission lines [SII]λ6716 and [SII]λ6731, following the standard procedure (e.g.,
Osterbrock 1974), using the mean value over the whole star-forming region.
These two lines are present within the spectral range observed with the WHT.
Electron densities and temperatures are listed in Table 2.2. As for the thickness
of the shell, we use ∆R/R = 0.3 (see Sect. 3.3). The filling factor, f , is assumed
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Figure 2.10: Mass loss rate versus gas mass for the faint components observed in the
wings of Hα. The color code and symbols have the same meaning as in the previous
figure, which is indicated in the inset.

to be one.

The velocities of the weak secondary components are typically in excess of
100 km s−1 (see Table 2.4). These velocities are very large compared with the
rotational and turbulent velocities of the galaxies (Sect. 2.4), and, hence, are
almost certainly larger than the escape velocity of the galaxy, expected to be
of the order of the rotational plus turbulent velocity in the disk (e.g., Binney
& Tremaine 2008). Assuming that the components in the wings correspond
to outflows in expanding shells, it is still unclear whether or not the involved
mass will finally escape from the galaxy. It all depends on the ISM of the host
galaxy, and the pressure it exerts on the expanding shell. The issue is analyzed
in Sect. 2.5.2, with the conclusion that the gas will likely escape. The mass
involved in these motions is given in Table 2.4 and summarized in Fig. 2.10.
The masses are in the range between 10 M� and 105 M�, and they represent a
few percent of the total gas mass in the HII region (the parameter ε in Table 2.4
gives the flux ratio between the secondary and the main emission lobe, and it
has been taken as a proxy for the mass ratio; see Eqs. [2.21] and [2.22]). These
masses are very small compared to the stellar masses and the dynamical masses
of the entire galaxies (Tables 2.1 and 2.3).

Figure 2.10 shows that the mass loss rate scales with the gas mass, since the
velocities and radii of the different components and galaxies are similar. The
weak components have associated mass loss rates between 10−2 and 1 M� yr−1.
They are very significant compared with the SFRs, as is attested in Fig. 2.11,
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Figure 2.11: Mass loading factor (Ṁg/SFR) versus gas mass, for the weak components
observed in the wings of Hα. All factors are larger than one, meaning that for every
unit mass transformed in stars, several units are swept away by the expansion. The
color code and symbols have the same meaning as in previous figures, which is indicated
in the inset.

which shows the mass loading factor, Ṁg/SFR. Most mass loading factors are in
excess of one, meaning that for every mass unit transformed into stars, several
mass units are swept away. Whether this mass escapes the HII region, and later
on, the galaxy, we cannot know from our observations. However, cosmological
numerical simulations predict large mass loading factors in low mass galaxies
(10 is not uncommon; see, e.g. Peeples & Shankar 2011; Davé et al. 2012;
Oppenheimer et al. 2012; Bournaud et al. 2014; Thompson & Krumholz 2016).
Mass loading factors observed in high redshift objects are generally lower than
the ones we infer (say, of the order of 2, e.g., Newman et al. 2012; Martin
et al. 2012), likely because they refer to massive galaxies (log(M?/M�) > 10).
However, it is not uncommon to find factors up to 10 in local dwarfs (e.g.,
Martin 1999; Veilleux et al. 2005). A caveat is in order, though. We are
assuming the density of the shell to be the same as the mean density of the
star-forming region. If the expanding shell builds up mass by sweeping gas
around the explosion site, its density is expected to be higher than the mean
density of the region. This increase of density would reduce our mass loading
factor estimates (see Eq. [2.22]).

Figure 2.12 shows the kinetic energy associated with the weak components.
As with the mass loss rate, it scales with the mass of gas that is involved in
the motion. Figure 2.12 also shows the energy typically associated with a core-
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Figure 2.12: Kinetic energy versus gas mass, for the weak components observed in the
wings of Hα. The line at 1051 erg corresponds to the typical kinetic energy released by
a core-collapse SN, characteristic of massive stars. The color code and symbols have
the same meaning as in previous figures, which is indicated in the inset.

collapse SN explosion, of the order of 1051 ergs (e.g., Leitherer et al. 1999). The
energies involved in the observed motions are usually around this value, albeit
smaller; ML32 is a bold exception. Therefore, energy-wise, the components may
be tracing shells produced by individual SN explosions. ML32 would require
some 10 SN exploding simultaneously.

Depending on the IMF (initial mass function), population synthesis models
predict a SN rate between 0.02 and 0.005 yr−1 for a constant SFR=1 M� yr−1

(Leitherer et al. 1999). Using a value in between these two extremes, say
0.01 yr−1/(M�yr−1), the SFRs of our star-forming regions (Table 2.2) allow us
to estimate the expected SN rates assuming the observed SFRs to be constant.
The predicted SN rate turns out to be between 10−3 and 10−5 yr−1, which
corresponds to a time-lag between SN explosions (τSN , defined as the inverse
of the SN rate) from 1000 yr to 0.1 Myr. These rates suffice to maintain the
observed signals. Figure 2.13 provides Age/τSN for individual shells. Age >
τSN in half of the cases, which implies expecting more than one SN signal at a
time, as we observe.

Ages are estimated from the measured velocity and the estimated radius of
the shell (Eq. [2.19]). These radii are small compared to the size of the star-
forming regions. Figure 2.13 shows the radius relative to the effective radius of
the region, with the typical ratio being around 10 % or smaller. Therefore, it
is important to keep in mind, for interpreting the weak emission components
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Figure 2.13: Radius of the shell in terms of the radius of the star-forming region
(R/Re) versus Age of the shell relative to the expected time-lag between SN explosions
(τSN ). The color code and symbols have the same meaning as in previous figures, which
is indicated in the inset.

in the wings of Hα, that there are one or several (probably non-concentric)
expanding shells embedded in a large star-forming region. This substructure is
common in giant HII regions, such as 30 Doradus in the large Magellanic cloud
(e.g., Meaburn 1984; Sabbi et al. 2013; Camps-Fariña et al. 2015). Shells and
holes appear in Hubble Space Telescope (HST) images of the large starburst in
Kiso 5639, a tadpole galaxy very similar to the XMPs studied here (Elmegreen
et al. 2016b).

We do not see a dependence of the properties of the weak emission-line
components on the mean metallicity of the starburst, except perhaps for the
mass loading factor. Figure 2.14 shows the scatter plot of metallicity versus
mass loading factor, and it hints at an increase of the factor with increasing
metallicity. The trend may be coincidental, due to the small number of points
in the plot. However, it may also indicate the contribution of stellar winds to
the energy and momentum driving the observed expansion. The winds of mas-
sive stars can provide a total kynetic energy comparable to the energy released
during their SN explosions (e.g., Fierlinger et al. 2016), and these radiation-
pressure driven winds have mass loss rates that increase with increasing metal-
licity (e.g., Martins 2015). The metallicities represented in Fig. 2.14 correspond
to the metallicity averaged over the starburst and, thus, due to the variation of
metallicity across the star-forming region, their value is slightly higher than the
values quoted in SA+15. ML16, the point of highest metallicity in Fig. 2.14, is



44 Chapter 2. Kinematic properties of Extremely Metal-poor Galaxies

0 20 40 60 80 100

Ṁg /SFR 

6.8

7.0

7.2

7.4

7.6

7.8

8.0

12
+
lo
g
 (
O
/H
)

ML32 mc1.0

HS0822 mc-2*

HS0822 mc1.0

ML4 mc1*

SBS2104 mc2.0

SBS2104 mc1.0

SBS2104 mc-3*

SBS0 mc2.0

SBS0 mc1.0

SBS0 mc-3*

SBS1 mc1.0

UM461 mc2.0

UM461 mc3.0

UM461 mc1.0

ML16 mc1.0

N241 mc2.0

N241 mc3.0

N241 mc1.0

Figure 2.14: Mean metallicity of the star-forming region versus mass loading factor.
The color code and symbols have the same meaning as in previous figures, as indicated
in the inset.

also the galaxy with no detected metallicity inhomogeneity in SA+15.

2.5.2 Other interpretations

One can think of several alternatives to explain the existence of multiple paired
emission-line components in the wings of Hα. The previous section analyzes the
possibility of being produced by spatially-unresolved expanding shells driven by
SN explosions. Here we discuss other options, such as (1) spatially-unresolved
rotating structures, (2) spatially-resolved expanding shells, (3) bipolar outflows,
(4) blown out spherical expansion leading to expanding rings, and (5) spatially-
unresolved expanding shells driven by BH accretion feedback.

(1) Spatially-unresolved rotating disk-like structures. Rotation naturally
produces double-horned profiles (e.g., Epstein 1964). Therefore, one of the
possibilities to explain the existence of blue and red paired emission peaks is
the presence of a gaseous structure rotating around a massive object. The mass
of the required central object can be estimated from the size of the rotation
structure and the velocity (Sect. 2.3.4). Figure 2.15 shows that the mass of
the central object needs to be around three orders of magnitude larger than
the gas mass involved in the motions, with central masses, M•, ranging from
106–108 M�. This mass turns out to be of the order of the stellar mass of
the whole galaxy (Table 2.1), which rules out the stellar nature of the required
central concentration. If, on the other hand, it were a BH, then it would have to
have M• ∼M?, which is completely out of the so-called Magorrian-relationship
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Figure 2.15: Mass of the central object versus gas mass if the pairs of faint emission
components are interpreted as caused by a gaseous disk orbiting around a central
massive object. The solid line represents the one-to-one relationship. The masses of
the required central objects turn out to be unrealistically large, which disfavors this
interpretation. The color code and symbols have the same meaning as in previous
figures, which is indicated in the inset.

between the central BH mass and the stellar mass of the galaxy, for which
M•/M? ∼ 10−3 (e.g., Kormendy & Ho 2013). Thus, the exotic nature of the
required central mass disfavors the interpretation of the weak emission in the
wings of Hα as caused by a disk orbiting around a massive central object, such
as a BH.

(2) Spatially-resolved expanding shells. The inner part of a spatially resolved
expanding shell also produces double peak emission-line profiles, since the outer
parts of the shell, contributing to the line core, are excluded (e.g., Zuckerman
1987). We often see several pairs of emission peaks (Fig. 2.3a), therefore, this
interpretation requires the existence of several resolved concentric shells, which
is unrealistic since the first shell would have already swept the ISM around
the center of the expansion. Moreover, the size of the shell is estimated to
be smaller than the typical spatial resolution, so that the expanding regions
cannot be spatially resolved.

(3) Bipolar outflows. Insofar as they comply with the energetics required to
explain the observed motions, bipolar flows cannot be easily discarded. They
create two-horned profiles, and several of them coexisting in the resolution ele-
ment could explain the presence of multiple paired components. In fact, bipo-
lar flows are extreme cases of non-spherically-symmetric shells, where double-
horned line profiles appear naturally (e.g., Gill & O’Brien 1999).
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(4) Blown out spherical expansion leading to expanding rings. If the radius
of the shell exceeds the scale height of the disk of the galaxy, it may break up,
leading to a ring-like expanding structure that produces two-horned profiles
when observed edge-on. This possibility can be discarded since the ring would
have to be as large as the disk thickness, which is incompatible with the small
size of the expanding structures (Table 2.4).

(5) Spatially-unresolved expanding shells driven by BH accretion feedback.
Energywise, intermediate mass BHs of 105 M� can also power the expanding
shells that we characterize in Sect. 2.5.1 (see Eq. [2.24]). However, the obser-
vations also disfavor this option for a number of reasons. It is unclear how
a primordial BH seed can coincide spatially with a star-forming region unless
there are many such BHs lurking in the galaxy, or the BH is born in situ.
105 M� BHs can be produced by direct collapse in the early universe, but this
explanation can be discarded, since they are very rare (e.g., van Wassenhove
et al. 2010) and many of them are needed. On the other hand, 100 M� BHs are
expected to be more common, left as remnants from population III stars formed
in the early universe or even today (e.g., Kehrig et al. 2015). However, this
alternative is also very unlikely, since HII regions are short-lived (a few tens
of Myr; e.g., Leitherer et al. 1999), and a BH requires several hundred Myr
of continuous feeding to grow from 100 to 105 M� (see, e.g., Volonteri 2010).
Finally, accreting BHs are expected to be luminous X-ray sources. Five of our
XMPs were observed with the X-ray satellite Chandra: HS0822, SBS1, N241,
SBS2109, and UM 461 (Kaaret et al. 2011; Prestwich et al. 2013). Only one of
them shows a signal above the noise, namely, SBS1, with an X-ray luminosity
around 1039 erg s−1. This level of emission is consistent with young SNe (e.g.,
Filho et al. 2004; González-Mart́ın et al. 2006; Dwarkadas & Gruszko 2012).

2.6 The fate of the swept out material

Independently of the details on whether the shells are symmetric, or if they
have internal extinction, the expanding shell model appears to be the best
explanation to reproduce the weak emission features observed in the Hα wings.
One of the consequences of this interpretation is that the mass loading factor
that we infer may be reflecting the feedback of the star formation process on the
medium in, and around, the galaxy. The measured mass loading factor is very
large, of the order of ten or larger (Fig. 2.11), which implies that for every solar
mass of gas transformed into stars, at least ten times more gas is swept away
from the region. How far this swept gas goes is impossible to tell from the data
alone. However, a significant fraction may escape from the galaxy to the CGM
and even the intergalactic medium (IGM). The speeds, larger than 100 km s−1
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and up to 400 km s−1 (Table 2.4), likely exceed the escape velocity of the galaxy.
The final fate of the gas depends on whether the gas pressure in the ISM of
the galaxy suffices to slow down and confine the expansion. Even though we
do not know the gas pressure of the ISM, it must be similar to the turbulent
pressure in the star-forming region, so that the region is neither expanding nor
shrinking considerably (the moderate global expansion observed in some cases
is analyzed in the paragraph at the end of the section). The turbulent pressure
scales with the square of the turbulent speed, and so does the pressure exerted
by the shell on the ISM (e.g., Chandrasekhar 1951; Bonazzola et al. 1987). The
measured turbulent velocities are of the order of 25 km s−1 (see Table 2.2, and
keep in mind that the quoted values are FWHM velocities rather than velocity
dispersions), hence, provided that the HII region and the shell have similar
densities, the ISM will not be able to confine an expanding shell with a speed
of a few hundred km s−1. A significant part of the matter in the shell may
eventually escape from the galaxy. Martin (1999) made a qualitative estimate
of the conditions for starburst-driven outflows to escape, finding that the gas
flows out from galaxies with rotation smaller than 130 km s−1, i.e., from our
XMPs.

Under the hypothesis of expanding shell, it is possible to compute the col-
umn density to be expected if the shell material reaches the CGM. Assuming
mass conservation, and if the shell geometry is maintained, the typical column
density when the shell expands to a radius R′ is,

NH ' 7.9× 1014 cm−2 R

10 pc

ne
102 cm−3

[R/R′
10−3

]2
, (2.27)

where the electron density, ne, and the radius, R, are those measured in the
star-forming regions. Note that for the typical sizes and densities of our shells,
and with expansion factors of the order of 103 that transform pc-size shells
into intergalactic size structures (from R ' 10 pc to R′ ' 10 kpc), the column
densities predicted by Eq. (2.27) are of the order of 1015 cm−2. This gas would
be undetectable with current instrumentation, even if it were fully neutral.
For example, a high-sensitivity survey such as HIPASS sets the limit at 4 ×
1017 cm−2 (Meyer et al. 2004), and values of 1017 cm−2 will be achieved by
SKA after a 1000 hour integration (de Blok et al. 2015). Moreover, at these
low column densities the intergalactic ultraviolet (UV) background will keep
the gas fully ionized, which makes it even more elusive. How long would it
take for the gas to reach the CGM? Assuming that the original velocities are
maintained, the time to reach the CGM is the expansion factor, R′/R, times
the Age in Eq. (2.19). Given the Age in Table 2.4 and R′/R ' 103, the time-
scale is of the order of 10 Myr, which is short compared to the time-scale for
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galaxy evolution. In summary, the shells that we observe in the star-forming
regions are expected to reach the CGM, and may do so in a reasonable time-
scale. Unfortunately, they would be undetectable with current instrumentation
unless the expansion is more moderate than expected according to Eq. (2.27).

We show in Sect. 2.4 that some of the star-forming regions may be under-
going a global expansion, with a moderate velocity of around 15 km s−1. The
mass loss rate associated with this global expansion, ṀG, can also be estimated
using Eq. (2.15), except that this time the global mass of the starburst, MG,
and the radius of the starburst, Re, have to be considered. A simple substi-
tution renders ṀG in terms of the mass loss rate inferred for one of the weak
components in the wings of Hα, i.e.,

ṀG/Ṁg ' ε−1 (R/Re) (15 km s−1/vout), (2.28)

where we have assumed ∆R/(Re/3) ' R/Re, and Mg/MG ∼ ε. Using typical
values for these parameters, ε ' 5 × 10−3 (Table 2.4), vout ' 150 km s−1

(Table 2.4), and R/Re ∼ 5 × 10−2 (Figure 2.13), one finds that the two mass
loss rates are similar, i.e.,

ṀG/Ṁg ∼ 1. (2.29)

One can repeat the exercise for the kinetic energy involved in the global ex-
pansion (Eq. [2.23]), which scales with the mass ratio and the square of the
expansion velocities. Using the typical values given above, the two kinetic en-
ergies turn out to be similar too. This rough estimate leads to the conclusion
that the mass loss rate and the kinetic energy involved in the global expansion
of the star-forming region are similar to the values inferred for the emission
features observed in the wings of Hα. The question arises as to whether the
global expansion unbounds the gas in the starburst, and so may contribute to
the global mass loss of the XMPs. As was the case with the small expanding
shells discussed above, the answer to the question is very uncertain, and can-
not be addressed resorting to our observational data alone. The fate of the
gas depends on the unknown value of the ISM pressure. In contrast with the
small shells, the expansion velocities are significantly smaller than the expected
escape velocity. Moreover, the turbulent velocity of the galaxies is typically 40–
50 km s−1, and, hence, comparable, but larger, than the turbulent velocity in
the star-forming region (see Fig. 2.6). Only if the density in the ISM of the
XMPs is much lower than the density in the starburst, the starburst may be
overpressureized and the mild observed expansion can drive gas through the
ISM to large distances.
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2.7 Conclusions

The XMP galaxies analyzed in SA+15 are characterized by having a large
star-forming region with a metal content lower than the rest of the galaxy. The
presence of such chemical inhomogeneities suggests cosmological gas accretion
as predicted in numerical simulations of galaxy formation. Cosmological gas
accretion induces off-center giant star-forming clumps that gradually migrate
toward the center of the galaxy disks (Ceverino et al. 2010; Mandelker et al.
2014). The star-forming clumps may be born in-situ or ex-situ. In the first
case, the accreted gas builds up the gas reservoir in the disk to a point where
disk instabilities set in and trigger star formation. In the second case, already
formed clumps are incorporated into the disk. They may come with stars and
dark matter, and thus, they are often indistinguishable from gas-rich minor
mergers (Mandelker et al. 2014). Since they feed from metal-poor gas, the
star-forming clumps are more metal-poor than their immediate surroundings
(Ceverino et al. 2016). In order to complement the chemical analysis carried out
by SA+15, I study the kinematic properties of the ionized gas forming stars
in the XMP galaxies. Nine objects were studied (Table 2.1) with a spectral
resolution of the order of 7500, equivalent to 40 km s−1 in Hα.

Most XMPs have a measurable rotation velocity, with a rotation amplitude
which is only a few tens of km s−1 (Fig. 2.5). All rotation curves present small-
scale velocity irregularities, often with an amplitude comparable to the velocity
gradient across the whole galaxy. On top of the large-scale motion, the galaxies
also present turbulent motions of typically 50 km s−1 FWHM (see Fig. 2.6 and
Table 2.2), and, therefore, larger than the rotational velocities.

Observations suggest that the main star-forming region of the galaxy moves
coherently within the host galaxy (Fig. 2.1). The velocity is constant (Fig. 2.7),
so that the region moves as a single unit within the global rotation pattern of
the galaxy. In addition, the velocity dispersion in some of these large star-
forming clumps increases toward the center-side of the galaxy. The excess
velocity dispersion on the center-side may indicate an intensification of the
turbulence of the gas that collides with the ISM of the host galaxy, as if the
clumps were inspiraling toward the galaxy center. This migration to the galaxy
center is expected from tidal forces acting upon massive gas clumps (see, e.g.,
Elmegreen et al. 2008, 2012a; Bournaud et al. 2008; Ceverino et al. 2016), and
the large starbursts in our XMPs may be going through the process at this
moment. In some other cases, the velocity dispersion has a local maximum
at the core of the star-forming region, which suggests a global expansion of
the whole region, with a moderate speed of around 15 km s−1. Sometimes the
velocity dispersion presents a minimum at the core, which may reflect a past
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global expansion that washed out part of the turbulent motions.
We find no obvious relationship between the kinematic properties and the

metallicity drops, except for the already known correlation between the pres-
ence of a starburst and the decrease in metallicity. We do find, however, a sig-
nificant lack of correlation between the metallicity and the ratio N/O (Fig. 2.8),
which is consistent with the gas accretion scenario. If the accretion of metal-
poor gas is fueling the observed starbursts, then the fresh gas reduces the
metallicity (i.e., O/H), but it cannot modify the pre-existing ratio between
metals (e.g., Amoŕın et al. 2010, 2012), forcing the ratio N/O to be similar
inside and outside the starburst.

The Hα line profile often shows a number of faint emission features, Doppler-
shifted with respect to the central component. Their amplitudes are typically
a few percent of the main component (Fig. 2.3), with the velocity shifts being
between 100 and 400 km s−1 (Table 2.4). The components are often paired, so
that red and blue peaks, with similar amplitudes and shifts, appear simulta-
neously. The red components tend to be slightly fainter, however. Assuming
that the emission is produced by recombination of H, we have estimated the
gas mass in motion, which turns out to be in the range between 10 and 105 M�
(Table 2.4 and Fig. 2.10). Assuming that the Doppler shifts are produced by
an expanding shell-like structure, we infer a mass loss rate between 10−2 and
a few M� yr−1. Given the observed SFR, the mass loss rate yields a mass
loading factor (defined as the mass loss rate divided by the SFR) typically in
excess of 10. Large mass loading factors are indeed expected from numerical
simulations (e.g., Peeples & Shankar 2011; Davé et al. 2012; Oppenheimer et al.
2012), and they reflect the large feedback of the star formation process on the
surrounding medium. Numerical simulations predict that low mass galaxies
are extremely inefficient in using their gas, most of which returns to the IGM
without being processed through the stellar mechanism. Since the measured
expansion velocities exceed by far the rotational and turbulent velocities, we
argue in Sect. 2.5.2 that the gas involved in the expansion is bound to escape
from the galaxy disk, reaching the CGM and possibly the IGM. Therefore, the
large mass loading factors that we measure support and constrain the predic-
tions from numerical simulations. We have estimated the H column density to
be expected when the shell material reaches the CGM, and it turns out to be
around 1015 cm−2. Even if all the H were neutral, this is undetectably small
with present technology. Moreover, at these low column densities, all H is ex-
pected to be ionized by the cosmic UV background. Even if the IGM of the
XMPs were filled by expanding shells from previous starbursts, they would be
extremely elusive observationally.

From an energetic point of view, the observed motions involve energies
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between 1049 and 1052 erg, which are in the range of the kinetic energy released
by a core-collapse SN (∼ 1051 erg). The low-end energy requires that only part
of the SN kinetic energy drives the observed expansion, whereas the high-
end energy requires several SNe going off quasi-simultaneously. The observed
SFRs allow for the required number of SNe, and the estimated age of the
shells (104–106 yr; Table 2.4) is also consistent with the expected SN rate.
Other alternatives to explain the weak emission peaks in the wings of Hα,
like BH driving the motions or the expansion, can be discarded using physical
arguments (Sect. 2.5.2).

Some of the data suggest a moderate global expansion of the star-forming
regions (Sect. 2.6). Even if the expansion velocity is small (around 15 km s−1),
the motion involves the mass of the whole region, and, hence, the associated
mass loss rate and kinetic energy turn out to be similar to those carried away
by the fast-moving secondary components. Thus, global expansion may also
be important in setting up the mass and energy budgets associated with star
formation feedback.

High redshift clumpy galaxies are probably growing through cosmological
gas accretion processes similar to those experienced by XMPs. However, the
physical conditions at high and low redshifts differ (e.g., the gas accretion rates
are larger at high redshifts), so do the observational biases affecting XMPs
and high-redshift clumpies (e.g., low-mass galaxies are undetectable at high
redshift). Therefore, addressing the issue of whether XMPs are low-mass ana-
logues of high-redshift clumpies is complicated, and is beyond the scope of our
work. However, because of their probable common physics, it is interesting
to point out some of the similarities and differences of the two samples. As
in the case of XMPs, some clumpy galaxies show metallicity drops associated
with enhanced star-formation activity (Cresci et al. 2010; Troncoso et al. 2014).
High redshift galaxies are significantly more massive than XMPs. Using as ref-
erence for high redshift galaxies (1.3–2.6) the SINS8 sample (Förster Schreiber
et al. 2009), the stellar mass of the high-redshift objects (109.5–1011M�) is
three orders of magnitude larger than the mass of XMPs (106–108.5M�; Ta-
ble 2.1). This difference in stellar mass shows in dynamical mass too, with
rotational velocities between 100 and 260 km s−1 at high redshift. We cannot
directly compare the rotational velocities of XMPs with these values since we
cannot correct for inclination, however, the uncorrected values go from zero to
30 km s−1 (see Fig. 2.5). The velocity dispersion in XMPs ranges from 10 and
20 km s−1 (corresponding to FWHM between 25 and 50 km s−1; see Fig. 2.6),
whereas it is between 50 and 200 km s−1 at high-redshift (Förster Schreiber

8SINFONI Integral Field Spectroscopy of redshift two Star-forming Galaxies.
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et al. 2009). The high redshift objects have a ratio between rotational veloc-
ity and velocity dispersion between 0.5 and one (Förster Schreiber et al. 2009).
XMPs seem to have similar ratios, even though we cannot be more precise since
the measured rotation in XMPs is affected by inclination. The total SFRs are
very different (10 – 500M� yr−1 at high redshift and 0.001 – 0.1M� yr−1 in
XMPs), but the surface star-formation rates are not; they go from 0.01 to
10M� yr−1 kpc−2 at high redshift (e.g., Fisher et al. 2016) and from 0.005 to
0.8M� yr−1 kpc−2 in XMPs (SA+15). Mass loading factors are one order of
magnitude larger in XMPs than those inferred for high-redshift clumpy galaxies
(Sect. 2.5; see also Newman et al. 2012), a difference that we attribute to their
very different masses. However, the differences of size between the expanding
regions of clumpies and XMPs may also play a role (see Eq. [2.15]). Local UV
bright clumply galaxies (Elmegreen et al. 2012b) are often XMPs with metal-
licity drops (Sánchez Almeida et al. 2013), and we know that their star-forming
clumps resemble those in high-redshift cumplies in terms of total SFR, clump
mass, and stellar mass surface density (Elmegreen et al. 2013).
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2.8 Appendix: Emission of an expanding dusty shell of gas

The emission of a uniform shell produces a top-hat line profile that is not
consistent with the two-horned profiles observed in the wings of Hα (Fig. 2.3).
However, if the shell has some internal extinction, then it preferentially absorbs
photons emerging from the regions where the line-of-sight (LOS) tends to be
parallel to the surface of the shell. Those are the regions of small Doppler shifts
that contribute to the line center, thus creating a two-horned profile.

The effect can be readily shown assuming an expanding shell of radius R
and width ∆R, as shown in Fig. 2.16a. The velocity along the LOS, vz, only
depends on the inclination angle, θ,

vz = v cos θ. (2.30)

Therefore, the line profile, I(vz), is just the total energy emitted with velocity
between vz and vz + ∆vz, divided by ∆vz. Because of Eq. (2.30), it is pro-
portional to the energy emitted by the ring of the shell with inclination angles
between θ and θ + ∆θ, i.e.,

∆s =

∫ 2π

0

∫ R+∆R/2

R−∆R/2

∫ θ+∆θ

θ
ε sin θ′R′2 dφ dR′ dθ′, (2.31)

where R is the radius of the shell of width ∆R, φ is the azimuth in spherical
coordinates, and ε stands for the emission per unit volume. Assuming the shell
to be small enough (∆R� R), then

∆s ' 2π R2 sin θ∆θ

∫ R+∆R/2

R−∆R/2
ε dR′. (2.32)

According to the definition of I(vz),

I(vz) =
∣∣∣ ∆s

∆vz

∣∣∣ =
∣∣∣∆s
∆θ

∆θ

∆vz

∣∣∣ ' ∣∣∣∆s
∆θ

(dvz
dθ

)−1∣∣∣, (2.33)

so Eqs. (2.30), (2.32) and (2.33) yield,

I(vz) ' 2π R2 v−1

∫ R+∆R/2

R−∆R/2
ε dR′, (2.34)

which holds only for |vz| ≤ v. Outside this range of velocities, ∆s is equal to
zero, and so is I(vz).

In the case that ε is constant, then I(vz) is also constant (Eq. [2.34]), leading
to the top-hat line profiles expected from an optically thin expanding shell. We
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Figure 2.16: Schematic used to compute the emission-line profile of an expanding
dusty shell of radius R and width ∆R. (a) Projection of the shell in the Y-Z plane,
with Z in the direction along the LOS. The velocity vector, v, in the direction set by θ
is shown as a blue solid-line arrow. (b) Zoom-in of the region enclosed by the dotted-
line rectangle in (a). The length along the LOS traversed by the photons emitted at
coordinates (θ, R′) is denoted as δl, with δl = (R+ ∆R/2−R′)/ cos θ.
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will consider the case where the emission is constant, ε0, but the shell absorbs
part of the emitted photons due to internal extinction, β, i.e.,

ε = ε0 exp(−βδl), (2.35)

with

δl(R′) ' R+ ∆R/2−R′

cos θ
, (2.36)

as shown in Fig. 2.16b. For the moment, we have assumed that the emission
occurs in the upper cap only. Using Eqs. (2.34), (2.35), and (2.36),

I(vz) ' I0
cos θ

β∆R

[
1− exp(−β∆R/ cos θ)

]
, (2.37)

cos θ ≥ 0, or vz ≥ 0,

with I0 the emitted intensity if there were no extintion (β −→ 0),

I0 = 2π R2 ∆R v−1 ε0. (2.38)

The case of the lower cap is similar, except that one has to consider the
additional absorption produced by the upper cap. In this other case,

I(vz) ' I0
| cos θ|
β∆R

[
1− exp(−β∆R/| cos θ|)

]
exp(−β∆R/| cos θ|), (2.39)

with

cos θ < 0 or vz < 0.

The typical values of the extinction coefficient at Hβ in XMPs are between
0.1 and 0.9 (Sánchez Almeida et al. 2016). These values were inferred from the
Balmer decrement in Sloan Digital Sky Survey (SDSS) spectra of XMPs. If we
use them to represent the total extintion in the shell, then 0.15 < β∆R < 1.5,
where we have considered the differential extintion between Hα and Hβ using
the extinction law in the Milky Way by Cardelli et al. (1989). The dashed lines
in Fig. 2.17 show examples of the line profiles resulting from Eqs. (2.37) and
(2.39). They represent extinctions that cover the range of values mentioned
above. We show the original profiles (dashed lines) plus their convolution with
a Gaussian that represents the finite resolution of the observation (solid lines).
The width of the Gaussian has been chosen so that, if it represents our WHT
observations (FWHM ∼ 40 km s−1), then the expansion velocities of the shells
are similar to the speeds of the multiple components analyzed in Sect. 2.5. One
can see the two-horned shape, with a redshifted lobe that is smaller than the
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Figure 2.17: Line profiles expected from an expanding dusty shell. They portray
both weak internal extinction (β∆R = 0.1; profiles in red), and significant internal
extinction (β∆R = 1.0, profiles in black). Red and black lines also differ in the expan-
sion speed v, as shown in the inset. We include the profiles predicted by Eqs. (2.37)
and (2.39) (dashed lines), together with these profiles convolved with a Gaussian to
represent the finite spectral resolution of the spectrograph (solid lines). We assume the
FWHM of the Gaussian to be 0.35 in the dimensionless velocity scale. If this value is
ascribed to the resolution of our observation (∼ 40 km s−1), then the expansion speeds
for the shells giving rise to the red and black profiles are 110 km s−1 and 220 km s−1,
respectively. Abscissae show −vz rather than vz so that the positive values correspond
to redshifts.

blushifted lobe; the redshifted photons come from the lower cap of the shell, so
that they are also extincted by the upper cap (we have flipped the sign of the
abscissa axis in Fig. 2.17, so that positive corresponds to redshift, as usual).

The model in Eqs. (2.37) and (2.39) also predicts the fraction of emitted
light lost by internal absorption. For the two profiles shown in Fig. 2.17, the
fraction of light that emerges is 74 % and 24 % of the emitted light for the red
and black profiles, respectively.



3
Gas in the circumgalactic medium of

gas-accreting galaxies

3.1 Introduction

Given the importance of the cosmic web gas and the difficulties to constrain it
observationally, we have tried a complementary approach to its detection and
characterization. The properties of XMP galaxies (in particular the chemical
inhomogeneities; see Sect. 1.1.2) suggest that they are going through one of
the gas accretion episodes expected from numerical simulations. Therefore,
they are ideal candidates to observe the gas involved in the process, inflows
and outflows included. This is particularly relevant considering that XMPs are
local galaxies which, in principle, could be studied in a detail unattainable at
high redshift.

As we pointed out in section 1.1.1, there is evidence for Lyα emission around
high-redshift galaxies tracing gas in the IGM and CGM (e.g., Cantalupo et al.
2014; Wisotzki et al. 2016; Arrigoni Battaia et al. 2019). The Lyα emission
around XMPs is not accessible from ground observations but, fortunately, many
physical processes able to generate Lyα photons produce Hα as well (to be
discussed in Sect. 3.2). Thus, our strategy to detect this gas around XMPs
includes deep imaging in Hα. Encouragingly, extended Hα emission around
local star-forming galaxies has been recently detected (e.g., Herenz et al. 2017;
Lin et al. 2017; and references in Sect. 3.2).

I carried out a systematic search for galaxies in the deep images of the IAC
Stripe 82 Legacy Project that may be going through a gas accretion event at
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Figure 3.1: Color composition of the target galaxy UM260. It is based on the images
of IAC Stripe 82 Legacy Project, using filter g as blue, filter r as green and filter
i as red. The FOV is aproximately 71 × 71 arcsec2. UM260 is at the center of the
image. Note the whitish halo around the blue starbust, and the little cloud-like objects
surrounding the galaxy.

present. The procedure and the list of targets is described in Appendix A. One
of them was selected for a proof-of-concept observation (details to be given in
Sect. 3.3.2).

This Chapter reports on the proof-of-concept observation to detect faint
Hα emission around one such XMP using deep images taken with the 10-m
GTC telescope (Gran Telescopio Canarias1). We targeted a field-of-view (FOV)
around J0037+0033 (or UM 260, see Fig. 3.1). The observation turned out to
be successful, detecting a low surface brightness emission halo at the level of
28 mag arcsec−2 (or 3 × 10−18 erg s−1 cm−2 arcsec−2 in terms of line emission).
The purpose of the chapter is to describe the observation and the reduction
procedure which allowed us to get a photon-noise limited image in Hα in a large
FOV (8′diameter) around the galaxy. The resulting signals are interpreted in

1http://www.gtc.iac.es/
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terms of the gas in the CGM and IGM around the galaxy, as well as high
redshift contaminants.

The chapter is organized as follows: Sect. 3.2 is devoted to estimate the level
of the weak Hα signal to be expected. Sect. 3.3.1 shows how those signals are
within reach of the current telescopes within reasonable observing time. The
actual GTC observations are described in Sect. 3.3.2 and the data reduction
in Sect. 3.3.3. The methods used for the detection and characterization of
the emission line-dominated blobs are explained in Sect. 3.4. The measured
properties are described in Sect. 3.5. Finally, the main results are summarized
and discussed in Sects. 3.6, 3.7.

3.2 Expected Hα signal

The section is devoted to work out the Hα emission to be expected in the CGM
and IGM around local galaxies. The estimates are very uncertain, but they all
converge to provide a level of emission detectable in a reasonable integration
time with 10-m class telescopes.

Table 3.1 summarizes the expected signal under various circumstances and
approximations as explained in the next paragraphs.

3.2.1 Re-scaling of the Lyα signals observed at high redshift.

As we explain in Sect. 3.1, diffuse Lyα emission around galaxies is often detected
at high redshift. Going to the local Universe and using Hα rather than Lyα
have pros and cons. Among the cons, the wide ratio between Lyα and Hα (ε).
It is expected to be 8.7 if the lines are produced by recombination of electrons
and protons (e.g., Miller 1974), and it is observed to be between 0.5 and 8.7
in high redshift star-forming galaxies (Hayes et al. 2010), between 1.5 and 10
in galaxy cluster diffuse emission (Hu 1992), around 5 in high redshift Lyα
blobs (Leibler et al. 2018), between 0.2 and 20 in local star-forming galaxies
(Atek et al. 2009), and around one in quasars (Baldwin 1977). The emissivity
is expected to increase with density (e.g., Osterbrock 1974), therefore, another
con has to do with the evolution of the cosmic web gas that decreases in density
(ρg) with decreasing redshift (z) following the global expansion of the universe
(e.g., van de Voort & Schaye 2012), i.e,

ρg ∝ (1 + z)3. (3.1)

Among the pros, local galaxies are closer and the cosmological dimming
helps us increasing the surface brightness by (1 + z)4 (e.g., Goerdt et al. 2010;
Hogg 1999). In addition, Lyα photons are more easy to destroy than Hα
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photons (e.g., by dust absorption or collisional de-excitation). For the sake of
having an order of magnitude estimate of the expected signal, lets assume that
the emission roughly drops with the mean gas density of the Universe. Then
the ratio between the Lyα surface brightness at z (FLyα[z]) and the Hα surface
brightness if the same structure evolves and is observed in the local universe
(FHα[0]) would be,

FHα(0) =
(1 + z)4

ε(1 + z)3
FLyα(z) =

1 + z

ε
FLyα(z). (3.2)

Note that

FHα(0) ' FLyα(z), (3.3)

provided that z is on the range between 2 and 3, and ε (the ratio between Lyα
and Hα) remains between 3 and 4, which is reasonable considering the range
of redshifts where extended Lyα emission has been detected (see Sect. 3.2.2),
and the observed ε referenced above.

There are two key assumptions determining Eq. (3.3), namely (1) the factor
ε is not far from the value provided by recombination, and (2) the drop of
emission following the mean density of the universe. The two of them are
revised in the following sections depending on the Lyα emission mechanism.

3.2.2 Emission expected scaling the signal found by Cantalupo et al.
(2014).

We use Cantalupo et al. (2014) as a reference to quantify the Lyα signals
observed at z between 2 and 3, but similar results are obtained using any of
the recent works that have detected diffuse Lyα emission (e.g., Martin et al.
2014; Wisotzki et al. 2016, 2018). The peak surface brightness of the Lyα
structure detected by Cantalupo et al. (2014) is

FLyα(3) ' 3× 10−17 erg s−1 cm−2 arcsec−2 ≡ F0. (3.4)

The Lyα signal presents a range of values of around 30 therefore, considering
Eq. (3.3), FHα(0) is expected to be in between F0/30 and F0.

We will observe the Hα emission through a filter much broader than the
line itself, therefore, for the sake of intuition, it is convenient to write the flux
of the line in terms of magnitude per arcsec2. An emission line of flux Fλ0

observed through a filter broader than the line and transmission Tλ, with an
effective bandpass ∆λ,

∆λ =

∫
Tλdλ, (3.5)
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turns out to have an AB magnitude of

mAB = 25.6− 2.5 log
[( λ0

6563
◦
A

)2Fλ0

F0

Tλ0

0.5

100
◦
A

∆λ

]
, (3.6)

where λ0 is the observed central wavelength of the spectral line, Tλ0 is the
transmission of the filter at λ0, and F0 and ∆λ are defined in Eqs. (3.4) and
(3.5), respectively. In a case of a Gaussian-shape filter of peak transmission
1, ∆λ is very close to the FWHM of the filter. The expression (3.6) has been
deduced from the definition of AB magnitudes. Note that the SDSS magnitudes
are close to AB magnitudes (e.g., Fukugita et al. 1996) therefore, mAB can
be ascribed to SDSS-r when observing Hα. Equations (3.4) and (3.6) with

∆λ = 100
◦
A, Tλ0 = 0.5, and λ0 the Hα wavelength, give the range of magnitudes

to be expected from scaling the Lyα signals found by Cantalupo et al. (2014),
i.e.,

25.6 ≤ mAB ≤ 29.3. (3.7)

These are the figures appearing in Table 3.1 for the signal detected by Can-
talupo et al. (2014), scaled down to the local universe and Hα using Eq. (3.3).

Leibler et al. (2018) have recently measured the Hα emission corresponding
to the Lyα nebula detected by Cantalupo et al. (2014). Hα is in the near
infrared at the redshift of the source, so, they use the spectrograph MOSFIRE2.
The Hα surface brightness is around 3 × 10−18 erg s−1 cm−2 arcsec−2, with an
Lyα to Hα flux ratio of 5.5. This observational result is consistent with the
above estimates. If we correct for the variation with redshift, the Hα signal
would be around 10−17 erg s−1 cm−2 arcsec−2, as we include in Table 3.1.

3.2.3 Fluorescence of UV photons

UV photons from the cosmological background or from nearby sources are
expected to photoionize the gas clouds existing in the CGM and IGM. The
recombination of the photoionized H atoms produces Lyα photons that, after
internal scattering, can scape the cloud producing a diffuse Lyα signal that
traces the cloud. In optically thick clouds, the mechanism very effectively
transforms the UV photons into Lyα photons, with an efficiency approaching
one (e.g., Gould & Weinberg 1996). This whole process is often refereed to
as fluorescence (e.g., Cantalupo et al. 2005; Gould & Weinberg 1996). Since
photons are finally created through recombination, fluorescence produces all
the other H recombination lines, including Hα.

2https://irlab.astro.ucla.edu/mosfire/
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There are works estimating the Lyα signals expected due to illumination by
the cosmic UV background or nearby quasars. Using cosmological simulations
of gas clouds at z ' 3, Cantalupo et al. (2005) work out the Lyα signals, that
turn out to be in the range between 3× 10−20 erg s−1 cm−2 arcsec−2 and a few
times 10−19 erg s−1 cm−2 arcsec−2, the latter corresponding to the presence of
a nearby quasar. Kollmeier et al. (2010) carry out a similar exercise rendering
larger signals that can reach a value of 10−17 erg s−1 cm−2 arcsec−2 if the quasar
illumination is strong enough. The signal excited by the UV background is in
the range of 10−20 erg s−1 cm−2 arcsec−2. For more references on the estimates
see, e.g., Cantalupo et al. (2012).

The scaling between the fluxes in Hα and Lyα worked out in Sect. 3.2.1
can also be used in this case to render the range of expected Hα fluxes (and
magnitudes) included in Table 3.1.

Bland-Hawthorn et al. (2017) model the Hα emission in the outer gas disk
of milky-way like galaxies produced by fluorescence of photons of the cosmic
ionizing background. The estimated signals are in the range between 10−19–
10−21 erg s−1 cm−2 arcsec−2.

3.2.4 Emission driven by mechanical feedback from galaxies.

The mechanical energy injected by galaxy winds may also lead to shocks that
are a powerful source of ionizing photons produced in the hot post shock plasma
as it cools down (e.g., Dopita & Sutherland 1995). They may be responsible for
some of the extended Lyα emission found at z in the range 2 – 3 (e.g., Taniguchi
& Shioya 2000; Ohyama et al. 2003). Mori et al. (e.g., 2004) model the winds
produced by SN explosions in primitive galaxies at z = 3, and work out the
emission properties assuming an optically thin gas in collisional-ionization equi-
librium. The total flux in Lyα is around 10−16 erg sec−1 cm−2, and it is emit-
ted in region of around 10 arcsec, which renders a surface flux density of some
10−18 erg sec−1 cm−2 arcsec−2. This is also the level of signals expected in the
local universe when observed in Hα – Eq. (3.3). The actual values are included
in Table 3.1.

3.2.5 Gravity driven emission

The potential energy of the gas falling into a gravitational well is transformed
into kinetic and thermal energy, and has to be released for the gas to become
gravitationally bound. This energy is partly radiated away in the form of H
recombination lines (Dijkstra & Loeb 2009).

There are several studies in the literature that model this process and the
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resulting line emission. We take the work by Goerdt et al. (2010) as reference.
They use cosmological numerical simulations of galaxy formation to work out
the Lyα flux to be expected from the gas streams that fed galaxies at high
z. UV background excitation, collisions with free electrons, and dust atten-
uation are all included when computing the Lyα emission. The emission is
mainly driven by the excitation produced by collisions with electrons since the
filaments are thick enough to be shielded from the UV background. Most of
the Lyα emission comes from narrow extended (50-100 kpc), partly clumpy,
inflowing, cold streams of ∼ 104 K that feed the growing galaxies. The pre-
dicted morphology is irregular, with dense clumps and elongated extensions.
The typical surface brightness increases with decreasing distance from the halo
centre. The peak surface brightness is 2 × 10−17 erg s−1 cm−2 arcsec−2 for
MW-like haloes at z = 2.5, with typical signals in the range from 3× 10−17 to
5× 10−19 erg s−1 cm−2 arcsec−2. No estimate for the Hα flux is given, however,
they mention other H emission lines are expected to be two orders of magnitude
less luminous in our model. Hα is expected to be the strongest one so we as-
sume ε (i.e. the ratio between the emissivities in Lyα and Hα) to be 20. Using
this value for ε in Eq. (3.2),

5× 10−18 ≤ FHα(0) ≤ 9× 10−20, (3.8)

in units of erg s−1 cm−2 arcsec−2. These values, together with the correspond-
ing magnitudes, are included in Table 3.1.

Faucher-Giguère et al. (2010) carry out a similar simulation but with more
sophisticated radiative transfer. As in the work by Goerdt et al. (2010), the
signals are concentrated toward the centers of the dark matter haloes hosting
galaxies, but some also emerge from the IGM. Depending on the treatment
of the radiative transfer, the predicted Lyα signals can vary from 10−17 to
5× 10−21 erg s−1 cm−2 arcsec−2. Rescaling to Hα and to the local Universe, as
we did for Goerdt et al., the expected Hα flux is in the range 2 × 10−18 to
10−21 erg s−1 cm−2 arcsec−2. These values and the corresponding AB magni-
tudes are included in Table 3.1.

Furlanetto et al. (2003) pioneered the field. They presented predictions
corresponding to the local Universe (z ' 0.15), so no need to apply high-
z corrections. In their Fig. 2 they show structures producing between 102 to
106 photons cm−2 s−1 sr−1, which properly transformed into the usual units ren-
der FLyα(0) in the range between 4×10−20 and 4×10−16 erg s−1 cm−2 arcsec−2.
Correcting only for the ratio of emissivities between Hα and Lyα, FHα(0) turns
out to be between 2× 10−21 and 2× 10−17 erg s−1 cm−2 arcsec−2. These fluxes
and the corresponding AB magnitudes are included in Table 3.1.
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Likewise, Rosdahl & Blaizot (2012) model the Lyα emission in numerical
simulations. The emitting gas is at the center of the dark matter haloes radiat-
ing away the excess of gravitational energy explicitly modeled in the previous
works. The expected signals are similar to the ones resulting from the previous
simulations.

3.2.6 Observed diffuse Hα emission in the local Universe

The existing Hα surveys in the local Universe have a surface brightness limit
insufficient to detect the faint signals to be expected: equal or fainter than
10−17 erg s−1 cm−2 arcsec−2, equivalent to a surface brightness of around 26.5
(Table 3.1). This level is not within reach of the existing surveys (e.g., Moss
et al. 1988; James et al. 2004; Epinat et al. 2008; Dale et al. 2008; Jaiswal
& Omar 2016). Moreover, some of them are focused on the emission of the
Milky Way, either diffuse (e.g., Gaustad et al. 2001) or its point-like sources
(e.g. Barentsen et al. 2014).

Despite the fact that general purpouse surveys do not suffice to detect the
expected Hα signals, diffuse emission have been detected around individual
galaxies when the observation is deep enough. As part of the LARS3 project
to study the visibility, strength, and scape fraction of the Lyα photons in
14 galaxies the local universe, Östlin et al. (2014) and Hayes et al. (2014)
obtained deep Hα maps hinting at extended emission. Although the sensitivity
is good (around 10−18 erg s−1 cm−2 arcsec−2, Hayes et al. 2013), the field-of-
view includes only a few effective radii around the galaxies, therefore, missing
most of the CGM and the full IGM. Flux-wise, the integrated emission observed
in Hα and Lyα are comparable.

Herenz et al. (2017) detect filaments of ionised gas in the CGM of the
extremely metal-poor galaxy SBS 0335-052E. The features are detected in Hα
and [O III]λ5007 down to a limiting surface-brightness of 5×10−19 erg s−1 cm−2

arcsec−2. The galaxy diameter is around 3 kpc, with the filaments extending
more than 9 kpc and connecting seamlessly in velocity space to the galaxy.
Extended Hα emission at a level of 5 × 10−18 erg s−1 cm−2 arcsec−2 has been
found around 3 dwarf galaxies by Lee et al. (2016). Cheung et al. (2016)
find a lone Hα emitting blob next to an evolved galaxy with a signal around
3× 10−18 erg s−1 cm−2 arcsec−2. A value of flux and magnitude representative
of these observations is included in Table 3.1.

3Lyα Reference Sample (Östlin et al. 2014).
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3.3 Observations and Data reduction

3.3.1 Global Strategy

Our goal is to detect the Hα emission of the CGM around an XMP galaxy
using OSIRIS@GTC4. In order to isolate the line emission from the continuum
emission, we subtract a broad-band (BB) image from a medium-band (MB)
image.

The medium-band is chosen to select the line emission of Hα at the redshift
of the galaxy. The broad-band contains the continuum and a very diluted Hα
line. The images will be taken consecutively, alternating between MB and BB
to ensure that they have the same sky conditions, so that the subtraction would
leave residuals as small as possible.

The difference between MB and BB leaves the Hα emission plus the noise
of the sky signal. If we assume that the sky emission varies by 0.01 mag in
between MB and BB images (typical value of sky brightness variations on a ten
minute timescale on a photometric night at the ORM5), then the residual sky
would have a magnitude of around 27. We also use the technique of dithering
and rotation of the FOV, which allows a better modelling of the sky emission.
This technique has been proven to allow GTC to reach 31.5 mag arcsec−2 with
a total of ∼8h exposure time in BB filters (Trujillo & Fliri 2016).

3.3.2 Observations

For this study I pre-selected XMP galaxies based mostly on morphological cri-
teria (detailed information about this selection is given in Appendix A). Then,
after a first morphological screening that pinpoints clumpy galaxies or galaxies
with distorted shape, I chose those satisfying the following conditions: detected
HI emission around them (e.g., Filho et al. 2013), adequate redshift for the
available SHARDS filters (Pérez-González et al. 2013), observable during the
granted observing time, and no companions. I also looked into dust maps6 and
infrared maps, in order to avoid galactic cirrus and to have the minimal extinc-
tion in the field around the target. Another constrain is avoiding saturation of
bright stars in the field of OSIRIS (7.8 × 7.8 arcmin2), which is quite difficult
as a star of mr = 19 mag saturates in 110 s, when observed with a seeing of 1.2
arcsec. Another factor to take into account is that the nominal wavelength of
the narrow filters changes along the FOV, so the range of redshifts available for

4http://www.gtc.iac.es/instruments/osiris/
5http://vivaldi.ll.iac.es/OOCC/orm-sky-brightness/
6http://irsa.ipac.caltech.edu/applications/DUST/
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observations is reduced, in order to ensure that the Hα line does not get out of
filter at the border of the FOV (see Pérez-González et al. 2013 for details).

I downloaded the deep images of IAC Stripe 82 Legacy Project (Fliri &
Trujillo 2016) of the pre-selected XMP galaxies fulfilling the above criteria. In
these images we searched for peculiar morphologies and hints of diffuse signal
around the XMP galaxy. We rejected galaxies in which one could see galactic
cirrus, as their presence complicates the detection of the diffuse emission since
the sky should be as smooth as possible. The one galaxy that satisfies all the
above conditions is the target of our observation: SDSS J003741.11+003320.2,
which we refer to as UM 260. The galaxy is shown in Fig. 3.1. Table 3.2
contains its main physical properties.

Table 3.2: Properties of UM 260.

Major axisa [arcsec] 4.75
Minor axisa [arcsec] 3.66

r (SDSS Model) ABb [mag] 18.389 ± 0.013
Redshifta 0.01447
Scalec[kpc arcsec−1] 0.301

Effective radiusd [arcsec] 1.70 ± 0.03
Ae [arcsec] 1.90
Be [arcsec] 1.55
θe0 [degrees] −13.32

log(SFR[M� yr−1])f −1.583+0.125
−0.055

a,b From the NASA/IPAC Extragalactic Database (NED).
b At isophotal 25.0 mag arcsec−2.
c Scale obtained from distance as given in Table A.1.
d Parameter petroR50 measured in r filter, gathered from SDSS DR12.
We also measured the effective radius in the BB image and the result
is 1.8 arcsec.
e Parameters obtained with SExtractor using the MB image. A is the
semi-major axis, B the semi-minor axis and θ0 the angle of the ellipse
fitted to the isophots.
f From Chang et al. (2015).

The observations were taken with the instrument OSIRIS (Optical System
for Imaging and low-Intermediate-Resolution Integrated Spectroscopy; Cepa
et al. 2000, 2003) at GTC (Gran Telescopio de Canarias). The FOV of the
instrument is 7.8′ × 7.8′ (unvignetted) splitted in two CCDs. The average
seeing during the observations was 1 arcsec. The images were obtained with
two filters: SDSS r for the continuum and the medium-band SHARDS U670/17
(Pérez-González et al. 2013) for the line emission. The total exposure time (6.85
hours) is divided between the two filters in a ratio BB to MB 1/3, in order to
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maximize the signal to noise ratio in the image difference between the two filters
(see Appendix 3.8.1).

The observational strategy is similar to that followed by Trujillo & Fliri
(2016). We performed a dithering pattern of five points: 4 points in the corners
of a 90 arcsec side square and one in the center. In each dithering step, images
of both filters were taken: 125 seconds of exposure time for SDSS r and 423
seconds for SHARDS U670/17. At the end of the dithering pattern, short
exposures of 3 and 9 seconds were taken in the two bands, to avoid saturation
of the bright objects in the FOV. We repeated the dithering pattern 9 times,
rotating the FOV by 30 degrees each time. The combination of dithering and
rotation allows for a better estimation of the sky background. Completing the
observation required three different nights explicitly, 08− 09, 09− 10, 11− 12
of September 2015.

3.3.3 Data reduction

I explain the data reduction in detail since it is one of the critical points of the
work, and the technique to push the depth of astronomical images to the limit
is of general interest. Most of it has been adapted from Trujillo & Fliri (2016)
with some changes for treating our MB images.

Bias subtraction and flat-field correction

These steps of the data reduction were done with the package PyRAF 7. We
carried out a standard bias subtraction: first combining the bias images of
every night and CCD, and then subtracting the masterbias from the science
images of the corresponding night and CCD.

Masterflats were computed from the sky in the science images. First, we
need to mask the objects in the images. For that we use the program SExtractor
(Bertin & Arnouts 1996), which makes a catalogue of all the sources in the
images. One of the outputs of the program is an image with the sources, in
which the background is set to zero. We invert this image to produce an object
mask and expand it with a gaussian filter. Then we apply the object mask to
the science images and normalize them to the mean value around the center of
the FOV of the instrument. Then we combine the background-only normalized
science images of the same filter, CCD and observing night to make the flat.

The above procedure works well for the flats of the BB images. However,
the MB filter suffers from variation of the CWL (central wavelength) across the

7PyRAF is a product of the Space Telescope Science Institute, which is operated by AURA
for NASA http://www.stsci.edu/institute/software hardware/pyraf/
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FOV (see Pérez-González et al. 2013) and due to this effect there is a variable
contamination from sky emission lines on the CCD. Structures associated with
sky emission appear in all the science images in the same physical position
regardless of the sky coordinates (although the flux may vary in time), and
they complicate the construction of the flat images. The purpose of flatfielding
is to correct the different sensibility of the pixels in the CCD, so we have
to remove this contamination from the flats because it does not represent an
increase in sensibility, but an increase in sky emission. In order to remove this
effect I perform an illumination correction on the MB flat-fielded images. First,
the MB flat was spatially smoothed. Then, the MB flat was divided by the
smoothed flat. Thus, I remove the large scale patterns of the flat that belong to
sky emission and leave the pixel-to-pixel variations that reflect the differences
in sensibility of the CCD and the SHARDS filter. Then, the ratio is multiplied
by the large scale patterns of the broad-band filter, which represent variations
in efficiency of the whole CCD plus telescope (e.g., vignetting).

The vignetting pattern changes slightly every time we rotate the FOV.
Therefore, I made a flat for each observing block. Which, consecuently, has
lower signal-to-noise ratio than the flats-per-night. So an additional small cor-
rection was introduced in the same way as the illumination correction, leaving
the pixel-to pixel transmission variation from the flat-per-night and, on top of
it, adding the large-scale vignetting pattern of a flat per observing block. I also
removed pixels in the flats with a transmission below 90 % and all the satellite
tracks that crossed the images. Finally, I applied the corresponding flats to all
the science images.

Astrometric calibration

As we want to combine all the images together, the astrometry of the images
needs to be calibrated. In order to do it, I use the program SCAMP (Bertin
2006). This program needs a catalogue of the positions of the objects in each
image. This catalogue was obtained using SExtractor. It also needs a reference
catalogue of all the stars in the full FOV. The catalogue used for reference
was the stellar catalogue in SDSS-DR9. After gathering all the catalogues, we
run SCAMP on all the science images. SCAMP provides a new header for
each image with the new astrometric solution. The accuracy of the astrometric
calibration is good up to 0.17 arcsec, as given by the output of SCAMP. This
is negligible small compared with our spatial resolution (' 1 arcsec).
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Photometric calibration

The photometric calibration of the images was carried out in the way that a
hypothetical star with a flat spectra in the wavelength range of the SDSS r filter
would have the same magnitudes in the medium-band (MB) and the broad-
band (BB) images. The catalogue of sources in each science image was obtained
with SExtractor and then purged out of objects without good photometry.
Then the catalogue of sources in each science image was cross-matched with
the SDSS star catalogue employed in the astrometric calibration, which has
the magnitudes of the stars in the SDSS r filter. The cross-match employed
the program stilts (Taylor 2006) using the coordinates of the objects. The
photometry constrains employed in the cross-matching were the following:

• no SExtractor photometry flags,

• SExtractor measured FWHM less than 7 pixels (1.75 arcsec),

• score distance of the cross-matching less than 0.2 arcsec (accuracy of the
astrometry),

• SExtractor measured instrumental magnitude greater than −16 (to avoid
non-lineal effects of too bright saturated stars),

• photometry errors in SExtractor measured magnitudes less than 0.05
mag.

The magnitude zeropoint of each image was calculated as the median of the
difference between the magnitude of the stars in the source and the reference
catalogues. This is an iterative process in which I remove the points above 3
times the median absolute deviation (MAD), and calculating the median and
MAD again until the MAD converges. The value of the median after MAD
converges is the magnitude zeropoint of the image and we correct each image
for its corresponding zeropoint. After this correction the zeropoint of the images
is zero. In order to avoid working with very small numbers that could affect
the rest of the data reduction, I subtracted 32 magnitudes from each image,
leaving the images with a common zeropoint of 32 magnitudes.

On average, we used 31 stars on each image, and the resulting photometric
calibration is good within 0.15 mag. This value is calculated as the median of
the MAD of each zeropoint estimation.
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Background subtraction

I estimated the background level by taking random samples from the science
images, in which I previously masked the objects using SExtractor. The sam-
ples are the mean of the signal inside boxes of size 10 arcsec (BB) or 1 arcsec
(MB). The boxes are smaller in MB science images because it resulted in a
better fit of the sky background. The total number of samples is around 104 in
each MB and BB image. For the BB images, I used a constant sky model, so I
took the median of the samples. For the MB images, I fitted a 4 degree poly-
nomial surface to the samples, which I found to fit best the sky contamination.
Then, I subtracted the sky model from the science images.

Combination of images

The combination of images into a mosaic was done using the program Swarp
(Bertin et al. 2002). This program resamples and co-adds the background
subtracted images, with the new astrometry header produced by SCAMP. The
used sampling algorithm is LANCZOS3 and the combination was done with
the median. I also used the bad pixel and satellite masks, to remove them from
the final combined mosaic. Figure 3.2 shows the resulting MB mosaic.

The median FWHM of the stars in the combined image is 1.3 arcsec for BB
and 1.4 arcsec for MB. These numbers were calculated using the star catalogue
of the photometric calibration. This catalogue contains the FWHM of the
objects measured by SExtractor. Then the median FWHM of the stars in the
MB and BB mosaic was calculated.

Estimation of magnitude limits

Following Trujillo & Fliri (2016), we estimated the magnitude limit randomly
placing 105 10 arcsec square apertures on the sky, and then calculating the
standard deviation of the total flux within the apertures divided by the total
surface of the aperture in arcsec2. This quantity corresponds to SA in Eq. (3.38)
(see Appendix 3.8.2) when the aperture A is 10 arcsec. The magnitude cor-
responding to 3 times this standard deviation is the magnitude limit. The
magnitude limits thus computed are 28.8 mag arcsec−2 in the BB filter and
28.2 mag arcsec−2 in the MB filter. The same procedure applied to the image
resulting from subtracting the BB image from the MB image (filter difference
image) renders a magnitude limit of 28.6 mag arcsec−2.

We also calculated the 1σ magnitude limit with apertures of 1 arcsec to
compare with the OSIRIS@GTC exposure time calculator. The values are,
29.0 mag arcsec−2 in the BB filter, 28.8 mag arcsec−2 in the MB filter and
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Figure 3.2: Full FOV of the combined mosaic. The color code shows the MB flux.
The mosaic is noisier at the edges because fewer images contribute.

28.7 mag arcsec−2 in the filter difference image. These magnitude limits are
fainter than the previous ones because they are calculated with 1σ instead of
3σ, even though the area of the aperture decreases. Considering that in the
filter difference image much of the systematics error are removed, this is the
closest value to the value given by the exposure time calculator.

For the exposure time calculator we use the following parameters8: broad-

8Other parameters used in the exposure time calculator (common for both filters) are the
following: extended source, seeing 1 arcsec, airmass 1.3, dark moon, binning 2x2.
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band filter r′ and 45 exposures of 125 s for the BB image. For the MB image: a
narrow filter with central wavelength 6700, filter width 160, filter transmission
1.0 and 45 exposures of 423 s. The exposure time calculator returns a signal
to noise of 1 per arcsec2 for a source of magnitude 29.6 in BB settings, and of
magnitude 29 in MB settings. The magnitude limit equivalent to the difference
MB − BB is 28.84 mag.

Absolute flux units and construction of the Hα image

Using the definition of AB magnitudes, and the fact that we added to the MB
and BB images a zeropoint of 32 magnitudes, we can convert the units of the
images from counts to erg s−1 cm−2 ◦

A−1. The procedure works as follows.

The units of the BB and MB images after the photometric calibration are
still in counts fc. First, the artificial zeropoint of 32 magnitudes that we in-
troduced in the photometric calibration needs to be removed. The following
equation gives us the present relation between the counts fc and the magnitudes
in the images,

mAB = −2.5 log(fc) + 32. (3.9)

The images are calibrated in terms of AB magnitudes (mAB), which are approx-
imately the units of the SDSS star catalogue used in the photometric calibration
(Fukugita et al. 1996). Using the definition of AB magnitudes (Oke 1974) and
the conversion from the the flux per unit of frequency to the flux per unit of
wavelength, we obtain the flux in units of erg s−1 cm−2 ◦

A−1 (fλ),

mAB = −2.5 log(fν/3631[Jy]) =

= −2.5 log
[
(λ2
o/c)(fλ/3631× 10−23)

]
, (3.10)

where fν is the flux per unit of frequency in Jy, λo is the central wavelength of
each filter in

◦
A, c is the velocity of light in cm s−1, and fλ is the flux per unit

of wavelength in cgs units. Combining Eqs. (3.9) and (3.10) we get,

Ii ≡ fλ = fc × 10−0.4×32 (c/λ2
o) 3631× 10−23 (3.11)

which is the conversion factor from counts fc of the photometric calibration to
flux units in erg s−1 cm−2 ◦

A−1 fλ. From this point on, Ii is used to represent
the flux in cgs units per pixel. Eq. (3.11) is applied to the MB and BB images.

To have an image of the line emission at the redshift of the galaxy, we
subtracted MB − BB. Equation (3.11) provides the corresponding fλ, which
represents the total flux per unit wavelength integrated over the filter. To
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Figure 3.3: Full FOV of the combined mosaic. The color code shows the Hα flux.
The mosaic is noisier at the edge because fewer images contribute. The center of the
brightest stars appears in red due to saturation effects. The blue haze could be due to
slightly broader PSF in the BB filter.

obtain the total flux in the emission line, it has to be multiplied by the band-
pass of the MB filter. Thus, the resulting image has units of erg s−1 cm−2

pix−1, and will be referred as HA image. The HA image is shown in Fig. 3.3.

In order to check the accuracy of our calibrations, I use the spectrum avail-
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able for this galaxy on SDSS. I compared the integrated flux of Hα on the
SDSS spectrum with the HA image using the same aperture as SDSS, i.e., a
circle of 3 arcsec diameter. The fluxes are 10.4× 10−15 erg s−1 cm−2 in SDSS
and 7.3 × 10−15 erg s−1 cm−2 in the HA image. This ∼30% difference in the
absolute photometry of the HA image is within the acceptable range, since
the comparison has a number of uncertainties which have not been taken into
account, like the true position and shape of the SDSS aperture. I also tried to
repeat the same sanity check with other objects in the FOV of our images with
spectra on SDSS. Unfortunately, none of the existing spectra had an emission
line in the wavelength range of the MB filter, which is a requisite to show on
the HA image.

3.4 Detection and characterization of emission line-dominated
blobs

3.4.1 Detection: color cut argument

To identify the presence of emission line objects in the FOV, I use the ratio
between the fluxes in the medium-band (MB) and the broad-band (BB) images.
Artifacts have to be discarded, though. From now on the magnitudes in the MB
and BB filters will be denoted as mMB and mBB, respectively. A consequence
of our photometric calibration is that stars without a flat spectrum in the
range of the SDSS r filter will show residuals in mMB −mBB correlated with
their intrinsic color and, consequently, could be miss-identified as emission line
objects. The standard stars used in the photometric calibration can be used to
set a threshold on the measured mMB−mBB color that guarantees the correct
identification of objects with spectra dominated by emission lines.

I proceeded as follows. Figure 3.4 shows the existence of a correlation
between the mMB−mBB of stars in the field and their g− r color (r− i gives a
similar relation). The residual mMB and mBB from stars are very different from
the value mMB −mBB of a well defined emission line blob which I use as the
threshold to identify emission line objects in the field. Note that Figure 3.4 uses
integrated aperture magnitudes, but the detection of the line emission will be
based on the mMB−mBB image. They are very similar because the size of the
used apertures are comparable to the seeing, and the information of different
pixels is correlated at the seeing scale.

The color image mMB − mBB is shown in Fig. 3.5. The color image was
smoothed with a gaussian filter of FWHM ' 3.5 pix. This image was used in
the procedure to identify emission line clump candidates. As a first step, I did
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Figure 3.4: Residual color of stars in the field. It shows the relation between the
measured color in our observations mMB − mBB and the color g − r obtained from
SDSS. The correlation between these variables is due to the photometric calibration,
which assumes the stars to have a wavelength independent continuum spectrum in
the range of the SDSS r filter. The blue points are the standard stars used in the
photometric calibration, whose magnitudes are extracted from the SDSS catalogue.
The green points are a subset of the blue points, corresponding to the stars closer
(distance < 1 arcmin) to the target galaxy. The solid black line and the gray lines show
a linear fit to the blue points and its standard deviation, respectively. The equation
of the fit is given on the top of the plot. The horizontal cyan lines and errorbars show
the colors of other faint objects near the target galaxy not detected in SDSS. The red
line and the errorbar (red band) show the color of a clear emission line blob near the
target galaxy used for reference. The color of the blob differs significantly from the
fake colors traced by the stars.

a visual inspection of the images using the blink option in the program DS99,
alternating between BB and MB to identify emission features in the MB image
which in mMB −mBB satisfy the color cut mentioned above. As some objects
may escape the visual inspection, I did a thorough search with SExtractor to
obtain a list of line emitters. I run SExtractor on the mMB−mBB image to get

9http://ds9.si.edu/site/Home.html
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the center and the size of the most negative color objects. I selected the objects
with a color mMB − mBB smaller than −0.9, a criterion that discards stars
(Fig. 3.4). I ordered them by size (big objects first) and did a visual inspection
of the first 200. I compared the image of each object in our observations
with their image in the IAC Stripe 82 Legacy Project (Fliri & Trujillo 2016).
Although the images of IAC Stripe 82 are shallower than our observations,
they provide additional information as they have more filters (u,g,r,i,z). If the
identified object is bright enough to be seen in the IAC Stripe 82 survey, we
can get a hint of the photometric redshift. Otherwise we can compare it with
the objects around it. In the visual inspection, I noted that some objects were
actually saturated stars, so I removed them from the list of 200 blobs. I also
discarded blobs that were at the level of the noise or at the edge of the mosaic,
where astrometric distortion could mislead the detection. I also added to the
list one blob that was identified during the visual inspection and some blobs
that were very near to the selected blobs. These blobs were not previously
in the list because they were not big enough (they were smaller than the 200
objects in the initial list), but they pass the color cut. The final list of selected
blobs contains 96 objects, which I will use for the rest of the chapter.

Figures (3.6), (3.7), (3.8), and (3.9) show examples of some of the identified
blobs. For each emission line blob, eight snapshots are presented: (a) Hα
flux (same color scale as Fig. 3.3), (b) mMB −mBB color (same color scale as
Fig. 3.5), (c) BB, the broad-band image, (d) MB, the medium-band image (the
color scale is the same in these two images, to make it easier showing that the
blobs have more emission in MB than in BB), (e) rdeep82, the combination
of filters g, r, i from the IAC Stripe 82 Legacy Project given in arbitrary flux
units, (f) the magnitude in the g filter from the IAC Stripe 82 Legacy Project,
(g) the magnitude in the r filter from the IAC Stripe 82 Legacy Project, and
(h) the magnitude in i filter from the IAC Stripe 82 Legacy Project (the color
scale is the same in the last three images). All these snapshots have been
spatially smoothed with a gaussian filter of FWHM ' 3.5 pix. The FOV of
these snapshots is 20×20 arcscec2. I now discuss the examples shown in Figures
(3.6) − (3.9):

• Object #7 (Fig. 3.6) has clear emission in the MB and BB images and it is
the brightest blob in Hα of our sample. There are some hints of emission
in the g, r and rdeep images of the IAC Stripe 82 Legacy Project.

• Object #9 (Fig. 3.7) has a barely detectable signal in the BB image which
is off-center from the emission in the MB image. In the position of the
BB continuum, there is a faint signal on the rdeep and i images of the
IAC Stripe 82 Legacy Project.
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• Object #16 (Fig. 3.8) has no detected emission in the BB image, but the
signal in the MB image is clear. It is a candidate to be a pure emission
line object. It is not detected on the images of the IAC Stripe 82 Legacy
Project.

• Object #683 (Fig. 3.9) is the first emission blob we detected as it is very
close to the target galaxy. In the Hα image it appears to be a filament
connecting the blob and the target galaxy. It is not detected on the BB
image neither on the images from the IAC Stripe 82 Legacy Project.
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Figure 3.5: Full FOV of the combined mosaic. The color code shows mMB −mBB.
The center of the brightest stars appears in blue due to saturation effects.
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Figure 3.6: Object #7, RA: 0:37:38, DEC: +0:33:24. Caption continues in page 81.
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Figure 3.6: This caption continues from the previous page. Each snapshot
has been spatially smoothed with a gaussian filter of FWHM ' 3.5 pix. The
FOV of these snapshots is 20 × 20 arcscec2. The FOV and the blue cross are
centered on the coordinates of the identified blob, which were obtained from
the mMB −mBB color image. Eight snapshots are presented, in order: (a) Hα
flux (same color scale as Fig. 3.3), (b) mMB −mBB color (same color scale as
Fig. 3.5), (c) BB, the broad-band image, (d) MB, the medium-band image (the
color scale is the same in these two images, to make it easier showing that the
blobs have more emission in MB than in BB), (e) rdeep82, the combination of
filters g, r, i from the IAC Stripe 82 Legacy Project (the rdeep image is the
average of the g, r, i images in arbitrary flux units), (f) the magnitude in the g
filter from the IAC Stripe 82 Legacy Project, (g) the magnitude in the r filter
from the IAC Stripe 82 Legacy Project, and (h) the magnitude in i filter from
the IAC Stripe 82 Legacy Project (the color scale is the same in the three last
images).
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Figure 3.7: Object #9, RA: 0:37:30., DEC: +0:35:31. For the meaning of each panel,
see caption of Fig. 3.6 in page 81.
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Figure 3.8: Object #16, RA: 0:37:29, DEC: +0:37:52. For the meaning of each panel,
see caption of Fig. 3.6 in page 81.
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Figure 3.9: Object #683, RA: 0:37:41, DEC: +0:33:10. For the meaning of each
panel, see caption of Fig. 3.6 in page 81.
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3.4.2 Independent confirmation of blobs

In addition to the procedure described in Sect. 3.4.1, we use an alternative
method to confirm the presence of emission line blobs in the Hα image. In
the method explained in Sect. 3.4.1, mMB − mBB has to be above a certain
value, i.e., the ratio of fluxes has to be above a threshold. In this section, we
explore the difference of the fluxes rather than the ratio. I use the Hα image to
directly detect the emission line blobs. I use NoiseChisel (Akhlaghi & Ichikawa
2015), which is a program designed to detect low surface brightness objects. Is
it similar in intention to SExtractor, but with a different approach. Instead of
detecting signal above a noise threshold, NoiseChisel carves the signal out of
the noise, using a combination of convolution, thresholding and erosion, based
on the fact that the signal is spatially connected, while the noise is not. And
it does not assume any particular shape for the detected object. In Appendix
3.8.3, I calculate the detection limit of NoiseChisel and find that it detects
objects with a signal to noise ratio below 1, which is significantly smaller than
the recommended parameter of SExtractor (Holwerda 2005).

I matched the list of blobs from the method described in Sect. 3.4.1 with
the objects detected by NoiseChisel, and found a 63% agreement (61 blobs). 47
out of the 61 (77%) have enough S/N to be above our flux threshold in Hα (see
Sect. 3.4.3). To compare with, SExtractor with the Hα image detects 25 blobs
(26 %). 24 out of the 25 (96%) have enough S/N to be above our flux threshold
in Hα. All these 24 blobs are also detected by NoiseChisel. So, NoiseChisel
detects all the blobs (except one) detected by Sextractor, and more.

We conclude that a significant fraction of the blobs in Table 3.4 were also
detected by the automatic algorithm NoiseChisel. This fact reinforces our
confidence on the reduction and analysis carried out with the MB and BB
GTC images.

3.4.3 Determination of photometric properties of the blobs

Table 3.4 lists the photometric properties of the detected blobs. This section
explains how they were computed. The table will be described in detail at the
end of this Section.

To calculate the flux of each individual emission line object (which I am
calling a blob), I used several methods. First I used the dual mode of SEx-
tractor. This mode allows to use different images for the detection and for the
photometry. The detection image is the sum of the MB mosaic and the BB mo-
saic, and for the photometry, I used individually the Hα, MB and BB mosaic,
to be sure that the same objects are detected on both images. I also used the
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ASSOC parameters to provide SExtractor with a list of targets. This list, which
has 96 objects, is derived in Sect. 3.4.1. SExtractor makes a cross-correlation
with this list and outputs the catalogue of the requested targets. With this
method SExtractor detects 37 blobs (∼ 39% agreement), which implies more
blobs than running SExtractor on each image independently. A circular aper-
ture (best for faint objects) of radius 7 pixels was used for the photometry.
It is equivalent to 1.75 arcsec. We decided not to include in Table 3.4 these
results from SExtractor because the estimated uncertainty of the photometry
is too large, due to the fact that SExtractor expects the input image to be in
counts. It was not possible to give the images in counts to SExtractor because
the images were flux calibrated before combining them into the MB and BB
mosaics.

Another method was using a custom-made Python routine for aperture
photometry. For every object identified in Sect. 3.4.1, I integrate the flux of all
pixels inside a circle of radius 7 pixels (1.75 arcsec). We also used the package
Photutils (Bradley et al. 2017) of Astropy, designed for aperture photometry.
The Photutils package includes the fraction of the pixel that is within the cir-
cular aperture, so it gathers more surface and samples the circular aperture
better than my custom-made Python routine. The difference in magnitude be-
tween the two procedures is very small (below 0.05 mag) as the main difference
between them is the treatment of the pixels in the border of the aperture, which
are mainly sky signals and do not contribute significantly to the total flux. The
main source of noise in our images is the photon noise of the sky. In previous
sections we explained how we measure the magnitude limit of the images, set
by the noise of the sky. Now I consider this as the main source of error in our
photometry.

We derive the errorbar of the integrated flux of the objects (σS) from the
standard deviation of the sky measured in boxes of side of 3.5 arcsec (equal to
the diameter of the photometry aperture). It is calculated from the noise of
the mean flux in the aperture (σA) as

σS = σA ×∆x2 ×NA, (3.12)

where ∆x is the scale plate of the instrument, 0.25 arcsec pixel−1 and NA the
number of pixels in the aperture. The units of (σS) are erg s−1 cm−2 ◦

A−1.
Equation (3.12) is derived in Appendix 3.8.2 (Eq. [3.41]).

In order to be sure that there is indeed line emission in the visually selected
blobs (Sect. 3.4.1), I have compared the integrated flux in the aperture of each
object with the corresponding expected noise. I decided to set a detection
threshold at 1.5σS based on a visual inspection of the blobs. Those blobs
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detected in Sect. 3.4.1 with signal below this noise threshold were flagged in
Table 3.4 as not having enough signal for its noise.

I am also interested in the size of the blobs. For that I used the second
moment of the image around the blob, which gives us the size without assuming
any particular shape for the blob. The equations used here are taken from the
SExtractor manual (Bertin & Arnouts 1996). The equations for the barycenter
are the following:

x =

∑
i Iixi∑
i Ii

, y =

∑
i Iiyi∑
i Ii

, (3.13)

where x and y are the barycenter along the x axis and y axis respectively. The
sum extends to every pixel inside the aperture (3.5 × 3.5 arcsec2), Ii is the
flux in the pixel of spatial coordinates xi, yi. In our case, they are the offset in
arcsec from the aperture center. The equations for the second moments of the
image (x2, y2 and xy) are the following:

x2 =

∑
i Iix

2
i∑

i Ii
− x2, y2 =

∑
i Iiy

2
i∑

i Ii
− y2, xy =

∑
i Iixiyi∑
i Ii

− x̄ȳ. (3.14)

As a first order approximation one can associate an elliptical shape to these
moments. The three second order moments can be re-written in terms of the
parameters of an ellipse that has them, namely, the semi-major (A) and semi-
minor (B) axes,

A2 =
x2 + y2

2
+

√√√√(x2 − y2

2

)2

+ xy2, (3.15)

B2 =
x2 + y2

2
−

√√√√(x2 − y2

2

)2

+ xy2, (3.16)

and the orientation,

tan 2θ0 = 2
xy

x2 − y2
, (3.17)

where θ0 is the angle of the ellipse in the x-y reference system. Fig. 3.10
shows examples of some identified blobs, each one has an ellipse drawn with
the parameters A, B and θ0 described in Eqs. (3.15), (3.16) and (3.17).

Table 3.4 contains the sizes of all the blobs, where we use as size the FWHM
(full width at half maximum) associated to the semi-major axis A if the emission
blob had a gaussian shape, i.e., FWHM= 2

√
2 ln 2A. In order to understand the
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(a) blob #7 (b) blob #9

(c) blob #12 (d) blob #14

Figure 3.10: Images in Hα of the first four blobs of the list (#7, #9, #12, #14).
The units of the horizontal and vertical axes are arcsec from the measured barycenter.
The black ellipse is drawn with the parameters A, B and θ0 described in Eqs. (3.15),
(3.16) and (3.17). The FOV of these images is 3.5 × 3.5 arcsec2. This is the FOV
used to calculate the size of the blobs, and it matches the diameter of the photometry
apertures.

uncertainty in the size due to the use of a finite aperture, I made the simulation
described in Appendix 3.8.4. The conclusion is that sizes are overestimated by
a factor around 1.6, so I use that as the uncertainty of the parameter given in
Table 3.4.

As it can be seen in Table 3.4, most of the blobs have a FWHM around 0.7
kpc (2.33 arcsec), and the first ones in the table are smaller than the rest. This
can be attributed to the effect modelled in Appendix 3.8.4, that the size of the
blob is overestimated at low S/N. Due to the selection process, most of the
objects with good S/N have a higher position in the table (a low identification
number), so they tend to have smaller size due to their good signal to noise.
But it could also happen that they are intrinsically smaller. The majority of
the blobs in the list has roughly the same size which is due to the same effect;
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the size in all of them is probably overestimated.

This paragraph describes Table 3.4 in detail. Table 3.4 lists the photo-
metric properties of the detected blobs. It contains 96 blobs, identified with
the procedure described in Sect. 3.4.1. The ID listed in the table corresponds
to the position in the list of the first 200 objects, ordered by size, that were
drawn from the catalogue made by SExtractor based on the mMB−mBB image.
The second column gives the Hα flux in units of erg s−1 cm−2. The flux was
calculated placing circular apertures of radius 7 pixels on the Hα image, as
explained in the beginning of this section. The third column is the MB flux
and the fourth the BB flux, both in units of erg s−1 cm−2 ◦

A−1. The flux was
calculated placing circular apertures of radius 7 pixels on the MB and BB im-
age. The uncertainty in the Hα, MB and BB flux is derived using Eq. (3.12).
It is derived from the standard deviation of the sky measured in boxes of side
3.5 arcsec. It is a constant for every image (Hα, MB and BB). The fifth column
gives the size of the blob in kpc, assumed to correspond to Hα and measured
on the Hα image. The size is given in terms of the FWHM associated to the
semi-major axis A (Eq. 3.15). The sixth column gives True or False whether
Hα flux fulfils the detection threshold of being larger than 1.5 times the noise.
The seventh column gives the logarithm of the gas mass of the blob. The cal-
culation of the gas mass will be explained in Sect. 3.5.2. It assumes that the
emission we detect is Hα at the redshift of the target galaxy, at a temperature
of 104 K and an electron density 0.01 cm−3. The uncertainty in the gas mass
comes from the propagation of the uncertainty of the Hα flux. The last column
gives the distance in kpc between the blob and the target galaxy UM260. It
assumes the blobs to be at the redshift of the target galaxy in order to convert
from arcsec to kpc.

3.5 Properties of UM260 and the emission around it

3.5.1 Observations on this galaxy existing in the literature

Sánchez Almeida et al. (2016) search for XMP galaxies in SDSS using the
ratio of the lines [OIII]λ4363 to [OIII]λ5007, which is a proxy for the electron
temperature. As the gas in XMP galaxies has very little metals, it can not cool
efficiently, so it has relatively high electron temperature. UM260 is one of the
objects that they select. They report an oxygen abundance (12 + log [O/H])
of 7.68 ± 0.12, a ratio of abundances of nitrogen over oxygen (log [N/O]) of
−1.52± 0.13, an ionization parameter (logU) of −1.89± 0.27, and a extinction
coefficient in Hβ (CHβ) of 0.00± 0.03.

Chang et al. (2015) use SDSS and WISE (bands at 3.4, 4.6, 12 and 22 µm)
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data to reconstruct spectral energy distributions (SED) of galaxies. The ad-
dition of WISE photometry together with the optical data means that not
only the stellar emission is modelled in the SED, but also dust extinction
and emission. They obtain for UM260 a star formation rate (log SFR) of
−1.583+0.125

−0.055, an stellar mass (log M∗) of 7.40+0.09
−0.06 and a specific star forma-

tion rate (log sSFR = log [SFR/M∗]) of −8.98+0.16
−0.14. SFR, M∗ and sSFR are

expressed in units of M� yr−1, M�, yr−1, respectively. According to Chang
et al. (2015), these results have to be taken with care because this galaxy does
not have reliable aperture corrections, although they state that the uncertainty
in the aperture corrections is smaller than the uncertainties derived in the stel-
lar mass and SFR. The magnitudes used by Chang et al. (2015) are given in
Table 3.3.

Table 3.3: Magnitudes of UM260.

SDSS u [Jy]a 7.9 ± 0.5 × 10−5

SDSS g [Jy]a 1.41 ± 0.07 × 10−4

SDSS r [Jy]a 1.63 ± 0.08 × 10−4

SDSS i [Jy]a 1.73 ± 0.09 × 10−4

SDSS z [Jy]a 1.85 ± 0.09 × 10−4

W1 [Jy]a 6.8 ± 1.1 × 10−5

W2 [Jy]a 4.7 ± 1.4 × 10−5

W3 [Jy]a 0.004 ± 2.0 × 10−4 upperlimit
W4 [Jy]a 0.004 ± 1.8 × 10−3 upperlimit

a From Chang et al. (2015) in the VizieR catalog

Eckert et al. (2015) also obtain the stellar mass of the galaxy from SED mod-
elling, but they also include UV and the HI 21 cm. A stellar mass (log M∗/M�)
of 7.57 was obtained, consistent with the estimate by Chang et al. (2015).

From the survey ALFALFA (Giovanelli et al. 2005), Stark et al. (2016)
give a total flux in 21 cm line of 0.53 ± 0.16 Jy km s−1. Eq. (2) in Stark
et al. (2016) gives us a hydrogen atomic mass (MHI) of (4.8 ± 1.5) × 108 M�,
or log (MHI/M�) = 8.68± 0.13. Thus, combining the stellar mass from Chang
et al. (2015) with this estimate, one gets a gas to stars mass ratio MHI/M∗ ' 20.
Thus, UM260 is an extremely gas rich object, in line with the rest of the XMPs
(Filho et al. 2013).

Sánchez Almeida et al. (2010) classified the spectra of the galaxies available
in SDSS DR7 using the machine learning algorithm k-means (ASK classifica-
tion). This unsupervised algorithm classifies the spectra according to their
shape in the visible wavelength range. The target galaxy UM260 belongs to
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class 25 with a quality of 0.344, and to class 26 with a quality of 0.0489510.
The quality is a merit function that evaluates the distance to the class center,
where the largest quality corresponds to the minimum distance.

According to Table 1 of Sánchez Almeida et al. (2012), class 25 contains star-
forming galaxies with a metal-poor starburst and a young stellar population.
The spectrum is dominated by strong emission lines, with a blue continuum and
weak absorption lines in the Balmer series. It also has the Balmer continuum
in emission. Comparing to other classes in the ASK classification, it is among
those with the youngest stellar population and the lowest gas-phase metallicity.
The properties of class 25 are: the oxygen abundance of the gas, 12+log (O/H),
is 8.29 ± 0.01, the age of the stellar population is 0.0083 ± 0.0018 Gyr, and
the metallicity of the stars, Z/Z�, is 0.72 ± 0.36. These results were obtained
from the average spectra of the class. The galaxies of class 26 are similar to
those of class 25, but with slightly older stellar populations and slightly higher
gas-phase metallicity.

It stands out that the metallicity of class 25 (12 + log [O/H] = 8.29± 0.01)
does not match the metallicity of the galaxy (12 + log [O/H] = 7.68 ± 0.12)
measured by Sánchez Almeida et al. (2016). Both calculations are based on
SDSS spectra, but one is the average of all spectra in class 25 and the other is the
spectrum of UM260. The SDSS spectrum of UM260 is shown in Fig. 3.11. The
methods used to calculate the metallicity are also different; whereas Sánchez
Almeida et al. (2012) use the direct method, Sánchez Almeida et al. (2016) use
the code HII-CHI-mistry (Pérez-Montero 2014), which is consistent with the
direct method but it is not the direct method. Alternatively, there is a large
spread in metallicity within the class that is not reflected in the uncertainty of
the metallicity given by Sánchez Almeida et al. (2012). Actually, the algorithm
classifies the spectra according to the shape of the spectrum, so the continuum
has more weight than the emission lines. This can be explained if the target
galaxy UM260 has a continuum representative of class 25 and the emission
lines come from an HII region which is more metal poor than the rest of the
galaxy. This behaviour is typical of the XMP galaxies as described by Sánchez
Almeida et al. (2013, 2015). So, the metallicity of UM260 is low compared with
the average spectrum of class 25. In other words, UM260 is an outlier in the
gas metallicity of class 25, but is not in the age of the stellar population and
the metallicity of the stars (this behavior is discussed in detail in Chapter 4).

As part of the GALEX Medium-depth Imaging Survey, Bianchi et al. (2011)
give the following magnitudes: FUV = 20.27± 0.06 and NUV = 20.15± 0.04.
The size (FWHM) of the source in the FUV and NUV is 5.37 arcsec, therefore,

10http://sdc.cab.inta-csic.es/ask/jsp/searchform.jsp
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Figure 3.11: SDSS spectra of the galaxy UM260, showing the main emission lines.

significantly larger than the optical size (Table 3.2).

Fliri & Trujillo (2016) present a catalog of the properties measured in the
images of the IAC Stripe 82 Legacy Project. They give the following Petrosian
magnitudes for the target galaxy UM260: u = 19.48±0.03, g = 18.491±0.006,
r = 18.277±0.007, i = 18.201±0.008, z = 18.12±0.02. The Petrosian radius is
4.6 arcsec. They provide a position angle of −16.87 degrees and an elongation
(axial ratio) of 1.310, measured in their r-deep image (g+r+i). In comparison,
we obtain a position angle -16.99 and an elongation of 1.27, measured in the
BB image (SDSS r) with SExtractor, which agrees with Fliri & Trujillo (2016).

With the images of the IAC Stripe 82 Legacy Project, we made a color
composition of UM260. It is shown in Fig. 3.1, with the galaxy at the center of
the image. UM260 has two components; one blue star forming region slightly
off-centered, and a diffuse white component corresponding to the rest of the
galaxy. Surrounding the galaxy, there are little cloud-like objects. Those are
the ones that originally captured our interest and in the end were responsible
for choosing UM260 in our proof-of-concept observation.
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3.5.2 Properties of the emission line blobs

As described in Section 3.4.1, I have detected a total of 96 emission line blobs
around UM260. Table 3.4 summarizes their main properties. These properties
are discussed in detail in this subsection.

BB, MB, Hα measured flux. The flux in the three images, BB, MB and
Hα, appear in Table 3.4. The uncertainty in the measured flux is a constant for
each one of these three images. It depends only of the standard deviation of the
sky of the image and the number of pixels in the photometry aperture. Most of
the 96 blobs (88%) are below the flux threshold in BB (see also Fig. 3.12), so
we can not claim the detection of the continuum. In the case of the MB image,
as you can see in Fig. 3.13, more blobs are detected above the flux threshold in
MB (49%), but still the mode of the distribution is below the threshold. The
best case is for the Hα image (Fig. 3.14), where the mode of the histogram is
at the flux threshold, and 66% (63) of the blobs are above it.

There are some blobs with near zero flux or negative flux in the MB or Hα
images. These blobs have a clear detection on the mMB − mBB color image,
however, their signal is usually at the level of the noise, so the integrated flux
turns out very small. Sometimes it is because the blob is very faint and others
because the region around them is particularly noisy.

Figure 3.12: Histogram of the flux of the emission line blobs measured in the BB
image. The vertical black line is the BB flux threshold, defined as 1.5 times the
uncertainty of the measured flux. 88% of the blobs do not have BB signal above the
noise level.
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Figure 3.13: Histogram of the flux measured in the MB image. The vertical black
line is the MB flux threshold, defined as 1.5 times the uncertainty of the measured
flux.

Figure 3.14: Histogram of the flux measured in the Hα image. The vertical black line
is the Hα flux threshold, defined as 1.5 times the uncertainty of the measured flux.

Size. The size of the blobs is given in Table 3.4 in kpc, thus assuming that
the emission occurs at the distance of UM260. As we explained in Sect. 3.4.3
and Appendix 3.8.4, the values in the table represent upperlimits because, due
to the low S/N, the size is overestimated by a factor around 1.6. For the same
reason, we trust the size of the smallest and brightest blobs, since they also
have the highest S/N. The histogram of the sizes is shown in Fig. 3.15.
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Figure 3.15: Histogram of the size of the blobs in the Hα image, assuming they are
at the distance of UM260.

Gas mass. In order to estimate the gas mass of these blobs, we also assume
that they are at the redshift of the target galaxy UM 260, so the emission that
we detect in the MB filter is Hα and is produced by the recombination of H.
We follow the procedure in Sect. 2.3.3 and use Eq. (2.12). If we assume typical
values of HII regions for the temperature (T= 104 K) and electron density
(ne = 10 cm−3), we get masses within the range Mg ∼ 103 − 104 M�. If
we consider that they have the typical density of the circumgalactic medium
(CGM: ne ∼ 0.01 cm−3), we get masses within the range Mg ∼ 106 − 107 M�.
The gas mass of the individual Hα blobs for ne = 0.01 cm−3 is included in
Table 3.4.

The value I use for ne is obtained from both observations and simulations.
From the simulations presented in van de Voort & Schaye (2012, Fig. 9), we
got a value for the gas density which is of the order of 105 the mean baryon
density of the universe. (I cite the density of the cold gas at 0.1 virial radii
of galaxies with halo masses between 1011.5 and 1012.5 M�.) Using the mean
density of the universe at redshift zero, and assuming the gas to be made of H
and He, then the mean density of H in the local Universe is 2.5 × 10−7cm−3.
Assuming an HII region with nH ' ne, then one gets ne ' 0.025 cm−3. As far
as the observations are concerned, Stern et al. (2016) find a CGM gas density
in the range between 50 and 5×105 times the mean density. This large range in
gas density comes from the assumption that the cool CGM has a structure in
which small high-density clouds are embedded in large low-density clouds. The
observations presented in the paper corresponds to redshift 0.2, but they will
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not be very different from the conditions in the local universe since densities
scales as (1 + z)3 which corresponds to 1.7 at z = 0.2 (see Eq. [3.1]). They give
a mean nH of 3.2×10−7 cm−3 which, at the high end of the density distribution
gives ne ∼ 0.16 cm−3. With this value and the one from van de Voort & Schaye
(2012), we can set a lower limit on the electron density ne < 0.1 cm−3. This
justifies the value used to calculate the mass in Table 3.4, i.e., ne = 0.01 cm−3.

Figure 3.16: Histogram of gas mass emitting in Hα for ne = 0.01 cm−3.

A histogram of the gas mass of the Hα blobs is represented in Fig. 3.16.
There are some quite massive blobs, but most of them are around 106 M�.
This is one order of magnitude less than the stellar mass of the galaxy and two
orders of magnitude less than the gas mass of the galaxy as inferred from HI
(see Sect. 3.5.1). Fig. 3.17 shows the gas mass against the distance in kpc to
the target galaxy UM260, assuming the Hα blobs to be at the distance of the
galaxy. Although there is a large spread in mass due to the poor S/N of most
of the objects, there is no evident correlation between the gas mass and the
distance to the target galaxy.

Distance of the Hα blobs to UM260. We calculated the projected
distance of each blob to the central galaxy. The histogram of distances is
shown in Fig. 3.18. There is a large spread in the distance of the blobs to the
target galaxy. There seems to be a concentration around ∼ 50 and ∼ 70 kpc.
There is no evident pattern in the distribution. The virial radius divides the
CGM from the IGM (intergalactic medium). According to Kravtsov (2013),
the virial radius of a galaxy is related to the effective radius with the following
relation: Rvir ' 70 Re. For galaxy UM260, Re ∼ 2′′, so Rvir ∼ 140′′ or 42
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Figure 3.17: Measured gas mass of the Hα blobs versus the distance in kpc to the
target galaxy UM260. There is no evident correlation between Mg and the distance to
the target galaxy.

Figure 3.18: Histogram of the distance between the Hα blobs and UM260. The
vertical line is the estimated virial radius of UM260.

kpc. Therefore some of the Hα blobs seem to be within the virial radius, but
most of them are not. Keep in mind, however, that the Re in XMPs is often
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underestimated. A bright star forming region dominates the light of the galaxy
and thus the inferred Re is not representing the whole galaxy but the knot (see,
e.g., Sánchez Almeida et al. 2017). Should this be the case, most blobs would
be within the virial radius of UM260.

The question arises as to whether we are detecting all the blobs or due to
proper motions, some are shifted in wavelength so much as to exceed the band-
pass of the MB filter. This does not seem to be an issue since the band-pass of
the MB filter is equivalent to ∼7000 km s−1. This is more than enough since
the expected proper motions are just tens of km s−1.

Preferred azimuth of the Hα blobs. We calculated the azimuth of the
blobs in a reference system centered in UM260. As the target galaxy is not
in the center of the image, some directions have more pixels than others. In
order to compare the number of blobs existing in each direction, I normalise
the histogram of the azimuth of the blobs dividing by the histogram of the
azimuth of all the pixels in the image. Fig. 3.19a shows the histogram of the
azimuth of the blobs prior to this normalisation, and 3.19b the histogram of
the azimuth of all pixels in the image. It is a polar diagram where the length

(a) blobs (b) all pixels

Figure 3.19: (a) Polar histogram of the azimuth of the blobs. Angles are measured in
a reference system centered in UM260, where RA corresponds to abscissae and azimuth
zero points to the East. (b) Polar histogram of the azimuth of all the pixels in the
image. It clearly differs from (a).
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in each azimuth is proportional to the number of pixels with this azimuth.
Azimuths are computed in a reference system centered in the galaxy with the
azimuth equals zero along the celestial East. The histograms in Fig. 3.19a and
3.19b are very different so the existence of preferred directions in the Hα blobs
(Fig. 3.19a) is not due to uneven sampling of the different azimuths. Instead,
the existence of the peaks indicates that there is a preference for the blobs to
be along certain directions.

Figure 3.20 contains the histograms normalized to histogram in Fig. 3.19b.
Figure 3.20a contains the 96 blobs described in Sect. 3.4.1 whereas Fig. 3.20b
shows only those above the flux threshold in Hα. The relative importance of
the peaks of the histogram changes with respect to those in Fig. 3.19a, but
the existence of 3 preferred directions remains. There are three major peaks,
although the one pointing to the south (270°) is not reliable, because some of
the blobs in this peak are in a very noisy region near the border of the image.
The two other filaments seem to be roughly aligned with the mayor axis of the
galaxy. This is to be expected if the gas in the blobs were co-planar with the
disk of the galaxy.

(a) all blobs (b) Hα detected blobs

Figure 3.20: (a) Polar histogram of the orientation of the blobs, normalised to the
of the sky area sampled in each direction (i.e., histogram in Fig. 3.19a divided by the
histogram in Fig. 3.19b). (b) The same as in (a) but only for the blobs detected in
Hα above the flux threshold. It can be seen that the distribution of azimuth has 3
prominent preferred directions. The red solid line represents the angle of the major
axis of UM260 in this reference system.
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Table 3.4: Physical parameters of the observed Hα blobs.

ID Hα flux ×1017 MB flux ×1020 BB flux ×1020 Hα sizea Enough S/N log Mc
g Separationd

[erg s−1cm−2] [erg s−1cm−2
◦
A−1] [erg s−1cm−2

◦
A−1] [kpc] in Hα?b [M�] [kpc]

7 7.1 ± 0.59 69 ± 3.8 24 ± 3.7 0.55 True 7.01 ± 0.04 12.9
9 3.1 ± 0.59 25 ± 3.8 5.8 ± 3.7 0.66 True 6.65 ± 0.08 62.0
12 4.1 ± 0.59 39 ± 3.8 13 ± 3.7 0.63 True 6.77 ± 0.06 57.3
14 2.8 ± 0.59 22 ± 3.8 4.7 ± 3.7 0.63 True 6.60 ± 0.09 65.7
15 0.93 ± 0.59 5.3 ± 3.8 −0.47 ± 3.7 0.67 True 6.13 ± 0.27 42.9
16 2.3 ± 0.59 15 ± 3.8 0.6 ± 3.7 0.64 True 6.53 ± 0.11 98.3
19 3.1 ± 0.59 26 ± 3.8 6.8 ± 3.7 0.63 True 6.65 ± 0.08 26.1
20 3.3 ± 0.59 16 ± 3.8 −4.8 ± 3.7 0.71 True 6.68 ± 0.08 56.9
28 1.2 ± 0.59 3.3 ± 3.8 −4.4 ± 3.7 0.67 True 6.25 ± 0.21 71.1
33 1.9 ± 0.59 18 ± 3.8 6.1 ± 3.7 0.67 True 6.43 ± 0.14 63.2
35 1.1 ± 0.59 3.7 ± 3.8 −3 ± 3.7 0.72 True 6.19 ± 0.24 21.5
37 1.3 ± 0.59 4.1 ± 3.8 −3.7 ± 3.7 0.68 True 6.26 ± 0.20 71.4
38 1.2 ± 0.59 6.8 ± 3.8 −0.69 ± 3.7 0.69 True 6.24 ± 0.21 47.8
40 2.4 ± 0.59 12 ± 3.8 −2.4 ± 3.7 0.75 True 6.54 ± 0.11 105.4
41 2.6 ± 0.59 20 ± 3.8 4.1 ± 3.7 0.72 True 6.58 ± 0.10 108.8
42 2.3 ± 0.59 12 ± 3.8 −2.4 ± 3.7 0.72 True 6.53 ± 0.11 58.7
44 1.1 ± 0.59 1.7 ± 3.8 −5.1 ± 3.7 0.74 True 6.20 ± 0.23 55.4
45 2.4 ± 0.59 5 ± 3.8 −10 ± 3.7 0.72 True 6.54 ± 0.11 55.3
49 0.89 ± 0.59 1.5 ± 3.8 −4.1 ± 3.7 0.67 True 6.11 ± 0.29 67.4
50 0.99 ± 0.59 6.2 ± 3.8 −0.056 ± 3.7 0.69 True 6.16 ± 0.26 3.1
52 1 ± 0.59 9.1 ± 3.8 2.6 ± 3.7 0.69 True 6.18 ± 0.24 26.8
53 2.2 ± 0.59 35 ± 3.8 22 ± 3.7 0.72 True 6.51 ± 0.12 93.1
56 0.62 ± 0.59 5 ± 3.8 1.2 ± 3.7 0.64 False 5.95 ± 0.41 10.3
60 1.7 ± 0.59 2.9 ± 3.8 −7.8 ± 3.7 0.71 True 6.40 ± 0.15 93.3
62 2 ± 0.59 12 ± 3.8 −0.41 ± 3.7 0.68 True 6.46 ± 0.13 112.8
63 0.86 ± 0.59 0.87 ± 3.8 −4.5 ± 3.7 0.69 False 6.10 ± 0.30 94.6
65 1.6 ± 0.59 5.4 ± 3.8 −4.3 ± 3.7 0.72 True 6.36 ± 0.16 100.6
66 0.35 ± 0.59 0.034 ± 3.8 −2.1 ± 3.7 0.67 False 5.70 ± 0.73 73.7

Continued on next page
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Table 3.4 – Continued from previous page

ID Hα flux ×1017 MB flux ×1020 BB flux ×1020 Hα sizea Enough S/N log Mc
g Separationd

[erg s−1cm−2] [erg s−1cm−2
◦
A−1] [erg s−1cm−2

◦
A−1] [kpc] in Hα?b [M�] [kpc]

68 4.6 ± 0.59 61 ± 3.8 32 ± 3.7 0.75 True 6.82 ± 0.06 93.3
71 3 ± 0.59 22 ± 3.8 2.8 ± 3.7 0.71 True 6.64 ± 0.08 61.8
72 3.1 ± 0.59 41 ± 3.8 21 ± 3.7 0.79 True 6.66 ± 0.08 52.0
76 1.5 ± 0.59 12 ± 3.8 3 ± 3.7 0.74 True 6.34 ± 0.17 94.9
77 1.1 ± 0.59 4.5 ± 3.8 −2.1 ± 3.7 0.73 True 6.19 ± 0.24 4.3
80 1.8 ± 0.59 7.6 ± 3.8 −3.8 ± 3.7 0.69 True 6.42 ± 0.14 57.1
83 0.59 ± 0.59 9.2 ± 3.8 5.5 ± 3.7 0.69 False 5.93 ± 0.43 6.9
84 2.3 ± 0.59 16 ± 3.8 1.9 ± 3.7 0.71 True 6.52 ± 0.11 59.7
88 3.6 ± 0.59 8.5 ± 3.8 −14 ± 3.7 0.72 True 6.72 ± 0.07 70.2
89 1.1 ± 0.59 3.6 ± 3.8 −3 ± 3.7 0.71 True 6.19 ± 0.24 3.7
91 1.2 ± 0.59 4 ± 3.8 −3.5 ± 3.7 0.73 True 6.24 ± 0.21 74.4
92 1.1 ± 0.59 −2.2 ± 3.8 −8.9 ± 3.7 0.7 True 6.19 ± 0.24 48.3
93 2.2 ± 0.59 10 ± 3.8 −3.6 ± 3.7 0.72 True 6.50 ± 0.12 63.1
94 1.9 ± 0.59 9.8 ± 3.8 −2.3 ± 3.7 0.73 True 6.45 ± 0.13 62.5
95 0.84 ± 0.59 8.3 ± 3.8 3 ± 3.7 0.7 False 6.09 ± 0.30 34.2
96 1.3 ± 0.59 8.5 ± 3.8 0.53 ± 3.7 0.7 True 6.27 ± 0.20 112.2
97 1.2 ± 0.59 0.43 ± 3.8 −7.3 ± 3.7 0.79 True 6.26 ± 0.21 111.6
98 1.1 ± 0.59 2.7 ± 3.8 −3.9 ± 3.7 0.74 True 6.18 ± 0.24 46.6
99 0.42 ± 0.59 −0.62 ± 3.8 −3.3 ± 3.7 0.72 False 5.79 ± 0.60 8.2
100 1.3 ± 0.59 5.4 ± 3.8 −2.5 ± 3.7 0.66 True 6.26 ± 0.20 18.3
104 0.67 ± 0.59 0.04 ± 3.8 −4.2 ± 3.7 0.74 False 5.99 ± 0.38 73.6
105 1.5 ± 0.59 14 ± 3.8 4.5 ± 3.7 0.78 True 6.32 ± 0.18 45.9
106 0.32 ± 0.59 3.3 ± 3.8 1.3 ± 3.7 0.67 False 5.67 ± 0.78 71.2
108 −0.065 ± 0.59 −8.5 ± 3.8 −8.1 ± 3.7 0.73 False nan ± −3.91 52.5
110 1.2 ± 0.59 0.99 ± 3.8 −6.3 ± 3.7 0.69 True 6.23 ± 0.22 32.4
116 0.85 ± 0.59 7.7 ± 3.8 2.4 ± 3.7 0.7 False 6.09 ± 0.30 69.1
119 1 ± 0.59 21 ± 3.8 14 ± 3.7 0.66 True 6.18 ± 0.24 108.1
120 0.89 ± 0.59 4.4 ± 3.8 −1.1 ± 3.7 0.69 True 6.11 ± 0.29 14.6
121 1.9 ± 0.59 18 ± 3.8 5.8 ± 3.7 0.74 True 6.45 ± 0.13 99.5
122 1.5 ± 0.59 1.4 ± 3.8 −8 ± 3.7 0.71 True 6.34 ± 0.17 47.6

Continued on next page
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Table 3.4 – Continued from previous page

ID Hα flux ×1017 MB flux ×1020 BB flux ×1020 Hα sizea Enough S/N log Mc
g Separationd

[erg s−1cm−2] [erg s−1cm−2
◦
A−1] [erg s−1cm−2

◦
A−1] [kpc] in Hα?b [M�] [kpc]

124 0.76 ± 0.59 5 ± 3.8 0.28 ± 3.7 0.7 False 6.04 ± 0.34 28.8
126 0.39 ± 0.59 8.3 ± 3.8 5.8 ± 3.7 0.7 False 5.76 ± 0.65 45.5
128 1.2 ± 0.59 2 ± 3.8 −5.2 ± 3.7 0.75 True 6.23 ± 0.22 54.8
131 1.4 ± 0.59 6.2 ± 3.8 −2.8 ± 3.7 0.73 True 6.32 ± 0.18 95.1
132 0.95 ± 0.59 4.3 ± 3.8 −1.6 ± 3.7 0.66 True 6.14 ± 0.27 67.4
136 1.3 ± 0.59 −2 ± 3.8 −10 ± 3.7 0.67 True 6.28 ± 0.20 53.7
137 1.4 ± 0.59 2.6 ± 3.8 −6.2 ± 3.7 0.68 True 6.31 ± 0.18 71.8
138 −0.28 ± 0.59 −4.5 ± 3.8 −2.7 ± 3.7 0.73 False nan ± −0.90 60.1
140 0.74 ± 0.59 14 ± 3.8 8.9 ± 3.7 0.73 False 6.03 ± 0.34 97.9
141 2.2 ± 0.59 20 ± 3.8 6.1 ± 3.7 0.69 True 6.49 ± 0.12 101.6
142 −0.012 ± 0.59 0.27 ± 3.8 0.34 ± 3.7 0.76 False nan ± −21.20 19.0
145 1.2 ± 0.59 0.15 ± 3.8 −7.1 ± 3.7 0.74 True 6.23 ± 0.22 70.8
148 0.83 ± 0.59 3 ± 3.8 −2.1 ± 3.7 0.74 False 6.08 ± 0.31 67.2
151 0.79 ± 0.59 9.7 ± 3.8 4.8 ± 3.7 0.64 False 6.06 ± 0.32 66.2
154 0.65 ± 0.59 3.3 ± 3.8 −0.72 ± 3.7 0.69 False 5.97 ± 0.39 16.5
156 0.41 ± 0.59 2.6 ± 3.8 0.014 ± 3.7 0.7 False 5.77 ± 0.62 76.2
157 0.84 ± 0.59 12 ± 3.8 6.3 ± 3.7 0.73 False 6.09 ± 0.30 47.5
162 1.3 ± 0.59 6.2 ± 3.8 −1.7 ± 3.7 0.72 True 6.27 ± 0.20 70.5
163 0.89 ± 0.59 11 ± 3.8 5.6 ± 3.7 0.73 True 6.11 ± 0.29 29.7
164 0.7 ± 0.59 −2.2 ± 3.8 −6.6 ± 3.7 0.76 False 6.01 ± 0.36 68.0
166 1.2 ± 0.59 3.3 ± 3.8 −4.2 ± 3.7 0.8 True 6.24 ± 0.21 48.1
170 0.53 ± 0.59 8 ± 3.8 4.7 ± 3.7 0.78 False 5.89 ± 0.48 118.2
172 0.72 ± 0.59 0.88 ± 3.8 −3.6 ± 3.7 0.72 False 6.02 ± 0.35 63.6
173 0.67 ± 0.59 11 ± 3.8 6.4 ± 3.7 0.75 False 5.99 ± 0.38 17.1
174 0.78 ± 0.59 −0.94 ± 3.8 −5.8 ± 3.7 0.73 False 6.05 ± 0.33 48.9
175 0.49 ± 0.59 4.6 ± 3.8 1.5 ± 3.7 0.68 False 5.86 ± 0.52 8.2
177 0.48 ± 0.59 2.5 ± 3.8 −0.48 ± 3.7 0.72 False 5.84 ± 0.53 84.0
181 0.22 ± 0.59 7.2 ± 3.8 5.8 ± 3.7 0.68 False 5.50 ± 1.16 31.0
182 0.91 ± 0.59 1.2 ± 3.8 −4.5 ± 3.7 0.71 True 6.12 ± 0.28 10.5
183 0.34 ± 0.59 −0.056 ± 3.8 −2.2 ± 3.7 0.77 False 5.70 ± 0.74 77.9

Continued on next page
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Table 3.4 – Continued from previous page

ID Hα flux ×1017 MB flux ×1020 BB flux ×1020 Hα sizea Enough S/N log Mc
g Separationd

[erg s−1cm−2] [erg s−1cm−2
◦
A−1] [erg s−1cm−2

◦
A−1] [kpc] in Hα?b [M�] [kpc]

189 0.59 ± 0.59 10 ± 3.8 6.5 ± 3.7 0.72 False 5.94 ± 0.43 59.1
191 1.2 ± 0.59 9.5 ± 3.8 2 ± 3.7 0.72 True 6.24 ± 0.21 51.4
386 0.34 ± 0.59 −1.1 ± 3.8 −3.3 ± 3.7 0.69 False 5.70 ± 0.75 27.7
530 0.33 ± 0.59 −2.4 ± 3.8 −4.4 ± 3.7 0.78 False 5.68 ± 0.78 97.4
596 1.1 ± 0.59 5.4 ± 3.8 −1.7 ± 3.7 0.75 True 6.22 ± 0.23 66.3
627 1.7 ± 0.59 22 ± 3.8 11 ± 3.7 0.74 True 6.40 ± 0.15 100.6
683 1.5 ± 0.59 22 ± 3.8 13 ± 3.7 0.67 True 6.33 ± 0.17 3.4
1077 0.57 ± 0.59 −1.6 ± 3.8 −5.1 ± 3.7 0.72 False 5.92 ± 0.45 64.5

Aperture radius 1.75 arcsec.
a Sizes can be overestimated by a factor of 1.6.
b Fulfils the detection threshold of being 1.5 times the noise.
c Gas mass assuming photoionization with electron temperature 104 K and electron density 0.01 cm−3.
d Distance in kpc to the target galaxy UM260.
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3.5.3 Properties of the Hα halo around UM260

Figure 3.21: Section of ∼ 1.5 × 1 arcmin2 of the color image in Fig. 3.5, smoothed
with a gaussian filter of FWHM ' 3.5 pix. Each pixel is color-coded according to
mMB−mBB; see the bar for the color code. UM 260 is at the center. The line emission
with MB� BB shows up in deep purple. The main blobs with negative colors are
encircled and numbered. Note the bluish-purplish region around the central galaxy,
which we attribute to a faint Hα halo around the galaxy (e.g., sources # 50, 77, and 89
belong to this halo). Note also other conspicuous emission structures which may (or
may not) be tracing high redshift emission nebulae (e.g., # 7, to the center right of the
image). An ellipse with the parameters 2A, 2B and θ0 (see Table 3.2) are drawn over
UM260. The semi-major and semi-minor axis of the ellipse have been multiplicated by
two so the ellipse can be seen clearly. The center of the ellipse does not match the line
emission peak in UM260, and that means that the HII region of UM260 is off-center,
typical of XMP galaxies (Papaderos et al. 2008; Morales-Luis et al. 2011).

A visual inspection of the color image (Fig. 3.5) reveals that UM260 has a
faint emission line halo around it. Figure 3.21 is a zoom into the central region
and shows that the target galaxy (in the center) is surrounded by a bluish halo,
while in the rest of the background is mostly green. Even some of the identified
emission line blobs are inside this halo. The blobs are encircled and labelled
according to the numbers given in Table 3.4.
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In order to caracterize this emission, I made surface brightness profiles
around the target galaxy (Fig. 3.22). I used the program Matrioska (Borlaff
et al. 2018)11. The inputs of the program are the image of the galaxy to
which we want to obtain the surface brightness profiles and the morphological
parameters needed to construct elliptical apertures centered around the galaxy.
Then, for all the pixels in each elliptical aperture, it uses a bootstrapping
technique to derive the median surface brightness and the confidence intervals,
which are drawn from the probability distribution function of the median. The
objects around the galaxy had been masked. The elliptical parameters of the
galaxy had been calculated using Sextractor on the MB image. Although they
are similar to those calculated on the BB image, the morphology of the galaxy
in the Hα image is quite different, because it is dominated by the light of the
main star forming region of UM260 (see Sect. 3.5.1 and Fig. 3.1). I think that
the halo follows the general morphology of the galaxy rather than that of the
star forming region.

Fig. 3.22 shows the surface brightness profiles of the target galaxy UM260
in the MB and BB images. At distance zero, the light is dominated by the
central star forming region of the galaxy. At distances larger than 10 arcsec,
in the outskirts of the galaxy, MB is larger than BB; this is a signature of the
halo seen in the color image (Fig. 3.21). Fig. 3.23 shows a comparison between
the surface brightness profile of the galaxy UM260 in the Hα image and the
difference between the surface brightness profiles of MB and BB. Overall, they
agree within the confidence interval of the Hα profile. However, I do not find
an explanation for the disagreement between these profiles in some regions.

I calculated the total Hα flux of the halo, defined by the region in between
distances 10 and 25 arcsec from the center of the galaxy. This range of distances
was chosen based on the color image (Fig. 3.21). Integrating the flux between
those distances, I obtain 4.0 ± 0.7 × 10−16 erg s−1 cm−2 over an area of 0.33
arcmin2. One can use this flux to estimate the HII mass associated with the
Hα halo using the same assumptions as with the blobs (See Sect. 3.5.2 and
Eq. [2.12]), i.e., that the emission is produced by the recombination of H, the
temperature is 104 K, and the density of the ionized gas is the typical of the
CGM (∼ 0.01 cm−3; see Sect. 3.5.2). The total HII mass of the halo turns out
to be 5.85± 0.97× 107 M� (log(MHII/M�) = 7.77± 0.07), which is similar to
the total stellar mass of the galaxy (log(M∗/M�) = 7.7), and some ten times
smaller than the gas mass inferred for this galaxy from HI (see Sect. 3.5.2).
The HII mass of the halo is also similar to the mass in all the detected Hα
blobs.

11https://github.com/Borlaff/Matrioska
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Figure 3.22: Surface brightness profiles of the galaxy UM260, calculated using the MB
image (blue line) and the BB image (green line). The colored bands are the confidence
intervals. See how MB > BB when distance > 10′′, which is the signature of the Hα
halo around the galaxy.

Figure 3.23: Surface brightness profiles of the galaxy UM260 calculated using the
Hα image (red line with error band). It agrees with the difference of the MB and BB
profiles (black line).
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3.6 Discussion: Are the line emission blobs due to background
sources?

The SHARDS filter was chosen to select Hα at the redshift of the target galaxy
(z=0.014, see Sect. 3.3.1). However, other combinations of spectral lines and
redshifts can leak into the filter producing the observed faint emission. As-
suming that the rest-frame spectrum of the blobs is similar to that of an HII
region, we could be observing the following lines: [OIII]λ5007 at z=0.34 ±
0.02, or [OIII]λ4959 at z=0.35 ± 0.02, or Hβ at z=0.38 ± 0.02, or [OII]λ3726
at z=0.80 ± 0.02, or CIII]λ1908 at z=2.51 ± 0.04, or Lyα at z=4.51 ± 0.07. It

has been taken into account that the FWHM of the filter is 160
◦
A to give the

range of possible redshifts.

From this point on, I analyse the pros and cons of this interpretation alter-
native to Hα.

If the line emission is due to background galaxies, we should be able to
detect their stellar continuum. From the list of blobs, 21 (22%) are above the
flux threshold for the BB image. Analysing the image around the individual
blobs, we often find contamination from nearby objects, usually with more
continuum emission than the blob itself. Only 4 blobs (#7, #12, #19, #83)
show clear BB continuum signals. These 4 blobs have equivalent width of 290±
50

◦
A, 310±90

◦
A, 400±300

◦
A, 110±130

◦
A, respectively. They are candidates to

be extreme line emission galaxies in the background. The equivalent width is
calculated at z=0.014, but the correction to rest-frame is very small. In order
to analyse the general distribution of EW of the blobs, I replaced the BB flux
of those blobs below the BB threshold with the value of the threshold (1.5 σ),
so the EW of those blobs is a lower limit. Figure 3.24 shows the EW in the
Hα image of all the blobs, disaggregating the blobs above or below the flux
threshold in Hα. There are blobs with large EW that can be candidates of
being pure emission line objects. As the EW is a lower limit, the blobs with
low EW could also be candidates, but we can not be certain.

The typical size of the blobs is 2.33 arcsec which corresponds to 0.7 kpc
at the redshift of the target galaxy. With the concordance cosmological pa-
rameters12, the size of the background galaxy would be 11.3 kpc at z=0.34
([OIII]λ5007), 11.5 kpc at z=0.35 ([OIII]λ4959), 12.2 kpc at z=0.38 (Hβ), 17.6
kpc at z=0.80 ([OII]λ3726), 19.0 kpc at z=2.51 (CIII]λ1908), 15.6 kpc at z=4.51
(Lyα). All the sizes correspond to very large galaxies, which are rarer as one
goes to larger redshifts.

As we described in Sect. 3.5.2, the emission line blobs seem to have three

12H0 = 70, ΩM = 0.286, Ωvac = 0.714
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Figure 3.24: Histogram of the equivalent width of the emission assumed to be Hα
at z=0.014. The EW for blobs with BB flux below the threshold is calculated using
the BB threshold (1.5 times the noise) instead of the BB flux. The histogram is not
normalizad, so the y-axis shows the number of blobs in each bin. The histogram in
red shows the EW of the blobs with Hα flux below the threshold. The histogram in
blue shows the EW of the blobs with Hα flux above the threshold.

preferred azimuths with respect to the central galaxy. If the blobs were back-
ground sources, we would expect them to be randomly distributed showing no
preferred azimuth. If the blobs are at the redshift of the galaxy and they are
the result of an accretion process, we could expect them to be aligned in fila-
ments. This is indeed what it is observed. So one can discard that all blobs
are background sources.

Are the blobs extended objects? Most of the blobs have a size around 2.3
arcsec, the smallest being 1.83 arcsec. But we know from Appendix 3.8.4 that
the sizes are overestimated in a factor 1.6. The median FWHM of the stars
in the image is around 1.4 arcsec, therefore, objects larger than 2.24 arcsec
(0.67 kpc) are resolved and, so, extended. This overestimation factor is for
blobs at S/N = 1.5, but 66% of blobs are above this threshold in Hα. The
overestimation factor decreases with higher S/N, so the brightest blobs with
sizes below 2.24 could be resolved.

The luminosity of the blobs can be used to discriminate whether they can be
background sources. I will compare the luminosity of the blobs assuming that
they are background sources at several redshifts with the luminosity function
at those redshifts. I will assume the blobs to be CIII] emitters at redshift 2.51
or Lyα emitters at redshift 4.51. I will check whether the number of blobs
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predicted by the luminosity function is smaller than the number of detected
blobs, which means that the hypothesis of the blobs being emitters at those
redshift is not correct.

In order to compare with the luminosity function, the completeness of the
sample needs to be calculated. The standard procedure to estimate the com-
pleteness of the sample is to insert in the image a mock catalogue of objects
at different luminosities and study the recovery fraction at each luminosity bin
(Blanton et al. 2005; Sobral et al. 2013). We will do a simpler approach, which
assumes that the blobs follow a Schechter function. We plot the logarithm of
the cumulative number of blobs with luminosity higher than the luminosity bin.
In the range of luminosity that we are considering, the cumulative distribution
can be approximated by the exponential term of the Schechter function. When
our data deviates from this behaviour is when we start to miss objects. The
90% completeness luminosity is the luminosity at which we detect the 90% of
the objects predicted by the exponential term of the Schechter function. As we
do not do the completeness correction, we separate the blobs above and below
this threshold, and calculate a luminosity function for each set.

Then, the luminosity function is calculated by dividing the luminosity range
in bins and counting the number of blobs in each bin, normalized by the width
of the luminosity bin and the volume sampled by the MB filter. The volume
is the FOV of the mosaic multiplied by the range in redshift covered by the
filter at redshift 2.51 and 4.51. This method is similar to the V/Vmax estimator
(Avni & Bahcall 1980), without the completeness correction.

Figure 3.25 shows the luminosity function of the blobs assuming that all of
them are background sources at redshift 2.51. The luminosity function of CIII]
emitters at redshift ∼ 1.05 is presented as comparison (Stroe et al. 2017). It is
not expected much variation in the luminosity function between those redshifts.
Although the red points should be corrected for the completeness of the sample,
it is clear that it is very unlikely that the blobs are CIII] emiters, as the blue
points are far above the luminosity function from Stroe et al. (2017).

Figure 3.26 shows the luminosity function of the blobs assuming that all of
them are background sources at redshift 4.51. The luminosity function of Lyα
emitters at several redshifts are presented as comparison: Herenz et al. (2019)
at redshift 3 < z < 6, Drake et al. (2017) at redshift 2.91 < z < 6.64, Zheng
et al. (2013) at redshift z ∼ 4.5, and Dawson et al. (2007) at redshift z ∼ 4.5.

The LF of Zheng et al. (2013) and Dawson et al. (2007) are clearly below
the blue points. The points of Drake et al. (2017) and Herenz et al. (2019) are
at the level of our data, considering the span of the errorbars. It is not clear
whether some blobs could Lyα emitters; it depends of the LF I compare them
with.
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Figure 3.25: The CIII] luminosity function under the assumption that all the blobs
are CIII] emitters at redshift 2.51. The blue points are the blobs with luminosity
higher than the luminosity at 90% completeness. The red points correspond to the
blobs with luminosity lower than the luminosity at 90% completeness. The errorbar
along the x-axis gives the range of the luminosity bin and the errorbar along the y-axis
is the Poissonian error from the number of blobs in each luminosity bin. The blue
vertical line is the luminosity at 90% completeness. The black dots and the black line
are the luminosity function of CIII] emitters at redshift ∼ 1.05 from the work of Stroe
et al. (2017). The black line is the Schechter fit to the black dots.

In short, I can not discard that some of the detected emission line blobs are
background sources. However, there are good arguments to support that many
of them belong to the CGM of UM260.
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Figure 3.26: The Lyα luminosity function under the assumption that all the blobs are
Lyα emitters at redshift 4.51. The blue points are the blobs with luminosity higher
than the luminosity at 90% completeness. The red points correspond to the blobs
with luminosity lower than the luminosity at 90% completeness. The errorbar along
the x-axis gives the range of the luminosity bin and the errorbar along the y-axis
is the Poissonian error from the number of blobs in each luminosity bin. The blue
vertical line is the luminosity at 90% completeness. The other symbols and lines are
taken from the literature and shown here for reference. Symbols are observed points
whereas lines correspond to fits of observed points to a Schechter function. The black
line and blacks dots are the luminosity function of Lyα at 3 < z < 6 from Herenz
et al. (2019). The grey dots are the luminosity function of Lyα at 2.91 < z < 6.64
from Drake et al. (2017). The orange line corresponds to the luminosity function of
Lyα at redshift z ∼ 4.5 from Zheng et al. (2013). The purple line corresponds to the
luminosity function of Lyα at redshift z ∼ 4.5 from Dawson et al. (2007).
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3.7 Conclusions

In this Chapter, I presented a proof-of-concept observation to detect faint Hα
emission around an XMP galaxy (UM 260) using deep images taken with the
10-m GTC telescope. The images were obtained with two filters: one broad-
band (BB) filter for the continuum and one medium-band (MB) filter for the
Hα emission at the redshift of the target galaxy. The observing strategy and
the reduction process were aimed at minimising the noise of the sky residual,
which is the main limiting factor in the detection of faint sources. The key
elements to achieve this goal are a combination of dithering and rotation of the
FOV to map the sky around the target and avoid systematics in the camera
and telescope; and the alternation of the filters in the acquisition of the images,
to reduce the effect of the variation of the sky along the observing campaign. In
the data reduction, systematics are reduced by the careful construction of the
flat, the sky subtraction, and the combination of the images. The sky emission
impacts in different ways to the two filters and has to be taken into account
in the reduction process. The final image reach a magnitude limit of 28.8 mag
arcsec2 in the BB filter and 28.2 mag arcsec2 in the MB filter (3σ, 10 arcsec
box).

In order to detect emission line-dominated objects, I analyse the mMB−mBB

color image with a threshold to discard stars. With this procedure, I detect
emission line-dominated objects all around the FOV, whose presence have been
confirmed using independent detection methods. A total of 96 blobs were
identified, of which 63 (66%) have a reliable detection in Hα. The measured
line emission flux of the blobs is around 10−17 erg/s/cm2. The size of the blobs
range between 0.5 − 0.8 kpc. Although the size of blobs with low signal to
noise ratio are overestimated, it seems that most of the blobs are resolved. If
we consider that the emission is not Hα at the redshift of UM260 but instead
bluer emission lines at higher redshifts, the sizes increases up to 11 kpc at z=0.3
and 19 kpc at z=2.5, for example. These sizes correspond to large galaxies,
which are rarer as one goes to larger redshifts. Assuming that the detected
emission is Hα produced by recombination of H, and that the gas temperature
and density are typical of the CGM (Te ' 104 K, ne ∼ 0.01 cm−3), I obtain
gas masses for the emitting clumps around 106 M�. No evident correlation
was found between the mass of the object and the projected distance from the
target galaxy. The distribution of the distance has two peaks at ∼ 50 and ∼ 70
kpc, with the farthest blob 120 kpc away. The comparison between the virial
radius of UM260 (around 42 kpc) with the distance between the blobs and the
target galaxy yields that some blobs may belong to the CGM of UM260, but
most of them do not. On the other hand, the distribution of the azimuth of
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the blobs is not uniform, indicating that there is a preference of the blobs to
be along certain directions with respect to the target galaxy. If all the blobs
were background sources, we would expect them to be randomly distributed
showing no preferred azimuth. From the analysis of the luminosity function,
we can discard that the blobs are CIII] emitters at redshift 2.51, however it is
not as clear in the case of Lyα at redshift 4.51. These arguments tells us that
the detected emission line blobs may belong to the CGM of UM260, and that
the possibility that some of them may be background sources can not be fully
discarded.

Apart from the emission line blobs, I also detect a low surface brightness
emission halo surrounding the target galaxy. This halo was identified first in
mMB−mBB and then analysed using surface brightness profiles in the Hα, MB
and BB images. The total flux of the halo, defined by the elliptical apertures
enclosed within 10 and 25 arcsec from the center of the galaxy, is 4.0 ± 0.7
×10−16 erg s−1 cm−2 over an area of 0.33 arcmin2. With the same assumptions
as with the blobs, the total mass of the halo is 6±1×107 M�. The mass of the
halo has the same order of magnitude as the total stellar mass of the galaxy
and about ten times smaller than the gas mass inferred from HI.

As future work, we will make a spectroscopic follow up of the extended
emission and the emission line blobs. These observations will allow us to con-
firm the existence of diffuse line emission around UM260, to infer the redshift
of such emission, and to constraint the physical properties of emitting gas. We
can infer the kinematics from the brightest emission line and the metallicity
from line ratios. This is part of an ongoing project that will sample more XMP
galaxies selected in Appendix A .
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3.8 Appendixes

3.8.1 Integration times for an optimal photon-noise limited signal-
to-noise ratio

The emission of the sky at a good astronomical site, including the Observatorio
del Roque de los Muchachos (ORM), is of the order of 21 mag arcsec−2 at

around 6000
◦
A (e.g., Benn & Ellison 1998; Pedani 2004). Thus, removing sky

emission is mandatory to go deep. However, the photon noise introduced by the
sky emission cannot be removed, and this noise provides the ultimate limiting
factor of any deep observation.

Typically, the sky emission is removed by subtracting two images (or spec-
tra) taken quasi-simultaneously, one including the target13 (T ) and another
reference image without it (R),

T = (W +A) τT ∆λTβT , (3.18)

R = (C +A) τR ∆λRβR.

The contribution of the sky A goes away from the observed image, O, when it
is defined as,

O = T − αR = (W − C) τT ∆λTβT , (3.19)

provided the scaling factor is chosen as,

α =
τT ∆λTβT
τR∆λRβR

. (3.20)

The symbols in Eq. (3.18) stand for the target emission per unit wavelength
and time, W , the sky emission per unit wavelength and time, A, the emission
in the reference field which is not associated with the sky, C, the integration
time on target, τT , the integration times on the reference field, τR, the width of
the color filter used for the target, ∆λT , and the width of the color filter used
for the reference field, ∆λR. The filters used on target and on reference have
peak transmissions of βT and βR, respectively.

Assuming the noise to be dominated by the sky emission photon noise, the
signal to noise ratio of the observation is given by,

S/N =
O

σO
= S/Nτ

[ f

(1 + f)(1 + gf)

]1/2
, (3.21)

with σO representing the noise in O,

τ = τT + τR,

13Keep in mind that this appendix is self contained and so follows its own notation.
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f = τT /τR,

g = ∆λTβT /(∆λRβR).

and

S/Nτ =
(W − C)∆λTβT τ√

A∆λTβT τ
. (3.22)

The symbol S/Nτ stands for the S/N to be obtained if the sky emission just
produces noise but does not contaminate the signals, and if all the observing
time τ is employed on target. In other words, S/Nτ is the S/N provided by
the exposure time calculator (ETC) of an instrument once the magnitude of
the source and the integration time are set.

The question arises as how to maximize S/N given the constrains produced
by the observational setup (i.e., ∆λT , βT ,∆λR, βR), and once the total integra-
tion time τ is fixed. The only degree of freedom left is f , i.e., the ratio between
the integration times on target and at the reference. This is obtained finding
the solution for d(S/N)/df = 0, which renders

f = 1/
√
g or equivalenty,

τT
τR

=
(∆λRβR

∆λTβT

)1/2
, (3.23)

with the maximum S/N , S/Nmax, given by

S/Nmax =
S/Nτ

1 + τR/τT
. (3.24)

In short, once g is set, the largest S/N is produced for τT /τR given by Eq. (3.23).
In our particular case, T and R correspond to the images with a medium-

band filter (MB) and a broad-band filter (BB) around the Hα line, respec-
tively. We use the r SDSS filter for BB, and a SHARDS filter for MB (Pérez-

González et al. 2013), which approximately have widths of ∆λR ∼ 1500
◦
A and

∆λT ∼ 150
◦
A, respectively. Assuming that the peak transmission in both fil-

ters is similar (βT ∼ βR), then the optimum ratio of integration times given by
Eq. (3.23) is,

τT
τR
'
√

10 ' 3.3, (3.25)

which yields a S/N not far from the ideal case of using all the time to integrate
in the MB,

S/Nmax ' 0.77S/Nτ . (3.26)

Thus, in our observations, the total exposure time is split in a ratio 1/3 in
order to maximize the signal to noise ratio in the image difference between the
two filters.
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3.8.2 Noise in an aperture

The purpose of this appendix is to describe the derivation of the noise in a given
aperture of arbitrary size from the noise per pixel in the images. The units of
the calibrated images are erg s−1 cm−2 ◦

A−1 pix−1, as set in the photometric
calibration. The symbol Ii is used to denote the value of the image in these
units in the i-th pixel. In the following equations, it is assumed to have a noise,
with a standard deviation σi.

The noise measured in square boxes of side 1 arcsec is defined to be σ′′1 . As
explained in Section 3.3.3, to calculate the limiting magnitude of the image we
place square boxes of area 1 arcsec2 in sky only regions. Then, the total flux
inside them is calculated and divided by the total surface of the box in arcsec2,
(i.e., 1 arcsec2). The limiting magnitude is set by the standard deviation of the
surface brightness considering all the boxes. This limiting value corresponding
to a 1 arcsec aperture can be scaled to any other aperture size as explained
below.

The mean flux in the 1 arcsec aperture is defined as,

Ii =

∑1′′

i Ii∑1′′

i 1
, (3.27)

where Ii is the flux in every pixel,
∑1′′

i the sum over all pixels in the aperture of
size 1 arcsec2, so equal to N1′′ the number of pixels in the aperture. Applying
the equation of propagation of errors to Eq. (3.27), the standard deviation
of the mean flux in an aperture of 1 arcsec2 (σIi) is related to the standard
deviation in every pixel (σi) as,

σ2
Ii

=
1′′∑
i

(
σ2
i /N

2
1′′
)

=
(
σ2
i /N

2
1′′
) 1′′∑

i

1 =
(
σ2
i /N

2
1′′
)
N1′′ = σ2

i /N1′′ , (3.28)

where we have assumed that the standard deviation of the noise of Ii (σi) is
constant within the 1 arcsec aperture. Thus,

σIi = σi/
√
N1′′ . (3.29)

We want to express the signal in units of erg s−1 cm−2 ◦
A−1 arcsec−2, so

we divide the flux in a pixel by its surface, i.e., Si = Ii/∆x
2 where ∆x2 is the

area of a pixel: 0.252 arcsec2. With the previous equations, the average surface
brightness in the aperture is,

Si =
1

N1′′

1′′∑
i

Ii/∆x
2 =

1

∆x2N1′′

1′′∑
i

Ii, (3.30)
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and its variance is given by:

σ2
Si

=
1

∆x4N2
1′′

1′′∑
i

σ2
i =

σ2
i

∆x4N1′′
(3.31)

The symbol σ1′′ was defined as the variance of the fluctuations of the sky in an
aperture of 1 arcsec2, and is given by the square root of the previous equation,

σ1′′ ≡ σSi =
σi

∆x2
√
N1′′

, (3.32)

and using Eq. (3.29), it is also,

σ1′′ = σIi
1

∆x2
. (3.33)

We will use the previous equations to calculate the standard deviation of the
surface brightness of the sky over apertures of different sizes. This is needed
to quantify the uncertainties in the photometry. The signal integrated in an
aperture of size A, which has units of erg s−1 cm−2 ◦

A−1 pix−1, is,

S =

A∑
i

Ii, (3.34)

where the sum
∑A

i is extended to the full aperture, and so
∑A

i 1 = NA, the
number of original pixels in the aperture. The propagation of error leads to,

σ2
S = NAσ

2
i → σS =

√
NA σi. (3.35)

Inserting σi from Eq. (3.32),

σS =
√
NA σ1′′ ∆x2

√
N1′′ , (3.36)

and then using Eq. (3.33),

σS =
√
NA σIi

√
N1′′ . (3.37)

This expression becomes more compact when expressed in terms of the fluctu-
ations of the mean surface brightness averaged over the aperture,

SA =
1∑A
i 1

A∑
i

Ii/∆x
2, (3.38)
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and

σ2
A =

1

∆x4N2
A

A∑
i

σ2
i =

1

∆x4N2
A

σ2
i NA =

σ2
i

∆x4NA
, (3.39)

σA =
σi

∆x2
√
NA

(3.40)

Combining Eq. (3.35) and (3.40) one finds,

σS =
√
NA σA

√
NA ∆x2 = σA ∆x2 NA. (3.41)

Equation (3.41) gives the standard deviation of the noise integrated in an aper-
ture of area A (σS), from the standard deviation of the surface brightness
fluctuations (σA) in apertures of the same size. It is the equation we use in
Section 3.4.3 for the uncertainties in the photometry and the flux threshold.

3.8.3 Detection limit of NoiseChisel

NoiseChisel (Akhlaghi & Ichikawa 2015) is a program designed to detect low
surface brightness objects, so I used it as a independent check to confirm the
presence of the emission line blobs. To that end, we tested the detection limit
and compare it with the standard limit in SExtractor (Bertin & Arnouts 1996).
The test described in this Appendix is complementary to the published tests
in (Akhlaghi & Ichikawa 2015) and was suggested by the author M. Akhlaghi
(private communication).

The tests were carried out with mock images made out of a disk plus noise.
The noise is gaussian distributed with mean 0 and standard deviation 1. The
signal to noise ratio is varied changing the amplitude of the signal in the disk.
The diameter of the disk is 40 pixels, which approximately corresponds to
the size of the target galaxy UM260 (plate scale 0.25 arcsec/pix). We made
different images decreasing the signal of the circle compared to the sky noise.
We repeated the test with different image sizes, which only enlarges the size of
the noise region, providing better statistics for the noise.

Figure 3.27 shows the fraction of the disk recovered by NoiseChisel as a
function of the signal to noise ratio, given by the amplitude of the disk since
the noise always has standard deviation of one. Figure 3.27 shows that part
of the object starts to be missed when S/N < 0.4. Half of the true area is
detected when S/N goes from 0.15 to 0.25 depending on the image sizes. What
is important in this context is the fact that NoiseChisel performs well at a S/N
below the lowest recommended detection threshold of SExtractor (Bertin &
Arnouts 1996), which is S/N = 1 (Holwerda 2005).
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Figure 3.27: Detection limit of NoiseChisel. It shows the percentage of surface of the
disk in the mock image recovered by the program at various S/N. Each line corresponds
to different image sizes; the value given in the legend is the number of pixels along one
side of the test image.

3.8.4 Overestimation of the blob sizes

Noise in the images artificially increases the estimated sizes. I made some tests
to calculate the uncertainties produced by this effect. First, I added noise to
a 2D gaussian profile that simulates the object. Then we employ the same
equations used to estimate sizes in the main text with these fake noisy objects.
The noise always has the same characteristics; it is drawn from a gaussian
distribution of mean 0 and standard deviation 1. The object is symmetric and
its amplitude increases in each iteration. Three different values are used for
the width of the object; FWHM of 1.18, 2.35 and 3.53 arcsec. The original
image size of 14 × 14 pixels (is equal to the diameter of the aperture for the
photometry), but I also use 20× 20 pixels and 28× 28 pixels (side of 3.5, 5 and
7 arcsec respectively). Noise creates pixels with negative flux. They were set
to zero to avoid problems in the computation of the barycenter, which assumes
the signal to be positive. The image of a simulated object is given in Fig. 3.28.

I use the same equations described in Sect. 3.4.3 to calculate the size and the
photometric noise of the fake object. Figure 3.29 shows the dependence for the
inferred size and the signal to noise ratio of the fake object. The figure shows
that the size of a blob is overestimated at low signal to noise ratio, meanwhile
at high signal the true size is recovered. The smallest size that can be measured
is limited by the size of the pixel. The largest size is set by size of the image.
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Figure 3.28: Image of the simulated object. The units of the horizontal and vertical
axis are arcsec from the barycenter. The black ellipse is drawn with the parameters A
and B described in Eqs. (3.15) and (3.16). The size of this image is 3.5 × 3.5 arcsec2

with the FWHM of the simulated object set to 1.18 arcsec.

When the size of the simulated object gets closer to the size of the image, we do
not recover the FWHM of the 2D gaussian in the model because the gaussian
is severely truncated, but the measured size is actually correct.

(a) (b)

Figure 3.29: Variation of the measured size with the signal to noise ratio (S/N) of the
fake object. The measured size is normalized to the value in the limit of high signal to
noise. The points represent the measured size calculated using different second order
moments: along the x-axis (blue), the y-axis (yellow), the major axis (green), and
the minor axis of the ellipse (red). As the simulated object is symmetric, these four
values should be equal, as it can be seen in the figure at high S/N. At low S/N, the
noise introduces some eccentricity, making these values different. This simulation was
carried out on an image of 7× 7 arcsec2 with the FWHM of the simulated object set
to (a) 1.18 arcsec and (b) 2.35 arcsec. It can be seen how the overestimation drops as
the size of the simulated object increases.
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(a) (b)

Figure 3.30: Similar to Fig. 3.29. In this case the FWHM of the simulated object is
1.18 arcsec with the size of the image set to (a) 5 × 5 arcsec2 and (b) 7 × 7 arcsec2 .
The overestimation increases with the size of the image.

When we enlarge the size of the simulated object, keeping the size of the
image constant, the size converges faster to the high signal to noise limit, so the
overestimation is reduced. This happens in all image sizes. This can be seen
comparing Figures 3.29a and 3.29b. Enlarging the size of the image, keeping
the size of the simulated object constant, the overestimation at low signal to
noise ratio increases. At every signal to noise ratio, the larger the image size
the larger the overestimation. This can be seen in Figures 3.30a and 3.30b.

All of these simulations tell us that the overestimation is reduced using
smaller apertures, so, we use the 3.5 × 3.5 arcsec2 box when measuring blob
sizes in real images. For this aperture, the overestimation factor is around 1.6,
considering the signal to noise ratio of 1.5 that we use in the observed Hα
images (see Fig. 3.31).
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Figure 3.31: Similar to Fig. 3.29. In this case the FWHM of the simulated object is
1.4 arcsec (FWHM of stars in MB image) with the size of the image set to 3.5 × 3.5
arcsec2. At super-low signal to noise ratio, the overestimation of the measured sizes is
around 2. At S/N=1.5, it is about 1.6, which is the bias to be expected in the real Hα
observation.



4
An XMP host galaxy: the high

gas-phase metallicity of the
ultra-diffuse galaxy UGC 21621

4.1 Scientific rationale

In previous chapters we have discussed the properties of XMP galaxies, mainly
focusing on the star forming region of the galaxy, but what can we say about
the rest of the galaxy? The galaxies hosting the XMP starburst are low surface
brightness galaxies with a metallicity around half the solar metallicity (Zg ∼
Z�/2; Sánchez Almeida et al. 2015). We will call them host galaxies. Since the
gas accretion process is stochastic, there should be galaxies with the properties
of the host galaxies, i.e., relatively high metallicity for their mass, low surface
brightness, and without the bright low metallicity star-forming region (i.e.,
XMP host galaxies). However, such galaxies have not been identified before.
Low surface brightness galaxies are also faint galaxies (e.g., Skillman 1999)
which, according to the luminosity–metallicity relation (e.g., Berg et al. 2012),
are metal poor. Actually, a few known low surface brightness dwarf galaxies
with mean metallicity determined through the direct-method (DM; details in
Sect. 4.2.2) seem to be XMP (e.g., Leo P by Skillman et al. 2013; Leoncino
Dwarf by Hirschauer et al. 2016; and Little Cub by Hsyu et al. 2017).

UGC 2162 may be an exception compared to these low surface brightness

1This work partly appeared in Sanchez Almeida, Olmo-Garcia et al. (2018b)
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dwarf galaxies with known metallicity, and so, it may be the sought-after XMP
host galaxy that provides support to the whole picture. It may be one of the
expected host galaxies, without a metal-poor starburst. It has been recently
identified as a nearby low-mass UDG2 by Trujillo et al. (2017), with M? '
2 × 107M�,MHI/M? ' 10, and Mdyn/M? ' 200 (M?, MHI, and Mdym stand
for the stellar mass, the HI mass, and the dynamical mass, respectively). With
an effective radius of 1.7 kpc, its g-band central surface brightness is 24.4
mag arcsec−2. The galaxy is irregular with several bluish star-forming knots
(Fig. 4.1). UGC 2162 belongs to the group of M77, even though it is quite far
from the central galaxy (293±40 kpc projected distance; Trujillo et al. 2017).
One of these knots has a spectrum in the Sloan Digital Sky Survey Data (SDSS-

Figure 4.1: Composite image of UGC 2162 in g, r, and i from the IAC Stripe 82
Legacy Project (Fliri & Trujillo 2016). The white ticks indicate the location of the two
star-forming regions mentioned in the main text, with their spectra shown in Figs. 4.2
and 4.3. The orientation of the spectrograph slit during GTC observations is shown
in red. A 30 arcsec scale has been included for reference. North (N) and east (E) are
also indicated. This image has been tweaked to appear brighter and be seen clearly in
the printed version.

2The term UDG (Ultra Diffuse Galaxy) was recently introduced by van Dokkum et al.
(2015), and it quickly became widely used in the literature despite the fact it describes galax-
ies which were already known as low surface brightness dwarf ellipticals or dwarf irregulars,
depending on whether they reside in clusters or the field (e.g., Impey & Bothun 1997; Dalcan-
ton et al. 1997; Conselice 2018). We have decided to stick to the now popular terminology,
acknowledging that the word UDG could be replaced throughout the text with low surface
brightness dwarf irregular without altering the content of the chapter.
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DR12, Alam et al. 2015). Using the line ratio N2 ([NII]λ6583/Hα) derived from
the SDSS spectrum, and the calibration by Pettini & Pagel (2004), Trujillo
et al. (2017) estimate an oxygen abundance for the star-forming ionized gas of
12+log(O/H) = 8.22±0.07, which corresponds to 1/3 of the solar abundance3.
If this metallicity estimate is correct, the gas of UGC 2162 is of high metallicity
for its mass and magnitude, in the vein expected for the galaxies that, when
hosting a metal-poor starburst, give rise to the observed XMP galaxies4.

4000 4500 5000 5500 6000 6500
Wavelength (Å)

0.0

0.5

1.0

1.5

2.0

2.5

3.0

3.5

4.0

10
17

er
gs

1
cm

2
Å

1

[OII] 3727

H

[OIII] 4363

[OIII] 5007

H

H + [NII]6583

[SII]6717,6737

Figure 4.2: GTC spectrum corresponding to the brightest knot of UGC 2162 (the
southmost in Fig. 4.1). The position of the main emission lines used to estimate
the metallicity are labeled, including [OIII]λ4363, even though is below the detection
threshold. Hγ is also labeled for clarity to avoid confusion with [OIII]λ4363.

The reported high metallicity of UGC 2162 rests only on the low signal-
to-noise ratio (S/N) SDSS spectrum, and on the estimate of its metallicity
using N2. Due to the importance of the gas-phase metallicity of this particular
galaxy, we obtained long-slit spectra of UGC 2162 with the 10-m GTC tele-
scope, with enough wavelength coverage and S/N to carry out an independent
robust determination of the gas-phase metallicity. The analysis of these spectra
confirms the high metallicity of the star-forming gas in UGC 2162 (Sect. 4.2).

3With 12 + log(O/H)� = 8.69, from Asplund et al. (2009).
4As I did throughout the thesis, I use the term XMP galaxy to denote a host galaxy plus

one or a few metal-poor starbursts which outshine the emission line spectrum of the host, so
that the light-weighted average metallicity of the combined system is smaller than a tenth of
the solar metallicity.
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The purpose of this chapter is to present this determination, and to show that
UGC 2162 shares many properties in common with those expected for the host
galaxies having XMP star-forming regions (Sect. 4.3). There seem to be a few
other objects in the literature with the characteristics of UGC 2162. Discussions
are included in Sect. 4.4.

4.2 Observations and metallicity determination

4.2.1 Observations

We obtained long-slit spectra of UGC 2162 integrating for 2 hours with the
instrument OSIRIS at the 10-m GTC telescope5. The 1 arcsec wide slit was
placed as shown in Fig. 4.1, inclined with respect to the major axis so as to
cover the two main star-forming regions of the galaxy and the diffuse emission
around them. The resulting visible spectra span from 3600 to 7200

◦
A with a

spectral resolution around 550, thus covering the wavelength range containing
[OII]λ3727 and the temperature sensitive line [OIII]λ4363. The raw data were
reduced following the usual procedure which includes correction for bias and
flat-field, and flux and wavelength calibration. We employ PyRAF6 for the task.
Figure 4.2 shows one of the resulting spectra, corresponding to the brightest
knot of the galaxy (the southmost in Fig. 4.1). The slit was not oriented along
the parallactic angle, however, differential refraction is not an issue since the
airmass of observation is low (< 1.2), and the residual effect is corrected for
by the flux calibration.

4.2.2 Metallicity determination

The DM is the method of reference to measure metallicities when all the re-
quired emission lines are available (e.g., Stasińska 2004; Pérez-Montero 2017).
It obtains the physical properties of the emitting gas from the same spec-
trum used to determine the metallicity, minimizing the model dependence
of the result. In the case of the oxygen abundance, the emission-line ratio
[OIII]λ4363/[OIII]λ5007 is needed to determine the electron temperature of
the nebulae and so to determine the oxygen abundance using the DM (e.g.,
Osterbrock 1974; Pérez-Montero 2017). As it happened with the SDSS spec-
trum analyzed by Trujillo et al. (2017), [OIII]λ4363 does not show up above
the noise level even in the GTC spectra. The 2D spectrum around [OIII]λ4363

5http://www.gtc.iac.es/instruments/osiris/osiris.php
6PyRAF is a product of the Space Telescope Science Institute, which is operated by AURA

for NASA http://www.stsci.edu/institute/software hardware/pyraf/
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is shown in Fig. 4.3a. [OIII]λ4363 is prominent in low metallicity HII regions
(e.g., Ly et al. 2015; Sánchez Almeida et al. 2016) and so the non-detection
already suggests the high metallicity of the gas in the galaxy. On the other
hand, the non-detection implies that we cannot use the DM to infer the gas-
phase metallicity. We employ the code HII-CHI-mistry (HCm) to determine
O/H. HCm compares the observed emission line fluxes of a selected number
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Figure 4.3: (a) Image with the part of the 2D spectrum which should contain
[OIII]λ4363. The horizontal and the vertical directions correspond to wavelength and
position along the slit, respectively. The color palette goes from dark blue to yellow

from low to high signal. Hγ, at 4340
◦
A shows up clearly. However, any possible sig-

nal of [OIII]λ4363 is buried within the noise level. (b) Same as (a) for the spectral
region around Hα. The faint [NII]λ6583 is barely visible in the red wing of Hα. (c)
Fit with two Gaussians and a continuum to the spectral region around [OIII]λ4363.
The observed spatially integrated spectrum of the galaxy is presented as solid symbols
whereas the red and the yellow lines stand for the full fit and the continuum, respec-
tively. (d) Same as (c) for the spectral region around Hα. [NII]λ6583 stands out above
the noise level.
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of lines with a grid of photoionization models, finding the best fit through
a least-squares minimization algorithm (Pérez-Montero 2014). In principle,
HCm employs the fluxes of [OII]λ3727, [OIII]λ4363, [OIII]λ5007, [NII]λ6583,
and [SII]λλ6717,6737, relative to Hβ and corrected for reddening. However,
HCm was chosen because it can be used without [OIII]λ4363, and it is robust
in the sense of being equivalent to the direct method when [OIII]λ4363 is avail-
able (Pérez-Montero 2014; Sánchez Almeida et al. 2016; Calabrò et al. 2017).
The fluxes of the required emission lines were obtained fitting a Gaussian plus
a linear continuum to each emission line. In the case of two overlapping lines,
the two Gaussians were fitted simultaneously. Examples are given in Figs. 4.3c
and 4.3d. Dust extinction was considered and corrected for following the usual
approach of assuming a Milky Way extinction law (Cardelli et al. 1989), with
the ratio between Hα and Hβ given by the case B recombination at high elec-
tron temperatures in HII regions (i.e., 2.76; Osterbrock 1974). The flux ratios
thus obtained are collected in Table 4.1, with the corresponding oxygen abun-
dances given in Table 4.2, column 1. The four rows correspond to four different
spatial averages of the observed long-slit spectrum: the full galaxy, two bright
points, and the diffuse component. In terms of the distances represented in
Fig. 4.3a, the full galaxy considers the average spectrum from −21′′ to +1′′,
the first bright point from −19′′ to −15′′, the second bright point from −8′′

to −3′′, and the diffuse component from −15′′ to −6′′ (see also the ticks in
Fig. 4.1). Thus the spectra of the two bright points and the diffuse compo-
nent come from different parts of UGC 2162, whereas the full galaxy spectrum
basically averages out the three of them. In all four cases the metallicity is
relatively high, with 12 + log(O/H) between 8.3 and 8.7 (Table 4.2, column 1).
This range of values is within the error bar of the measurement, as we discuss
in the next paragraph.

HCm provides formal error bars from the difference between the observed
fluxes and those provided by the photoionization models. They are rather small

Table 4.1: Emission line flux ratios used in the metallicity determination.

Component [OII]λ3727 [OIII]λ4363 [OIII]λ5007 [NII]λ6583 [SII]λλ6717,6737

Full Galaxy 2.35± 0.17 < 0.04 1.61± 0.05 0.17± 0.05 0.94± 0.05
1st Bright Point 1.91± 0.14 < 0.02 2.11± 0.07 0.09± 0.05 0.43± 0.05
2nd Bright Point 2.29± 0.20 < 0.05 1.50± 0.05 0.11± 0.05 0.92± 0.05
Diffuse Emission 2.89± 0.37 < 0.05 0.99± 0.05 0.13± 0.06 0.96± 0.05

Note — The dimensionless flux ratios are relative to Hβ and corrected for reddening assuming
Hα/Hβ = 2.76. Error bars are statistical errors inferred from fitting the observed emission lines
to Gaussian functions.
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Table 4.2: Different estimates of 12 + log(O/H) in UGC 2162.

HCm HCm Direct Method N2-based N2-based
Component No [OIII]λ4363 Monte Carlo Monte Carlo GTC SDSS

(1) (2) (3) (4) (5)

Full Galaxy 8.38 ± 0.06 . . . . . . 8.12 ± 0.11 8.22 ± 0.07

1st Bright Point 8.29 ± 0.08 8.52+0.27
−0.24 8.22+0.39

−0.18 8.05 ± 0.14 . . .

2nd Bright Point 8.40 ± 0.06 . . . . . . 8.11 ± 0.10 . . .
Diffuse Emission 8.70 ± 0.02 . . . . . . 8.14 ± 0.12 . . .

Note — (1) Values with the formal error bars provided by HCm.
(2) Monte-Carlo simulation assuming the [OIII]λ4363 flux randomly distributed with values
below the observed noise. The table lists the median and the 1-σ error bar of the resulting
distribution, with the error given by the values between percentiles 15.9 % and 84.1 %.
(3) Same as (2) for metallicities based on the DM.
(4) Based on the index N2, with the same calibration employed by Trujillo et al. (2017).
(5) As given by Trujillo et al. (2017).

(< 0.1 dex; see Table 4.2), and do not include the uncertainty associated with
the non-detection of [OIII]λ4363. In order to be conservative and include this
other source of error, we developed an alternative way to evaluate the error bars
of the measured abundances. We carried out a Monte-Carlo simulation where
[OIII]λ4363 was assumed to have a flux smaller than the upper limit set by
the noise of the GTC spectra. Specifically, we assume [OIII]λ4363 to be drawn
from a uniform distribution consistent with the noise in the observation, with
values going from zero to the value set by the Gaussian function fit to the noise
shown in Fig. 4.3c. We drew 1000 random values, from which we compute the
median and the 1-σ error bar (i.e., the range of values in between percentiles
15.9 % and 84.1 %). The result for the brightest point is given in Table 4.2,
column 2. The measurement, along with its error bar, provides the range of
values of 12 + log(O/H) consistent with the noise level of the GTC spectra.
The range is consistent with the value inferred from a single application of
HCm, except that the error bars are significantly larger. We repeated the
same exercise with the metallicities inferred applying the DM7. The result is
given in Table 4.2, column 3. Once again, the result is consistent with the
high metallicity inferred by Trujillo et al. (2017) from the SDSS spectrum. In
the case of Trujillo et al. (2017), they used the line ratio N2 ([NII]λ6583/Hα)
to estimate 12 + log(O/H) as calibrated by Pettini & Pagel (2004). We have
repeated the same exercise with the GTC spectra, and the metallicities inferred
from N2 also agree: compare the N2-based metallicity from the full galaxy GTC
spectra, Table 4.2 column 4, with the metallicity worked out in Trujillo et al.
(2017), Table 4.2 column 5. One final comment is in order. Note that the

7We followed the step-by-step prescription described by Pérez-Montero (2017).
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metallicity estimated for the diffuse component using HCm differs by 0.4 dex
from the metallicity of the brightest star-forming knot (Table 4.2, column 1).
In view of the error bars inferred from the Monte-Carlo simulation, we do not
consider this difference to be significant, and our observation is consistent with
UGC 2162 having a uniform metallicity.

N/O in local galaxies increases with increasing gas phase metallicity (e.g.,
Vincenzo et al. 2016), and can be used to constrain O/H. HCm also provides
an estimate for N/O, which is consistent with O/H if UGC 2162 follows the
trend observed in local galaxies (e.g., Vincenzo et al. 2016). The 1st bright
point turns out to have log(N/O) = −1.67± 0.03, or −1.52± 0.08 if the Monte
Carlo simulation is considered. These values correspond to 12+log(O/H) < 8.5
(e.g., Fig. 1 in Vincenzo et al. 2016), and so are compatible with the other
determinations of the metallicity in UGC 2162.

4.3 Results and Implications

Figure 4.4 shows the M? versus the gas-phase metallicity relation (MZR) de-
rived for local dwarf galaxies by Berg et al. (2012, the red solid line, with the
empty circles being the original data), as well as the relation inferred for all
star-forming SDSS galaxies by Andrews & Martini (2013, the orange solid line
and shaded region). Both rely on the DM to infer 12 + log(O/H). The three
blue squares represent three different estimates of the UGC 2162 metallicity
as traced by the brightest knot, namely, the one inferred using HCm without
[OIII]λ4363, and the two Monte-Carlo based estimates using HCm and the
DM (Sect. 4.2, with the values given in Table 4.2). Thus, UGC 2162 is a high
metallicity outlier of the MZR defined by local star-forming dwarfs. We have
used M? = 2+2

−1× 107M�, which was inferred from the absolute magnitude and
color by Trujillo et al. (2017).

The fundamental metallicity relation (FMR; Ellison et al. 2008; Mannucci
et al. 2010; Lara-López et al. 2010) links the metallicity and the SFR of a
galaxy. For the same stellar mass, objects with larger SFR are also metal
poorer. Thus, according to the FMR, the section of the MZR plane occupied
by UGC 2162 corresponds to galaxies having low SFR for their mass, which
is indeed the case of UGC 2162. Objects occupying this section of the plane
appear only when the surveys are not biased toward galaxies having intense
emission lines, as it has been shown by, e.g., Calabrò et al. (2017). Low mass
galaxies are faint, therefore, good metallicities are available only for those with
the strongest emission lines, where the estimates are more precise. Thus, the
empirical MZRs are inevitably biased toward high SFR objects in a way that
depends on the galaxy luminosity, and so, on the galaxy mass. The interme-



4.3 Results and Implications 131

5.5 6.0 6.5 7.0 7.5 8.0 8.5 9.0 9.5
log(M /M )

7.2

7.4

7.6

7.8

8.0

8.2

8.4

8.6

8.8
12

+
lo

g(
O/

H)

Berg+12
Calabrò+17
Berg+12
A&M 13
Greco+18
UGC 2162

Figure 4.4: UGC 2162 in the MZR (gas-phase metallicity versus M?). The blue
square symbols correspond to three different gas-phase metallicities for the brightest
star-forming knot in UGC 2162 inferred from the GTC spectra (using HCm directly,
HCm through a Monte Carlo simulation, and the DM; see Table 4.2). For reference, the
figure includes the MZR derived for local dwarf galaxies by Berg et al. (2012, the red
solid line, with the empty circles being the original data), as well as the relation inferred
for all star-forming SDSS galaxies by Andrews & Martini (2013, the orange solid line,
with the shaded region representing the 1σ dispersion). Other objects occupying the
same region as UGC 2162 are also shown (green stars, Calabrò et al. 2017, and magenta
squares, Greco et al. 2018).

diate redshift galaxies studied by Calabrò et al. (2017, with 0.13 < redshift
< 0.88) have been included in Fig. 4.4 for illustration (the green stars). Even
if these objects are emission line galaxies, their selection criteria do not include
detecting [OIII]λ4363, and they present a large scatter in the 12 + log(O/H)
versus M? plane. Some of them overlap with the region where UGC 2162 is
located. The bias toward high SFR objects influences the current determi-
nation of the MZR, but the importance of the effect remains unclear. The
impact is expected to be more pronounced at the low-mass end, and it has to
be determined by comparison of the current estimates with new ones based
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on volume limited samples of galaxies (e.g., Sánchez-Janssen et al. 2013), or
MZRs corrected for Malmquist and surface brightness biases, as it is done when
measuring luminosity functions (e.g., Takeuchi et al. 2000; Blanton et al. 2005).

The gas-phase metallicity and the surface brightness of UGC 2162 agree
with the properties expected for the host galaxies having an XMP starburst
analyzed by Sánchez Almeida et al. (2015). Figure 4.5 shows a scatter plot
of the oxygen abundance versus surface SFR for the metal-poor star-forming
region and the host galaxy of the ten galaxies studied by Sánchez Almeida et al.
(2015). Host galaxies have high metallicity and low surface SFR compared to
the star-forming regions. UGC 2162 has been represented in Fig. 4.5 including
the three different metallicity estimates of the brightest knot and a common
surface SFR of ΣSFR = 3.4(±0.5) × 10−3 M� yr−1 kpc−2. This ΣSFR was in-
ferred by Trujillo et al. (2017) from the Hα flux of the brightest star-forming
knot through the calibration of Kennicutt (1998). An inspection of Fig. 4.5
shows that the surface SFR and the metallicity of UGC 2162 naturally fit the
values inferred for the host galaxies8. Moreover, its stellar and gas masses are
also typical of an XMP galaxy (for reference, see Filho et al. 2013). Thus,
UGC 2162 has the properties to be expected an XMP galaxy in a pre or post
starburst phase, when the bright starburst has faded away and only the host
galaxy remains. Its mere existence cleans up the difficulty posed by the lack of
host-like galaxies without starburst (Sect. 4.1).

UGC 2162 is a galaxy with high gas-phase metallicity for its mass. It is
not unique. Some of the emission line galaxies at high redshift studied by
Calabrò et al. (2017) also belong to this regime (Fig. 4.4). In addition, Greco
et al. (2018) have recently characterized two diffuse dwarf galaxies in the local
Universe similar to UGC 2162 in this respect, namely, LSBG-285 and LSBG-
750. They are low stellar mass galaxies (M? ' 2 – 3×107M�) with a gas phase
metallicity around 1/2 solar, which makes them high-metallicity outliers of the
gas-phase MZR (the magenta squares in Fig. 4.4). These two objects have their
stellar metallicity (Z?) estimated from the continuum emission. Although with
large uncertainty, Z? is estimated to be low, between 3 % and 10 % of the solar
metallicity. What is expected if the stars were produced during past starbursts

8UGC 2162 is represented in Fig. 4.5 through the metallicity and surface SFR of the 1st
bright point. The metallicity inferred for the diffuse component of the galaxy is somewhat
larger (∼ 0.4 dex; Table 4.2, column 1), but this diffuse component also has a significantly
smaller ΣSFR (∼ 1/3, attending to the ratio of Hα fluxes). Thus, we note that even the two
components of UGC 2162 (diffuse and bright point) seem to follow the global trend in Fig. 4.5,
where metallicity increases with decreasing ΣSFR. However, we are reluctant to over-interpret
this result since the difference in metallicity between diffuse component and bright point may
not be significant according to the error budget worked out in Sect. 4.2.2.
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Figure 4.5: Oxygen abundance versus surface SFR for the bright star-forming region
(circles) and the host galaxy (stars) of the objects analyzed by Sánchez Almeida et al.
(2015). Host galaxies have high metallicity and low surface SFR compared to the
starbursts. UGC 2162 is also shown as the blue squares, and it appears in the realm
of the host galaxies. (We show the same three estimates included in Fig. 4.4, with the
surface SFR taken from Trujillo et al. 2017.) The solid line has been included to guide
the eye, and it traces the open-box evolution of the starburst shown as a red bullet,
that moves from right to left along the line while SF consumes gas and produces metals
(details are given in Sánchez Almeida et al. 2015).

feeding from metal-poor gas. Other works also show high metallicity outliers
of the MZR, e.g., Peeples et al. (2008, in the local Universe) and Zahid et al.
(2012, at redshift < 0.4).

4.4 Discussion and Conclusions

Using spectra from the 10-m GTC telescope, we confirm the relatively high
metallicity of the ionized gas forming stars in the UDG UGC 2162 (Sect. 4.2
and Table 4.2). This result together with its low stellar mass make UGC 2162
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a high metallicity outlier of the MZR (Fig. 4.4). Its surface SFR is also low, so
that UGC 2162 seems to have all the properties characterizing the host galax-
ies associated with the XMP galaxies (Sects. 4.1 and 4.3). XMP galaxies have
a low light-weighted mean metallicity (Zg < Z�/10) which, however, is often
not uniform. The metallicity is low only in the young off-center bright star-
burst that often gives XMP galaxies their characteristic tadpole morphology
(see Sect. 4.1). However, the underlying galaxy hosting the starburst is signif-
icantly more metallic than the starburst. The properties of UGC 2162 make it
a candidate to be one of such host galaxies (i.e., a XMP host galaxy).

Detecting galaxies with the properties of the hosts is essential for consis-
tency, because they are expected if the lopsided starburst is created by external
gas accretion. These hosts are galaxies leftover after a major star-formation
phase, or the precursors of XMP galaxies before a gas accretion event triggers
new star-formation episodes. We have found that UGC 2162 may be one of
them. Moreover, there are also other galaxies populating the high-metallicity
region of the mass metallicity plane (see Sect. 4.3). These objects are usually
underrepresented in emission line galaxy surveys because they are faint, low
surface brightness, and with lines of low equivalent width. However, they may
represent a fundamental phase in the star-formation process of low mass galax-
ies, which have a bursty SF history, with periods of high SF interleaved with
others of inactiveness.

Systematic searches for XMP galaxies based on galaxy spectra provide ob-
jects that usually comply with the definition of Blue Compact Dwarf (BCD)
galaxies (e.g., Kunth & Östlin 2000; Morales-Luis et al. 2011; Sánchez Almeida
et al. 2016). Thus, the XMPs mentioned in this chapter, with luminous lopsided
HII regions, seem to correspond to extreme cases of the more common BCDs.
The same kind of duty cycle hypothetically linking XMPs and UDGs also fits
in the relation between BCDs and their quiescent counterparts (QBCD). BCD
galaxies are metal-poor systems for their stellar mass, presently going through
a star-forming phase. Thus, they are relatively luminous with high surface
brightness. Their outskirt light is dominated by the host galaxy, so that star-
forming regions and host can be separated out (e.g., Amoŕın et al. 2007). Using
the properties of the host galaxies to search for QBCDs, one infers the existence
of a population of QBCDs 30 times more numerous than the BCDs (Sánchez
Almeida et al. 2008). As expected if BCDs and QBCDs alternate their roles
cyclicly, Z? is the same in both types of galaxies, and agrees with Zg in BCDs,
during the star-forming phase of the cycle (Sánchez Almeida et al. 2009). On
the other hand, Zg in QBCDs is significantly larger than in BCDs (0.35 dex),
as if their star-forming gas was already metal enriched. Their duty cycle also
concurs with the luminosity-weighted ages of their respective stellar popula-
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tions, being young in BCDs (∼< 1 Gyr) and older in QBCDs (from 1 to 10 Gy)
(Sánchez Almeida et al. 2009). We hypothesize that the evolution of a single
galaxy might be like this: from an initially quiescent state, with Zg > Z? as
a result of a few Gyr of stellar evolution, and with Z? equal to that in other
quiescent galaxies of the same M?, an accretion event brings in relatively low
metallicity gas with Zg,in < Zg, making a local star formation spot with low
metallicity compared to other regions in the galaxy. This would be the phase
observed as BCD (or XMP) because of the increase in surface brightness and
luminosity caused by star formation. Zg,in is comparable to Z? at the begin-
ning of this phase, but soon after, star formation makes Z? slightly larger than
Zg,in and increases the stellar mass of the galaxy as well. When star formation
stops the galaxy turns quiescent again, increasing Zg over the next few Gyr.
As a result, Zg > Z? in the new quiescent phase, with the stellar metallicity
being greater than it was before, but it still consistent with the mass metallicity
relation as the stellar mass has also increased.

From the point of view of the cosmological simulations of galaxy formation,
low-mass high-metallicity systems are to be expected (e.g., Lagos et al. 2016;
De Rossi et al. 2017; Sánchez Almeida & Dalla Vecchia 2018). Fixed M?, the
galaxies of high SFR have star-forming gas of low metallicity. When this gas
is consumed through SF and outflows, the small fraction that remains forming
stars is contaminated by metals injected during the past SF episodes, and thus,
the leftover gas tends to be fairly metallic. At this point the galaxy is under-
luminous and of low surface brightness. Thus, galaxies like UGC 2162 would
represent systems in the late stages of consuming the gas that led to the last
major outburst. This scenario fits in well the formation processes for UDGs
found in zoom-in cosmological simulations from the Numerical Investigation
of a Hundred Astrophysical Objects (NIHAO) project (Di Cintio et al. 2017).
Some of their objects are UDGs. They reside in isolated haloes, have M? of
107−8.5M�, effective radii larger than 1 kpc, and dark matter cores rather
than cusps. They exhibit a broad range of colors, and a non-negligible Mg of
107−9M�. The presence of gas turns out to be crucial to form UDGs. Gas
needs to be accreted to trigger SF. Then feedback-driven gas outflows, and the
subsequent dark matter and stellar expansion, are the key to reproduce faint
extended galaxies, in a process similar to the creation of dark matter cores in
dwarfs (e.g., Governato et al. 2010). Somehow, dwarf galaxies with particularly
bursty and prolonged SF histories tend to be extended in size, therefore, have
low surface brightness when in between bursts. In a very recent paper, Chan
et al. (2018) reach a similar conclusion, and they also predict the UDGs to have
low Z?.

The need of significant amounts of gas that cycles between the galaxy and
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its surrounding medium seems to be a central ingredient for the creation of
very low surface brightness systems. UGC 2162 is a fairly gas rich object thus
fitting well with the idea. However, for UGC 2162 to be truly consistent with
the picture, its large gas reservoir cannot participate in the present residual
SF. It has to be gas that either will fuel future SF once it settles down onto
the disk, or gas driven out by past SF episodes. If the total mass of gas were
participating in the SF, then according to the Kennicutt-Schmidt relation (K-
S relation; e.g., Kennicutt & Evans 2012) the total SFR of the galaxy9 would
be around 6 × 10−2M� yr−1. The SFR of the main SF knot in UGC 2162 is
around 8.7 × 10−5M� yr−1 (Trujillo et al. 2017), so that even if tens of knots
like this one contribute to the total SF, they will never sum up to give the SFR
expected if all the observed HI mass participates in the SF process.

9Assuming MHI = 1.9 × 109 M� and a HI radius three times the effective radius (i.e.,
5.1 kpc; Trujillo et al. 2017), one gets a surface gas density of 3.3M� pc−2. Then the K-S
relation in Kennicutt & Evans (2012) gives a surface SFR of 6.6×10−4 M� yr−1 kpc−2, which
integrated over the optical galaxy gives a SFR of 6.0 × 10−2 M� yr−1.
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Conclusions and future work

5.1 Summary and conclusions

In this thesis we have explored the properties of Extremely Metal-Poor (XMP)
galaxies in order to better understand the process of cold-flow gas accretion in
the local Universe and to explore different possibilities to constrain it observa-
tionally.

In Chapter 2, I analyse the kinematics along the mayor axis of 9 XMPs,
whose chemical inhomogeneities where first studied in Sánchez Almeida et al.
(2015). Most XMPs have rotational velocity of around a few tens of km s−1.
They also present turbulent motions of typically 50 km s−1 FWHM, thus larger
than the rotational velocities. The star-forming regions appear to move co-
herently. The velocity is constant within each region, and the velocity dis-
persion sometimes increases within the star-forming clump towards the galaxy
midpoint, suggesting inspiral motion toward the galaxy center. Other regions
present a local maximum in velocity dispersion at their center, suggesting a
moderate global expansion. No obvious relationship was found between the
kinematic properties and the metallicity drops. Contrary to the metallicity, the
N/O ratio remains constant along the galaxy, as expected in the metal-poor gas
accretion scenario. The Hα line wings show a number of faint emission features
with amplitudes around a few percent of the main Hα component, and wave-
length shifts between 100 and 400 km s−1. The components are often paired,
so that red and blue emission features with similar amplitudes and shifts ap-
pear simultaneously. The mass associated to those components ranges between
10 and 105 M�. Assuming the faint emission to be produced by expanding

137



138 Chapter 5. Conclusions and future work

shell-like structures, we infer a mass loss rate between 10−2 and a few M� yr−1

and a mass loading factor (mass loss rate divided by star formation rate) that
exceeds 10. Since the expansion velocity of the faint emission features exceeds
by far the rotational and turbulent velocities, the gas involved in the expansion
may eventually escape from the galaxy disk. The observed motions involve
energies consistent with the kinetic energy released by individual core-collapse
supernovae. Alternative explanations for the faint emission were considered
and discarded.

In Chapter 3, I present a proof-of-concept observation to detect faint Hα
emission around an XMP galaxy (UM 260) using deep images taken with the
10-m GTC telescope. The images were obtained with two filters: one broad-
band (BB) filter for the continuum and one medium-band (MB) filter for the
line emission (Hα at the redshift of the target galaxy). The observing strat-
egy and the reduction process were aimed at minimising the noise of the sky
residual, which is the main limiting factor in the detection of faint sources.
The images reach a magnitude limit of 28.8 mag arcsec2 in the BB filter and
28.2 mag arcsec2 in the MB filter (3σ, 10 arcsec box). I detect emission line-
dominated objects all around the FOV, whose presence have been confirmed
using independent detection methods. A total of 96 blobs were identified, of
which 63 (66%) have a reliable detection in Hα. The measured Hα flux of the
blobs is around 10−17 erg/s/cm2. Assuming that the detected emission is pro-
duced by recombination of H, and that the gas temperature and density are the
typical of the CGM (Te ' 104 K, ne ∼ 0.01 cm−3), I obtain gas masses for the
emitting clumps of around 106 M�. No evident correlation was found between
the mass of the object and the distance from the target galaxy. However we
find that the distribution of azimuth of the blobs is not uniform, indicating that
there is a preference for the blobs to be along certain directions with respect
to the target galaxy. I also detect a low surface brightness emission halo sur-
rounding the target galaxy. The total flux of the halo, defined by the elliptical
apertures enclosed within 10 and 25 arcsec from the center of the galaxy, is
4.0 ± 0.7 ×10−16 erg s−1 cm−2 over an area of 0.33 arcmin2. With the same
assumptions as with the blobs, the total mass of the halo is 6 ± 1 × 107 M�.
The resulting signals are interpreted in terms of the gas in the CGM and IGM
around the galaxy, as well as high redshift contaminants.

In Chapter 4, I study the ultra-diffuse galaxy (UDG) UGC2162 with the
purpose of finding a galaxy sharing the properties of an XMP host but with-
out the low metallicity starburst. I measure the high metallicity of UGC 2162
(12 + log[O/H] = 8.52+0.27

−0.24) using spectra taken with the 10-m GTC telescope.
UGC 2162 has the stellar mass, metallicity, and star-formation rate (SFR) sur-
face density expected for a host galaxy in between outbursts. This fact suggests
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a physical connection between some UDGs and the metal-poor galaxies, which
may be the same type of object in a different phase of the SF cycle. UGC 2162
is a high-metallicity outlier of the mass-metallicity relation, a property shared
by the few UDGs with known gas-phase metallicity.

In the search for observational evidence, we drew a list of potential tar-
gets for observations. In Appendix A, I selected XMP galaxies with non-
axisymmetric structures and made a classification based on their morphology.
This list will be used in the future for more observing proposals.

Central results of the thesis

The most important results described in this thesis are high-
lighted here:

• I found expanding shell-like structures in XMPs with a mass
loading factor that exceeds 10. It reveals how inefficient dwarf
galaxies are at using the gas to form stars, as most of it es-
capes due to stellar feedback.

• I detected a low surface brightness halo in Hα and 63 emis-
sion line-dominated objects surrounding an XMP galaxy, the
latter with a preference to be along certain directions. This
proof-of-concept observation opens up new possibilities for
studying the CGM and IGM of local galaxies through deep
Hα imaging.

• I provide a list of XMP galaxies with distorted morphology,
which are ideal for follow up observations in Hα aimed at
detecting their CGM and IGM.

• I characterized an ultra-diffuse galaxy UGC2162 that shares
the properties of an XMP host without the low metallicity
starburst. They are the kind of galaxy expected before or af-
ter a gas accretion event. This had not been observed before.

5.2 Future work

As a follow-up work from the thesis, I plan to work on,
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• Studying if XMPs are low-mass analogues of high-redshift clumpy galax-
ies, as both are growing through gas accretion. It would need to take into
account the different physical conditions in both redshift regimes and the
observational biases that affect them.

• To take spectra of the emission line-dominated objects identified in Chap-
ter 3. These observations will allow us to confirm the existence of diffuse
line emission around UM260, to infer the redshift of such emission, and
to constraint the physical properties of the emitting gas. We can infer
the kinematics from the brightest emission line and the metallicity from
line ratios.

• To continue observing the galaxies selected in Appendix A, following the
same observing strategy as in Chapter 3, with a spectroscopic follow-up
to measure the properties of the detected objects.

• To measure the metallicity of UDGs, to confirm whether all of them can
be precursors of XMPs. The stellar metallicity of UDGs is also important,
and it should be much lower than that of the gas in the framework of the
interpretation defended in the thesis.



A
XMP galaxies in IAC Stripe 82

Legacy Project

The work described in this appendix was carried out during the first months of
the PhD. The purpose was twofold: first, to become familiar with the sample
of XMPs, their properties, like colors and morphology; second, to produce a
list of potential targets for future observations (for example the observations
described in Chapter 3)

A.1 Description of IAC Stripe 82 Project

The target for the observations was chosen from previous searches of XMPs in
the SDSS spectrum catalog (Morales-Luis et al. 2011; Sánchez Almeida et al.
2016). In order to select the optimal target for the observation, we decided to
look for XMPs with distinct non-axisymmetric structures in the deep images
of the IAC Stripe 82 Legacy Project.

The IAC Stripe 82 Legacy Project led by Trujillo and Fliri (Fliri & Trujillo
2016) gathers several observations of the Stripe 82 made by SDSS, reprocesses
them and makes them available to the public1. Among other improvements
with respect to the standard SDSS Stripe 82 (Jiang et al. 2008; Abazajian
et al. 2009), they carried out a particular careful sky removal, leading to final
images showing more low surface brightness structures. The images are in the

1http://www.iac.es/proyecto/stripe82/
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standard SDSS filters (u, g, r, i, z), each composed of 30 − 100 stacked images,
making them ∼2 magnitudes deeper than standard SDSS images. In the sky
covered by Stripe 82 (310◦ < RA < 60◦ and −1.25◦< DEC < 1.25◦), I find
∼23% of the objects in the XMP lists, described below.

A.2 Classification of interesting targets

The first list I use is gathered from Morales-Luis et al. (2011). The list comes
from merging the two tables present in the paper. The second list comes from
Sánchez Almeida et al. (2016). In this paper there are 2 tables, and we chose
the larger one to have more targets. This table is less restrictive than the
other one available in the paper, because to estimate metallicity, the authors
use emission lines with fluxes only twice above the noise level. Galaxies were
selected based on the faint line [O III]λ4363, therefore, lowering the detection
threshold tends to include more XMP galaxies in the list. The mere presence
of [O III]λ4363 is a hint for metal poor gas in the emitting region.

From these lists, we selected the galaxies that can be observed in the Stripe
82 field that corresponds to the coordinate range: 310◦ < RA < 60◦ and
−1.25◦< DEC < 1.25◦. These lists contain 141 and 332 objects, respectively,
from which we recover a total of 107 objects in Stripe 82, i.e., ∼ 23% of the
parent XMP sample.

I downloaded the images of each of those galaxies in each filter from the
webpage of the project2. I smoothed the images of each galaxy with a gaussian
filter of FWHM 9.4 pix (3.7 arcsec). I also made high contrast images by sub-
tracting the smoothed image from the original image. I visually inspected the
images of each galaxy: the smoothed ones to look for large scale patterns and
the high contrast ones to look for small scale patterns. In the smoothed images,
the presence of galactic cirrus is enhanced. The galactic cirrus are dust clouds
in the Milky Way that should be avoided in our observations because they are
an unwanted source of noise and complicate the sky subtraction process. In
the high contrast images we can see faint substructures near to or hidden by
brighter objects.

I also made color composite images using the filters g, r & i to resemble
SDSS colors. This was done with an IDL procedure3 described in Lupton et al.
(2004). This allow us to discriminate red background sources near our XMP
targets that could be misidentified as neighbours.

I selected XMP galaxies considered to be interesting for future observations

2http://www.iac.es/proyecto/stripe82/
3http://cosmo.nyu.edu/hogg/visualization/
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according to various criteria. These will be described in the following subsec-
tions, where I also show images of the most representative galaxies within each
category, and a table summarizing the properties of all the potential targets
(Table A.1).

A.2.1 Galaxies with extended diffuse emission

The XMP galaxies selected in this category present extended emission beyond
the main star forming region. Some of them are roundish whereas others present
a more elongated morphology. Most of the XMPs have little blobs around with
color similar to the galaxy. These blobs may be companions or satellites.

Examples of galaxies selected under this category are shown in Fig. A.1.
The whole list of them are included in Table A.1, marked in the column Clas-
sification as diffuse.

Figure A.1: Examples of galaxies with extended diffuse emission. Custom made color
composition images based on IAC Stripe 82 Legacy Project g, r and i filters. The field
of view in each image is 1.5 × 1.5 arcmin2. These images had been tweaked to appear
brighter and be seen clearly in the printed version.
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A.2.2 Galaxies with two SDSS spectra

The galaxies in this category are spiral galaxies with two SDSS spectra: one in
the center of the galaxy and the other at a star forming region in the outer part
of the galaxy. The latter provides the rationale for the galaxy to be selected
as XMP. These two spectra can be used to infer metallicity gradients. It is
interesting to know how far from the galaxy center it is possible to form HII
regions with such low metallicity.

Examples of galaxies selected under this category are shown in Fig. A.2.
The whole list of them are included in Table A.1, marked in the column Clas-
sification as multi-spectra.

Figure A.2: Examples of galaxies with several SDSS spectra. Custom made color
composition images based on IAC Stripe 82 Legacy Project g, r and i filters. The field
of view in each image is 1.5 × 1.5 arcmin2.
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A.2.3 Galaxies with elongated morphology

The galaxies in this category have an elongated morphology, with the mayor
axis two or three times the minor axis. In most of them, a particularly bright
star forming region stands out. Often there is a mismatch between the elon-
gated part and the long axis of the galaxy. They may correspond to on-going
mergers.

Examples of galaxies selected under this category are shown in Fig. A.3.
The whole list of them are included in Table A.1, marked in the column Clas-
sification as elongated.

Figure A.3: Examples of galaxies with elongated morphology. Custom made color
composition images based on IAC Stripe 82 Legacy Project g, r and i filters. The field
of view in each image is 1.5 × 1.5 arcmin2.
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A.2.4 Galaxies with fragmented/clumpy morphology

The galaxies in this category have a fragmented morphology, formed by clumps
of different size, close together with same color. They may trace mergers, or a
few star-forming regions on an undetected faint host galaxy.

Examples of galaxies selected under this category are shown in Fig. A.4.
The whole list of them are included in Table A.1, marked in the column Clas-
sification as fragmented.

Figure A.4: Examples of galaxies with fragmented/clumpy morphology. Custom
made color composition images based on IAC Stripe 82 Legacy Project g, r and i
filters. The field of view in each image is 1.5 × 1.5 arcmin2.
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A.2.5 Galaxies with possible companions

The galaxies in this category have very near an object of similar size and color,
which may be a companion. They also have little blobs around. They may
portray a group of galaxies.

Examples of galaxies selected under this category are shown in Fig. A.5.
The whole list of them are included in Table A.1, marked in the column Clas-
sification as companions.

Figure A.5: Examples of galaxies with possible companions. Custom made color
composition images based on IAC Stripe 82 Legacy Project g, r and i filters. The field
of view in each image is 1.5 × 1.5 arcmin2.
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Table A.1: Properties of potential targets.

RA DEC Classification Redshift 12+log(O/H) Distance e Size f log M∗
[dex] [Mpc] [kpc] [M�]

21:26:58.0 −00:32:27.9 diffuse 0.0877 c 7.66 ± 0.17 c 375.9 2.79 9.47+0.31
−0.44

h

22:50:59.3 +00:00:33.0 diffuse 0.0808 c 7.68 ± 0.15 c 346.3 1.31 8.10± 0.04 g

23:20:29.4 +00:19:37.2 diffuse 0.0251 c 7.53 ± 0.22 c 107.8 1.10 8.27+0.28
−0.38

h

00:16:28.2 +01:08:02.0 diffuse 0.0104 c 7.32 ± 0.20 c 44.6 0.37 7.64+0.29
−0.40

h

00:29:04.7 −01:08:26.0 diffuse 0.013 a 7.35 d 55.7 0.70 7.88+0.30
−0.46

h

00:29:49.5 −00:25:40.0 diffuse 0.014 a 7.29 d 60.0 0.60 6.88+0.26
−0.34

h

∗ 00:37:41.1 +00:33:20.2 diffuse 0.0145 c 7.67 ± 0.16 c 62.1 0.51 7.73± 0.014 g

02:44:29.0 +00:07:41.4 diffuse 0.0355 c 7.63 ± 0.15 c 152.1 1.98 8.34+0.29
−0.39

h

03:03:31.3 −01:09:47.0 diffuse 0.030 a 7.48 b 128.6 1.27 8.33+0.29
−0.38

h

03:02:44.7 +00:12:24.3 diffuse 0.1155 c 7.68 ± 0.17 c 495.0 1.78 9.61+0.31
−0.43

h

03:10:24.3 +00:28:58.7 diffuse 0.1411 c 7.58 ± 0.22 c 604.7 3.77 9.94+0.31
−0.43

h

03:16:04.2 −00:43:47.1 diffuse 0.0371 c 7.57 ± 0.21 c 159.0 2.07 9.11+0.32
−0.49

h

03:16:45.0 +01:05:03.3 diffuse 0.1659 c 7.65 ± 0.18 c 711.0 3.24 9.84+0.30
−0.41

h

01:53:14.9 −00:56:33.6 multi-spectra 0.0598 c 7.57 ± 0.22 c 256.3 0.70 7.58± 0.08 g

02:37:38.3 −00:54:15.4 multi-spectra 0.0387 c 7.58 ± 0.23 c 165.9 4.31 9.40+0.31
−0.42

h

02:53:06.5 +01:09:44.9 multi-spectra 0.0589 c 7.56 ± 0.22 c 252.4 3.52 9.06+0.14
−0.12

h

02:54:55.1 +00:06:31.9 multi-spectra 0.0141 c 7.28 ± 0.23 c 60.4 1.49 8.34+0.31
−0.44

h

21:04:55.3 −00:35:22.0 elongated 0.005 a 7.05 d 21.4 0.25 6.19+0.03
−0.07

h

21:28:55.9 +00:03:25.7 elongated 0.0309 c 7.62 ± 0.19 c 132.4 1.55 7.91+0.08
−0.08

h

23:35:40.7 −00:25:33.1 elongated 0.0767 c 7.58 ± 0.21 c 328.7 1.64 9.27+0.12
−0.07

h

23:34:14.8 +00:29:07.3 elongated 0.0238 c 7.66 ± 0.15 c 102.0 1.06 8.07+0.07
−0.07

h

23:40:44.3 −00:53:14.9 elongated 0.0191 c 7.31 ± 0.19 c 81.9 1.44 7.84+0.07
−0.08

h

00:15:20.7 +01:04:37.0 elongated 0.007 a 7.07 d 30.0 0.42 7.46+0.29
−0.38

h

01:38:35.0 +00:20:05.1 elongated 0.0170 a 7.29 ± 0.18 c 72.9 0.89 8.00+0.29
−0.39

h

01:58:09.3 −00:06:38.0 elongated 0.012 b 7.75 b 51.4 0.66 7.89+0.28
−0.37

h

03:38:11.8 +00:13:13.0 elongated 0.043 a 7.64 d 184.3 1.05 7.74± 0.04 g

22:11:17.9 +00:48:05.0 fragmented 0.0646 c 7.56 ± 0.21 c 276.9 1.36 9.09+0.31
−0.42

h

22:12:26.9 +01:08:35.3 fragmented 0.2101 c 7.59 ± 0.20 c 900.4 6.85 10.01+0.30
−0.40

h

02:13:57.7 −00:02:55.7 fragmented 0.0364 c 7.53 ± 0.20 c 156.0 1.19 8.43+0.29
−0.38

h

03:31:28.5 +00:37:37.4 fragmented 0.0494 c 7.69 ± 0.17 c 211.7 1.27 8.71± 0.02 g

23:58:52.5 +00:47:35.3 companions 0.0604 c 7.55 ± 0.21 c 258.9 1.21 8.99+0.18
−0.10

h

00:21:03.0 −01:01:41.2 companions 0.2170 c 7.57 ± 0.24 c 930.0 4.47 10.21+0.32
−0.46

h

02:00:08.7 +00:27:50.4 companions 0.0235 c 7.64 ± 0.18 c 100.7 0.75 8.38+0.29
−0.40

h

a Redshift from SDSS DR12
b Redshift and metallicity from Morales-Luis et al. (2011)
c Redshift and metallicity from Sánchez Almeida et al. (2016)
d Metallicity from Guseva et al. (2009)
e Redshift distance, calculated as D = cz/H0, where H0 = 70 km s−1 Mpc−1

f Size derived from parameter petroR50 of SDSS DR12
g Stellar mass derived from photometry colors, using Table 1 from Bell & de Jong (2001) and the solar
magnitude from Willmer (2018). The errorbars are propagated from the color errors and do not take
into account the uncertainty of the coefficients of the calibration in Bell & de Jong (2001)
h Total stellar mass from catalogue MPA-JHU(Brinchmann et al. 2004; Salim et al. 2007). These values
agree with the stellar mass derived from colors, within the errorbars provided in the catalogue.
∗ Also known as UM260, it is the target of the observations described in Chapter 3
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Acronyms

Table B.1: Description of the acronyms used in this thesis.

Acronym Meaning

AGN Active Galactic Nuclei
ALFA Arecibo L-band Feed Array

ALFALFA The Arecibo Legacy Fast ALFA Survey
ASK Automatic Spectral K-means classification of galaxies
BB Broad-Band

BCD Blue Compact Dwarf
BH Black Hole

CCD Charge-Coupled Device
CGM Circumgalactic Medium
CIB Cosmic Ionizing Background

CWL Central Wavelength
DM Direct Method

DR7/9/12 Data Release 7/9/12
ETC Exposure Time Calculator
EW Equivalent Width

FMR Fundamental Metallicity Relation
FOV Field of View
FUV Far Ultraviolet

FWHM Full Width at Half Maximum
GALEX Galaxy Evolution Explorer

GTC Gran Telescopio Canarias
HCm HII-CHI-mistry

HIPASS HI Parkes All Sky Survey
HST Hubble Space Telescope
IAC Instituto de Astrof́ısica de Canarias

Continued on next page
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Table B.1 – Continued from previous page

Acronym Meaning

IDL Interactive Data Language
IGM Intergalactic Medium
IMF Initial Mass Function

IRAF Image Reduction and Analysis Facility
ISIS Intermediate dispersion Spectrograph and Imaging System
ISM Interstellar Medium

LARS Lyα Reference Sample
LF Luminosity Function

LOS Line Of Sight
MAD Median Absolute Deviation
MB Medium-Band

MOSFIRE Multi Object Spectrometer for Infra Red Exploration
MW Milky Way
MZR Mass-metallicity(Z) Relation
NASA National Aeronautics and Space Administration
NED NASA/IPAC Extragalactic Database

NIHAO Numerical Investigation of a Hundred Astrophysical Objects
NUV Near Ultraviolet
ORM Observatorio del Roque de los Muchachos

OSIRIS Optical System for Imaging and low-Intermediate-
-Resolution Integrated Spectroscopy

PSF Point Spread Function
QBCD Quiescent Blue Compact Dwarf
RMS Root Mean Square

SCAMP Software for Calibrating AstroMetry and Photometry
SDSS Sloan Digital Sky Survey
SED Spectral Energy Distribution
SF Star Formation

SFR Star Formation Rate
sSFR Specific Star Formation Rate

SHARDS Survey for High-z Absorption Red and Dead Sources
SINFONI Spectrograph for INtegral Field Observations in the Near Infrared

SINS Spectroscopic Imaging survey in the Near-infrared with SINFONI
SKA Square Kilometer Array

SN, SNa, SNe Supernova, Supernovae
SNR, S/N Signal to Noise Ratio

UDG Ultra Diffuse Galaxy
UGC Uppsala General Catalogue of Galaxies
UV Ultraviolet

WHT William Herschel Telescope
WISE Wide-field Infrared Survey Explorer
XMP eXtremely Metal-Poor
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Kehrig, C., Vı́lchez, J. M., Pérez-Montero, E., et al. 2015, ApJ, 801, L28



158 BIBLIOGRAPHY

Keller, B. W., Wadsley, J., Benincasa, S. M., & Couchman, H. M. P. 2014,
MNRAS, 442, 3013

Kennicutt, R. C., & Evans, N. J. 2012, ARA&A, 50, 531

Kennicutt, Jr., R. C. 1998, ARA&A, 36, 189
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